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Abstract

We discuss two important research avenues in astroparticle physics: dark matter

and neutrinos. We discuss both direct and indirect detection of dark matter. We

calculate the signatures of dark matter annihilation from galaxy clusters in neutri-

nos. We show the constraints on dark matter annihilation from radio measurements

near the Galactic Center. We consider the dark matter annihilation contribution to

the isotropic diffuse gamma-ray background and show how to determine the mini-

mum dark matter halo mass for a given dark matter mass and annihilation channel.

Motivated by recent hints on dark matter self-interactions, we calculate the nuclear

recoil spectrum from a bound state dark matter scattering with a nuclei at rest in

a dark matter direct detection experiment. We discuss non-standard interactions of

neutrinos and astrophysical neutrino detection in the second part of the thesis. We

derive strong constraints on a light Abelian gauge boson coupling to Standard Model

leptons. In light of the recent detection of high energy neutrinos in IceCube, we

discuss the cascade detection of high energy astrophysical neutrinos in IceCube and

point out the benefits of this detection channel. We propose a new method to detect

supernova νe in gadolinium loaded Super-Kamiokande detector and show that it can

be used to measure the supernova νe spectrum to ∼ 20% accuracy.
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Chapter 1

Introduction

Physicists try to explain natural processes in our Universe in terms of a few under-

lying principles. In this quest of understanding the Universe, they have surprisingly

discovered that observations of some of the largest scales of the Universe can give in-

formation about the smallest scales of elementary particles. Similarly, many complex

astrophysical phenomena can be explained as arising from simple elementary particle

interactions. This fruitful connection between astrophysics and particle physics is

utilized in the field of astroparticle physics.

In this thesis, we study dark matter and neutrinos. Both are weakly interacting

and hence great experimental efforts are required to detect them. Theoretical knowl-

edge of astrophysics and particle physics is also needed to help optimize searches and

interpret the results.

1.1 Dark matter

Dark matter is a hypothesized long-lived particle that makes up the “missing

mass” of the Universe. Multiple lines of evidence show that nonrelativistic visible

matter constitutes only about ∼ 20% of the total matter in the Universe. Dark matter

has been detected through galactic rotation curves, cosmic microwave background
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experiments [9], galaxy cluster collisions [48], big bang nucleosynthesis [49], and

numerous other observations.

Rotation curves in galaxies can be fit only if one assumes a dark matter component

in addition to the visible matter. An example of such a rotation curve for the Milky

Way is given in the left panel of Fig. 1.1 [8]. Multiple data sets [50–52] are used in the

plot to show that a contribution due to a dark matter halo is required to accurately

match the observations. Data from cosmic microwave background experiments [53,54]

clearly show the need of dark matter to fit the temperature power spectrum in addition

to other measurements. It is shown in the right panel of Fig. 1.1 that the model of

the cosmos including dark matter gives an excellent fit to the data [9]. Although the

plot shows the data from the WMAP satellite [54], the more recent data from the

Planck satellite agrees with it.

Dark matter is assumed to be composed of a weakly interacting massive parti-

cle that has no direct interactions with the electromagnetic spectrum. There are

many particle physics candidates of dark matter and their mass ranges over orders of

magnitude. A variety of experimental searches are performed in order to detect the

dark matter particle. Due to the extremely large range in the possible dark matter

mass and its possible coupling to Standard Model particles, the different classes of

experiments that aim to detect dark matter are fundamentally different [55, 56].

The most widely studied type of dark matter is one in which the dark matter mass

is between a few GeV to a few TeV and has weak scale couplings with Standard Model

particles. In this paradigm, the dark matter particle can be detected in a variety of

ways. The relic density of dark matter, which is measured very precisely by cosmic

microwave background experiments, is inversely proportional to the annihilation cross

section. In the above scenario, the calculated relic density of dark matter matches

observations [10]. It is this remarkable coincidence that has led many physicists into
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investigating thoroughly the particle properties of dark matter that has the above

mentioned properties.

The variation in the dark matter density with inverse temperature is shown in

Fig. 1.2. The figure is taken from Ref. [10] and shows an accurate calculation of the

dark matter relic density for different dark matter masses. The cross section required

to achieve the relic density sets a scale for different dark matter indirect detection

experiments.
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4



There are three different ways to detect dark matter particles with the above-

mentioned properties. Colliders can produce these as “missing energy”. Producing

dark matter in colliders would enable precision measurements of the couplings to

Standard Model particles. However the colliders cannot give any information on the

lifetime of the long-lived particles, as it only takes a fraction of a second for a dark

matter particle to travel out of the collider. In other words, although colliders can

produce dark matter particles quite efficiently, they cannot determine that any new

neutral particle makes up the dark matter of the Universe.

Indirect detection of dark matter experiments search for Standard Model particles

from dark matter annihilation. Indirect detection allows us to infer dark matter

couplings to Standard Model particles and the dark matter distribution in our Galaxy

and other parts of the Universe. If dark matter has a finite lifetime, we can also

learn about the lifetime of dark matter particles using indirect detection. Indirect

detection of dark matter suffers from very extensive astrophysical backgrounds, but

improvements in detector sensitivity and astrophysical background modeling have

ensured that we are ready for a discovery. All long-lived Standard Model particles are

searched for as products of annihilation or decay of dark matter and the optimization

of the various experiments is an important issue [57].

Searches for indirect detection of dark matter in gamma-rays is made by the Fermi-

LAT collaboration [58], HESS collaboration [59], VERITAS collaboration [60] and

the MAGIC collaboration [61]. Neutrinos from indirect detection of dark matter are

searched by the IceCube collaboration [11]. Strong constraints on dark matter anni-

hilation can also be obtained from positron [62] and antiproton [63] measurements.

The various different targets include the Galactic Center, dwarf galaxies, and the

neighboring galaxy clusters. A recent collection of constraints on the dark matter
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Figure 1.3: Constraints on dark matter properties from indirect and direct detection
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gamma-rays and neutrinos from various different experiments. The figure is taken
from Ref. [11]. (Right panel) Constraints and future projections on dark matter
spin-independent cross section. The figure is taken from Ref. [12]

annihilation cross section is shown in the left panel in Fig. 1.3. The figure is taken

from Ref. [11].

A direct way to measure local dark matter particles is to search for nuclear recoils

that occur due to collisions of dark matter particles with nuclei at rest. Such direct

detection experiments, which look for keV-range nuclear recoils, have made rapid

experimental progress recently. Understanding the background for such low energy

experiments is a challenge. The direct detection of dark matter is sensitive to the

local density and velocity distribution of dark matter. The detection is further com-

plicated by the various different kinds of recoil spectra that can arise from different

couplings of dark matter to Standard Model particles. There are many different kinds

of experiments and a collection of constraints is shown in the right panel of Fig. 1.3.
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In addition to these three avenues, precise astrophysical observations of dark mat-

ter dominant systems like dwarf galaxies can give us information about the nature of

dark matter. The dark matter profile in dwarf galaxies, and their number and rota-

tional speed around their host galaxy, can give us information about self-interaction

properties of cold dark matter candidates. Although baryonic processes can also give

rise to non-standard properties in dwarf galaxies, nonetheless stringent constraints

can be derived from these astrophysical observations [8, 64].

In spite of this multi-pronged approach to detecting dark matter, we still do not

know its non-gravitational properties. Due to the unknown nature of the particle,

many experimental anomalies have been pointed out as signatures of dark matter,

but invariably – so far – they turn out to be due to standard physics or instrumental

effects.

We discuss the indirect and direct detection of dark matter in this thesis. In

Chapter 2, we calculate the constraints on dark matter from the search for neutrinos

from dark matter annihilation in galaxy clusters. We show that the optimization of

the search region can yield improved constraints [1]. The search conducted by the

IceCube collaboration agrees with the results presented in the paper.

In Chapter 3, we present the constraints on dark matter annihilation from syn-

chrotron signals at the Galactic Center. We consider the corresponding synchrotron

signal that can arise due to dark matter annihilation to γ − Z channel or γ − h

channel. We show that stringent constraints can be imposed on these annihilation

channels using present and near future data [2].

In Chapter 4, constraints on dark matter annihilation from isotropic diffuse gamma-

ray background is used to constrain the minimum dark matter halo mass. The min-

imum dark matter halo mass depends on the dark matter scattering properties and

can be a stringent constraint on any particle physics model of dark matter [5].

7



In Chapter 5, we consider the nuclear recoil spectrum from bound state dark

matter scattering with nuclei in a dark matter direct detection experiment. The

bound state arises from a near threshold resonance and is motivated by astrophysical

hints of strong self-interaction of dark matter. The model considered is extremely

predictive as all the properties of dark matter are controlled by the large s-wave

scattering length [6].

1.2 Neutrinos

In the second part of the thesis, we discuss the work done on neutrinos. These

include the constraints on non-standard properties of neutrinos and the detection of

high energy and low energy neutrinos from astrophysical sources. Neutrinos are the

most elusive Standard Model particles. Neutrinos were postulated to be massless in

the Standard Model, but recent experiments have conclusively proved that they have

mass. This beyond the Standard Model result has opened up many different avenues

into investigating the properties of neutrinos in more detail. In spite of their weak

interactions, neutrinos play a central role in many astrophysical processes. Detecting

neutrinos is the only way to completely understand many astrophysical phenomena.

Neutrinos were first introduced by W. Pauli in 1930 as a “desperate” attempt

to save the law of conservation of energy. In spite of the skepticism by Bethe and

Peierls [65], the neutrino was definitively detected 26 years after Pauli’s hypothesis

[66]. Corresponding to the three charged leptons, there are three neutrino species:

νe, νµ and ντ . These flavor eigenstates of the neutrino do not coincide with the mass

eigenstates but are related to each other by the Pontecorvo-Maki-Nakagawa-Sakata

(PMNS) mixing matrix. The PMNS mixing matrix is parametrized by three Euler

angles, called the mixing angles, θ12, θ23 and θ13, and, depending on the Dirac or

Majorana nature of the neutrinos, 1 or 3 CP violating phases. The mass eigenstates
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are labelled as ν1, ν2 and ν3 with masses m1, m2 and m3 respectively. If the masses

are such that m1 < m2 < m3, then the mass hierarchy is known as normal mass

hierarchy, whereas if the masses are such that m3 < m1 < m2, then it is known as

inverted mass hierarchy [67].

The fact that neutrinos experience only weak interactions also makes them great

probes of the inner details of very dense objects. In perhaps one of the earliest con-

nections between particle physics and astrophysics, it was realized that neutrinos

would enable us to get knowledge about the internal structure of dense astrophysical

objects like stars or SNe. Neutrinos are also essential to gain knowledge about the

acceleration mechanism for cosmic rays. Neutrinos are important in early universe

cosmology and have an essential role to play in helping us know about the origin of

matter-antimatter asymmetry in the Universe. On the other hand, the weak interact-

ing nature of the neutrino also makes it very challenging to detect. Fortunately, the

most important neutrino sources in nature emit neutrinos in prodigious amounts and

this partially compensates for the small interaction cross section of the neutrinos.

The Sun is a source of neutrinos of energy ∼ 1 – 10 MeV. The nuclear reactions

that power the Sun were first discussed by Bethe [68]:

4 p → 4He + 2 e+ + 2 νe . (1.1)

The only direct way to check the validity of this reaction is to look deep inside the

core of the Sun where this reaction takes place. The electromagnetic radiation that

comes out of this reaction is absorbed, scattered, reabsorbed and rescattered on its

way out of the Sun and carries no information about this reaction. The only way to

“see” the interior of the Sun is to detect the neutrinos emitted from this reaction [69].

The first experiment [70] to search for these neutrinos, carried out at the Homestake

9



Gold Mine (known as the Homestake experiment), used the radiochemical reaction

νe + 37Cl → 37Ar + e− . (1.2)

Various other reactions were used to search for the solar neutrinos. GALLEX/GNO [71]

used and SAGE [72] uses the reaction

νe + 71Ga → 71Ge + e− . (1.3)

While the Cl reaction has a threshold of 814 keV, the Ga reaction has a threshold of

233 keV, so these two reactions are sensitive to different parts of the solar neutrino

spectrum (Fig. 1.4). None of these experiments provided have any information on the

timing and direction of the solar neutrinos that they detected. A real time and direc-

tional detection of solar neutrinos was first done by the Kamiokande experiment [73]

which used the optical Cherenkov radiation technique to detect neutrinos

να + e− → να + e− , (1.4)

where the generic flavor index, α, implies that all flavors of the neutrinos take part

in this reaction. The electron, which produces the Cherenkov radiation in this elastic

scattering reaction, is scattered predominantly in the forward direction. Since one

knows the position of the Sun on the sky, this directional information is extremely

useful in reducing the backgrounds. Using this information, the likely neutrino events

can be tagged in real time one-by-one. Unlike the previous experiments, where only

the νe takes part in the reaction, all flavors of neutrinos take part in this reaction.

The cross section for νe − e scattering is ∼ 6 times larger than the cross section for

νµ − e and ντ − e scattering, and so this reaction predominantly detects the solar
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νe. Although there is no threshold for this elastic scattering reaction, the background

considerations do put a limitation on the lowest energy electron that can be detected.

The typical threshold for detection of solar neutrinos in modern water Cherenkov

detectors is ∼ 5 MeV. Modern liquid scintillator detectors also use this reaction to

detect the solar neutrinos. Presently these detectors have a much smaller threshold

of about ∼ 800 keV.

The solar neutrino spectrum is shown in Fig. 1.4. This figure is taken from

Ref. [13]. For many years there was a discrepancy between the theoretically expected

solar neutrino flux and the experimentally measured flux [13]. It was finally shown

by the Sudbury Neutrino Observatory that the discrepancy is due to neutrino oscilla-

tions [74,75]. Latest measurements by the Super-Kamiokande collaboration [76] and

the Borexino collaboration [77] strengthen the evidence of neutrino mass from solar

neutrino measurements. All these measurements present one of the strongest pieces

of evidence of new physics.

Another prodigious source of neutrinos is the interaction of cosmic rays with the

Earth’s atmosphere [78]. Hadronic interactions between cosmic rays and atmospheric

nuclei produce pions and kaons that decay to produce neutrinos. These neutrinos

are called atmospheric neutrinos and they have been measured by many different

neutrino experiments in a large energy range [79]. Atmospheric neutrinos were used

by Super-Kamiokande to prove neutrino oscillations and hence the first direct evidence

of neutrino mass [80]. Atmospheric neutrinos have been measured up to hundreds of

TeV [14,45]. Fig. 1.5 shows the latest measurement of the atmospheric νe and νµ by

various different experiments. This figure is taken from Ref. [14].

In this thesis we concentrate on the IceCube neutrino telescope and the Super-

Kamiokande detector. These two are the biggest detectors of their kind and they can

detect the largest numbers of high-energy (& 100 GeV) and medium energy (& few

11



Figure 1.4: The predicted solar neutrino energy spectrum. The fluxes for the contin-
uum sources are given in units of number of neutrinos cm−2 s−1 MeV−1 at the Earth’s
surface whereas for the line sources the units are number of neutrinos cm−2 s−1. The
CNO flux is not shown for clarity. The figure is taken from Ref. [13].
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MeV) astrophysical neutrinos, respectively. Both these detectors detect neutrinos via

Cherenkov radiation from charged particles produced in neutrino interactions.

The IceCube neutrino telescope is a km3 neutrino detector located in Antartica

[81]. It is composed of 86 strings, each of which has many photomultiplier tubes

attached, embedded deep in the ice. Neutrino interactions inside or in the vicinity

of the detector can produce charged leptons and hadrons that are detected via the

Cherenkov radiation. The nominal threshold for detection in IceCube is & 100 GeV.

A central denser array of strings, known as DeepCore, can detect neutrinos with

energies & 10 GeV and has been used for neutrino oscillation measurements [82].

Recently IceCube has detected neutrinos of high energy (& 50 TeV) that cannot

be accounted for by the standard conventional atmospheric neutrino flux. The at-

mospheric prompt neutrino flux also cannot explain all the events due to stringent

constraints. It is highly likely that these neutrinos are the first high energy astro-

physical neutrinos. These neutrinos do not coincide with any optical transient and

there is no clustering in the sky. Much more data is required to answer some of the

questions raised by this detection, but the successful detection of these events give us

hope that we will be able to solve many outstanding astrophysical problems. We show

the energy spectrum of these events in Fig. 1.6. This figure is taken from Ref. [15].

The Super-Kamiokande neutrino detector is located in Japan and specializes in

detecting neutrinos with energies above a few MeV to about 100 GeV. It is a 50 kton

water detector in a large underground facility [83]. Similar to IceCube, Cherenkov

radiation from charged particles due to neutrino interactions is used to detect neutri-

nos. Super-Kamiokande was the first experiment to prove the existence of neutrino

mass via observation of atmospheric neutrinos [80]. It measured the 8B spectrum of

solar neutrinos in great detail [76]. Recently Super-Kamiokande also measured the

neutrino mixing angle θ13 as part of the T2K program [84].
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Neutrinos are the key to understanding the origin and properties of cosmic rays

and core collapse supernova. Although cosmic rays have been observed for about

a century, we still do not know the answers to many basic questions about them.

The origin and acceleration sites of cosmic rays can only be completely resolved by

observing high energy astrophysical neutrinos. Cosmic rays are charged particles and

are therefore deflected by intervening magnetic fields before reaching the Earth. Neu-

trinos are neither deflected nor absorbed on their way to the detectors [85]. Although

the recent high energy neutrino events detected by IceCube do not give us any hint

about their source yet, the diffuse flux tells us about the hadronic interaction of the

cosmic rays.

High energy (energies & GeV) gamma rays have been observed for a long time and

it is an open question regarding their hadronic or leptonic origin. Charged leptons

can give rise to high energy gamma rays via inverse Compton and bremsstralung

radiation. Hadrons can give rise to high energy gamma rays via interaction with

other hadrons or photons. High energy neutrinos are a smoking gun signature of the

latter process [86].

Low energy (energies∼ tens of MeV) dominate the energy budget of a core collapse

supernova. Massive stars collapse at the end of their lives to produce a neutron star

or a black hole. About 99% of the energy released in this explosion is carried by

neutrinos. Presently we do not have a complete understanding of the process of

core collapse, and the measurement of the MeV neutrinos is essential to understand

the energy budget of the explosion. About 20 neutrinos were detected from SN

1987A and were used to constrain many different astrophysical and particle physics

implications of the explosion [16, 87, 88]. The time structure of these neutrinos from

the Kamiokande collaboration is shown in Fig. 1.7. This figure is taken from Ref. [16].

Super-Kamiokande is expected to detect a few thousand ν̄e for the case of a Galactic
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direction within approximately 28 rms at electron ener-
gies in the vicinity of 10 MeV. In addition, v, are
detected through the reaction v,p+- e+n on the free
protons in the water with a cross section approximately
100 times larger than the cross section for v, e v, e at
10 MeV. The reaction v,p+ e+n produces e+ essen-
tially isotropically. The Cherenkov light of a 10-MeV
electron gives on average 26.3 hit PMT's (Nh;t) at 3

photoelectron threshold. The energy calibration is ob-
tained by observation of p e decays and by use of the
Compton-scattered electrons from y rays of energy up to
9 MeV from n+Ni by use of a Cf neutron source.
The detector is triggered by 20 PMT discriminators

firing within 100 nsec. The trigger dead time is approxi-
mately 50 nsec. Charge and time information for each
channel above threshold is recorded for each trigger.
The trigger accepts 8.5-MeV electrons with 50%
efficiency and 14-MeV electrons with 90% efticiency over
the volume of the detector. The raw trigger rate is 0.60
Hz of which 0.37 Hz is cosmic-ray muons. The remain-
ing 0.23 Hz is largely due to radioactive contamination
in the water.
Reconstruction of the vertices of low-energy events is

performed with an algorithm based on the time and posi-
tion of hit PMT's. After the vertex is established, a
separate fit is used to obtain the angle of the electron.
The distribution of the events presented here is consistent
with a uniform volume distribution.
The search for a neutrino burst from SN1987A was

carried out on the data of run 1892, which, except for a

pedestal run of 105 sec duration every hour, continuously
covered the period from 16:09, 21 February 1987 to
0731, 24 February 1987, in Japanese Standard Time
(JST), which is UT plus 9 h. Events satisfying the fol-
lowing three criteria were selected: (1) The total num-
ber of photoelectrons per event in the inner detector had
to be less than 170, corresponding to a 50-MeV electron;
(2) the total number of photoelectrons in the outer
detector had to be less than 30, ensuring event contain-
ment; and (3) the time interval from the preceding event
had to be longer than 20 psec, to exclude electrons from
muon decay.
The short-time correlation of these low-energy con-

tained events was investigated and the event sequence as
shown in Fig. 2 was observed at 16:35:35 JST (7:35:35
UT) of 23 February 1987. In Fig. 2 we show the time
sequence of all low-energy events (solid lines) and all
cosmic-ray muon events (dashed lines) in the given inter-
val. The event sequence during 0 to 2 sec is shown ex-
panded in the upper right corner. The properties of the
events in the burst (numbered 1 to 12 in Fig. 2) are sum-
marized in Table I. Event number 6 has Nh;t & 20 and
has been excluded from the signal analysis. A scatter
plot of event energy versus cosine of the angle between
the measured electron direction and the direction of the
Large Magellanic Cloud (LMC), known to contain
SN1987A, is shown in Fig. 3. The zenith angle of the
LMC was 109.7 at the experimental site. It is seen that
the earliest two events point back to LMC with angles
18 ~ 18' and 15' ~ 27'. The angular distribution of
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Figure 1.7: The time structure of neutrinos from SN 1987A as detected by the
Kamiokande collaboration. This figure is taken from Ref. [16]

supernova which will greatly enhance our understanding of core collapse supernovae

[89].

In Chapter 6, we discuss the constraints on non-standard neutrinos interactions via

Abelian gauge bosons. We impose various constraints from laboratory experiments

and the observation of solar neutrinos on the coupling strength between the neutrino

and the gauge boson as a function of its mass [3].

In Chapter 7, we discuss in detail the PeV cascade events detected by the IceCube

collaboration. We show that using existing measurements at both high and low

energies, stringent constraints can be imposed on the underlying neutrino spectrum.

We also show how the detection of cascades at slightly lower energy can be a very

useful way to determine the neutrino spectrum [4].

In Chapter 8, we discuss a new method to detect νe from a Galactic core collapse

supernova in a Gadolinium loaded water Cherenkov detector. We show that it is
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possible to constrain the neutrino emission parameters to ∼ 20% accuracy using this

method [7].
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Chapter 2

Neutrinos in IceCube/KM3NeT as probes of Dark Matter

Substructures in Galaxy Clusters

Galaxy clusters are one of the most promising candidate sites for dark
matter annihilation. We focus on dark matter (χ) with mass in the
range (10 GeV−100 TeV), annihilating through the channels χχ→ µ+µ−,
χχ → νν̄, χχ → tt, or χχ → νν̄νν̄, and forecast the expected sensitivity
to the annihilation cross section into these channels by observing galaxy
clusters at IceCube/KM3NeT. Optimistically, the presence of dark matter
substructures in galaxy clusters is predicted to enhance the signal by (2−3)
orders of magnitude over the contribution from the smooth component of
the dark matter distribution. Optimizing for the angular size of the re-
gion of interest for galaxy clusters, the sensitivity to the annihilation cross
section, 〈σv〉, of heavy DM with mass in the range (300 GeV − 100 TeV)
will be O(10−24 cm3s−1), for full IceCube/KM3NeT live time of 10 years,
which is about one order of magnitude better than the best limit that can
be obtained by observing the Milky Way halo. We find that neutrinos
from cosmic ray interactions in the galaxy cluster, in addition to the at-
mospheric neutrinos, are a source of background. We show that significant
improvement in the experimental sensitivity can be achieved for lower DM
masses in the range (10 GeV− 300 GeV) if neutrino-induced cascades can
be reconstructed to ≈ 5◦ accuracy, as may be possible in KM3NeT. We
therefore propose that a low-energy extension “KM3NeT-Core”, similar
to DeepCore in IceCube, be considered for an extended reach at low DM
masses.

The contents of this chapter were published in [1].

19



2.1 Introduction

There is overwhelming evidence for, yet unexplained, invisible mass in our Uni-

verse [48, 90–92]. Particles in the standard model of particle physics cannot account

for the major fraction of this excess mass, but a new particle with weak-scale anni-

hilation cross sections to standard model particles, as predicted in several extensions

of the standard model of particle physics, would naturally explain its observed abun-

dance [55, 56, 93, 94]. This has motivated a comprehensive search for the particle

identity of this “dark matter” (DM) using (i) direct production of DM at colliders,

(ii) direct detection of DM via elastic scattering [95–106] and (iii) indirect detection of

DM via its annihilation or decay [17,18,61,107–122]. This three-pronged approach to

DM detection is necessary because a single experiment cannot probe all the properties

of DM. For example, collider experiments mainly probe production of DM particles,

whereas direct detection only probes the interaction between the DM particle and the

particular detector material [123]. Analogously, in an indirect detection experiment,

we learn about the final states of DM annihilation or decay.

Indirect detection experiments are also sensitive to the DM density distribution

at cosmological scales in this Universe unlike direct detection experiments which are

only sensitive to the local DM distribution in the Milky Way. If LHC detects a DM

candidate, then indirect detection experiments are also useful to determine whether

that particular DM candidate makes up most of the DM in the Universe [124]. Indi-

rect detection experiments, looking for products of DM annihilation in astrophysical

sources, only detect a handful of the final states, e.g., photons, electrons, protons,

neutrinos, and their antiparticles. If these experiments detect a signal that requires

a cross section larger than the thermal relic annihilation cross section it would chal-

lenge a simple thermal WIMP paradigm of DM, and thus provide a crucial test of the
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WIMP paradigm [10]. On the other hand, there is no guarantee that a signal must be

found if we can probe cross sections comparable to, or smaller than, the thermal relic

annihilation cross section – annihilations could proceed to undetected channels. In

that case, however, one sets an upper bound on the partial annihilation cross sections

into these observed channels, constraining particle physics models of DM.

Several astrophysical targets, e.g., the Sun, the Milky Way, dwarf galaxies, and

galaxy clusters, may be observed by indirect detection experiments. A careful esti-

mate of the signal and the background for each of these source classes is needed to

determine which of these targets provides the best signal-to-noise ratio for a given

DM model. The Sun accumulates DM particles while moving through the DM halo

of the Milky Way. Due to the high density at the core of the Sun, for DM mass

& 300 GeV, annihilations products are absorbed and the sensitivity of DM anni-

hilation searches weakens considerably, making it inefficient for probing high mass

DM [125–128]. The Milky Way is dominated by DM in its central regions, but un-

known astrophysical backgrounds make it difficult to disentangle the signal [129–134],

whereas the diffuse component of the Milky Way DM halo [18,112] leads to a signif-

icantly reduced signal. Dwarf galaxies have a high mass-to-light ratio and are one of

the ideal targets for detecting DM in gamma-ray experiments with subdegree angular

resolution [17,135–141].

Galaxy clusters have the largest amount of DM amongst all known classes of grav-

itationally bound objects in the Universe. Although the background due to other

astrophysical sources is also large therein, the contribution of DM substructures can

enhance the DM annihilation signal from the smooth component, typically modeled

using a Navarro, Frenk, and White (NFW) profile [142]. This enhancement depends

on the abundance of DM substructures. State-of-the-art galaxy cluster simulations do

not have the resolution to directly calculate the contribution due to the theoretically
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expected least massive substructures. However using theoretically well-motivated

values for the mass of the smallest substructure and extrapolating the abundance

of substructures to these lowest masses, high resolution computer simulations pre-

dict that galaxy clusters provide the best signal-to-noise ratio for DM annihilation

signal [26]. Note that even a moderate enhancement due to DM substructure, as

advocated in [140] following the works in [25, 143] predicts that galaxy clusters give

the best signal-to-noise ratio for analysis where the field-of-view is greater than or

equal to 1◦. This strongly motivates observations of galaxy clusters to search for DM

annihilation signals [144–151].

Neutrino searches, among other indirect searches for DM, have distinct advan-

tages. Being electrically neutral and weakly interacting, neutrinos travel undeflected

and unattenuated from their sources. So neutrinos can provide information about

dense sources, which may be at cosmological distances, from which no other stan-

dard model particles can reach us. Another crucial motivation to look for neutri-

nos is that many standard model particles eventually decay to produce neutrinos

and gamma rays as final states. Detecting neutrinos is therefore complementary to

gamma ray searches from DM annihilation, which have become very exciting in recent

times [17,61,110,112,114]. For very heavy DM, the gamma rays produced in the DM

annihilations cascade and the constraints on DM annihilation cross sections become

weaker than those obtained using neutrinos. Also, for hadronic explanations of any

gamma ray and cosmic ray excesses, detecting neutrinos will be a smoking gun signa-

ture. Finally, direct annihilation to neutrinos is impossible to detect using any other

detection channel, with electroweak bremsstrahlung being a notable exception [152]

although the limits obtained in that case turns out to be weaker than those obtained

by direct observation of neutrinos [153]. In fact, neutrinos, being least detectable,
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define a conservative upper bound on the DM annihilation cross section to standard

model particles [154,155].

Limits obtained by gamma ray telescopes are typically stronger than that obtained

using neutrino telescopes, but the larger angular resolution of a neutrino telescope,

compared to a gamma ray telescope, means that the results obtained in a neutrino

telescope is less dependent on the central part of the DM density profile (which gives

the strongest signal in a gamma ray telescope) where the uncertainty obtained in DM

simulations is the largest. Neutrinos telescopes are also able to view a target source for

a longer time compared to a gamma ray telescope, though this advantage is mitigated

by the smaller cross section of neutrino detection. Another advantage of neutrino

telescopes is that they are able to view a large number of sources simultaneously and

can be used to find dark matter in a region which is dark in the electromagnetic

spectrum. These arguments and the availability of large neutrino telescopes strongly

motivate a search for DM annihilation using neutrinos.

Although dwarf galaxies are known to be the best targets for dark matter searches

for gamma-ray experiments, they are not the best targets for neutrino experiments.

The reason for this is the limited angular resolution of a neutrino telescope, which is

& 1◦. Dwarf galaxies have an angular size of < 1◦ and thus when a neutrino telescope

takes data from a dwarf galaxy, even with the minimum angular resolution, the size

of the dwarf galaxy is smaller than the data-taking region, which implies a worse

signal-to-noise ratio. However, galaxy clusters have a typical size of a few degrees

and hence even when neutrino telescopes are taking data in the larger than minimum

angular resolution mode, the size of the galaxy cluster fills up the entire data-taking

region. This ensures that, unlike in the case of dwarf galaxies, there is no position

in the data-taking region from where there is no potential signal candidate and thus

provides a better signal-to-noise ratio.
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Neutrinos from galaxy clusters have been considered previously by Yuan etal.,

[156]. In that paper, the DM halo for a galaxy cluster was obtained from extrapolation

of the DM halo obtained from the simulation of a Milky Way like galaxy [157]. Using

the Fermi-LAT limits from galaxy clusters, Yuan etal., constrained the minimum DM

substructure mass, and analyzed muon tracks in IceCube to obtain a constraint on

DM annihilation cross section.

In this paper, we investigate neutrinos from galaxy clusters using the latest DM

density profiles, as given in Gao etal., [26]. This gives us updated inputs for both the

smooth and the substructure components of DM in galaxy clusters. For comparison,

we also calculate our results by taking the smooth and the substructure components

of DM profile from the work by Sanchez-Conde etal., [140] and find that due to the

smaller boost factors (about a factor of 20 smaller boost factors than compared to

that in [26]), the sensitivity of the neutrino telescope for this parametrization of the

DM profile is about a factor of 20 worse than what is obtained while using the DM

substructure modeling of [26]. We also take into account neutrinos produced due to

cosmic ray interactions in the galaxy cluster, ignored in previous studies. With these

updated inputs, we analyze the expected signals and backgrounds at IceCube and

KM3NeT for both track and cascade events. While, quantitative improvement in the

detection prospects is found for track searches, qualitative improvement in sensitivity

and reach at low DM masses is expected if KM3NeT deploys a low energy extension,

which we call KM3NeT-Core, and is able to reconstruct cascades with a pointing

accuracy down to 5◦ as claimed by Auer [158].

The remainder of the paper is arranged as follows. In Sec. 2.2, we discuss the

neutrino flux from DM annihilation, using the DM density profile of a typical galaxy
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cluster. In Sec. 2.3, we discuss neutrino detection and relevant backgrounds at a neu-

trino telescope. In Sec. 2.4 we discuss the results, showing our forecasted sensitivity

to σv for the considered annihilation channels, and conclude in Sec. 2.5.

2.2 DM Distribution and Neutrino Production in Galaxy

Clusters

The number flux of neutrinos per unit energy interval (in GeV−1cm−2s−1) for a

given final state of DM annihilation is given by [148]

dΦν

dEν
=

∫

∆Ω

dΩ
1

8πm2
χ

〈σv〉dNν

dEν

∫
dl ρ2[r(l), ψ] , (2.1)

where mχ denotes the mass of the DM particle (in units of GeV), 〈σv〉 denotes the

thermal-averaged annihilation cross section into the final state which can produce

neutrinos (in units of cm3s−1). dNν/dEν denotes the energy spectrum of the neu-

trinos from the various final states of DM annihilation (in units of GeV−1). The

integral
∫
dl ρ2[r(l), ψ] is the line-of-sight integral of the DM density distribution,

with l denoting the line-of-sight distance (in units of cm), ρ(r) denoting the DM

density distribution function at a point r (in units of GeVcm−3).

We have assumed here that the DM is its own anti-particle, which gives an ex-

tra factor of 2 in the denominator of the expression in Eq. (2.1). We also assume

that the galaxy cluster is close enough so that the neutrino energy is not red-shifted

significantly. We emphasize that even for a neutrino telescope, a nearby galaxy clus-

ter is not a point source and hence an angular dependence, ψ, of the line-of-sight

integral is present. Therefore, we have to integrate over the relevant solid angle,

∆Ω = 2π
∫ ψmax

0
sinψ dψ, where ψmax is the angular radius of the region of interest.
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Figure 2.1: Figure to illustrate the line-of-sight integral. The blue shaded region is
the galaxy cluster with C as its centre. The position of the observer is marked by the
point O. The virial radius of the galaxy cluster is denoted by rvir. The distance of
the observer, O, to the centre of the galaxy cluster, C, is denoted by D. The distance
of a typical point inside the galaxy cluster from the centre of the galaxy cluster and
the observer is denoted by r and l respectively.

It can be seen that the neutrino flux is written in such a way that it is a product

of the astrophysics quantities,
∫
dl ρ2[r(l), ψ], with the particle physics quantities,

m−2
χ (1/2σv)dNν/dEν . In the following subsections, we outline how we have calculated

each of these quantities for our analysis.

2.2.1 DM distribution

In this section, we describe the DM density distribution in a typical galaxy cluster.

Although we shall refer to the Virgo galaxy cluster for specific quantitative details,

the same physical description is qualitatively applicable to other galaxy clusters.
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Galaxy clusters are the most massive gravitationally bound objects in the Universe

today [159,160]. A typical galaxy cluster has a mass of ∼ O(1014M�) and is virialized

up to a radius of∼O(Mpc). We take the smooth component of the DM density profile

to be parametrized by an NFW profile [142]

ρ(r) =
ρs(

r

rs

)(
1 +

r

rs

)2 , (2.2)

where rs is the scale radius and ρs is the DM density at distance ∼ O(rs) from the

centre of the galaxy cluster.

Given the redshift, z, and the virial mass, Mvir, of a galaxy cluster, the virial

radius, rvir, can be determined from the following relationship, as given by Ando and

Nagai [148],

Mvir =
4

3
πr3

vir∆vir(z)ρc(z) . (2.3)

Here, virial quantities are identified by using “vir” in the subscript, ρc(z) is the critical

density of the Universe and the cosmological factor ∆vir(z) = 82d−39d2 +18π2, where

d = −ΩΛ/
(
ΩΛ + Ωm (1 + z)3) [161]. We assume a ΛCDM model for the Universe for

all calculations: ΩΛ = 0.73, Ωm = 0.27 and H0 = 73 km s−1 Mpc−1 [162]. The scale

radius is obtained from the equation rs = rvir/cvir, where cvir denotes the concentration

parameter which is given by [148],

cvir =
7.85

(1 + z)0.71

(
Mvir

2× 1012h−1M�

)−0.081

. (2.4)
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To obtain ρs, we equate the virial mass of the cluster, Mvir, to the volume integral of

ρ(r) up to rvir. Analytically, we obtain

ρs =
∆vir

3

c3
virρc

log(1 + cvir)−
cvir

1 + cvir

(2.5)

For the Virgo galaxy cluster, the virial mass is taken to beMvir = 6.9× 1014M� [163]

and the redshift is taken to be z = 0.0036. Note that the redshift is too small to

affect neutrino energies appreciably. Using the value of the critical density of the

Universe, ρc = 0.54 × 10−5 GeV cm−3 [162], we get the virial radius of the Virgo

galaxy cluster to be rvir = 2.29 Mpc. We use the concentration parameter, cvir = 4.98,

as in [148], which gives rs = 0.46 Mpc. For the Virgo galaxy cluster, we find that

ρs = 2.19× 10−2 GeV cm−3. We note that this value of the central DM density is

about a factor of 2 lower than what we would have obtained if we had followed the

prescription in Han etal., [164]. This difference can be traced to the fact that the cos-

mological factor, ∆vir(z), in our calculation has a value of ∼ 100, whereas the similar

expression for ρs, as given in [164], gives the cosmological factor to be 200. We adopt

the optimistic value of ∆vir, and hence use ρs = 4.38× 10−2 GeV cm−3 throughout

this work, but remind the readers that a lower value of ∆vir(z) by a factor of two can

decrease the annihilation signal and sensitivity by a factor of 4.

In Fig. 2.1, we schematically show how to calculate the line-of-sight integral. Here

O is the position of the observer and the blue shaded region is the galaxy cluster

whose centre is denoted by C. The virial radius of the galaxy cluster is shown as rvir

and the distance to the centre of the galaxy cluster is denoted by D. The line-of-sight

distance to a point inside the galaxy cluster which is at a distance r from the centre

of the galaxy cluster is given by l.
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The line-of-sight integral, as a function of the angle ψ, is defined as

j(ψ) =

∫ lmax

lmin

dl ρ2[r(l), ψ] , (2.6)

where

r =
√
l2 +D2 − 2Dl cosψ , (2.7)

lmax,min = D cosψ ±
√
D2 cos2 ψ − (D2 − r2

vir) . (2.8)

We call this integral the j-factor for future reference. The distance to Virgo galaxy

cluster is taken to be D = 19.4 Mpc. Using the parameters mentioned above, we find

that

JNFW(ψmax) =

∫ ∆Ω

0

dΩ jNFW(ψ)

= 2.064× 10−6 GeV2cm−6Mpc , (2.9)

where ∆Ω = 2π
∫ ψmax

0
sinψ dψ, and ψmax ≈ 6◦ for the Virgo galaxy cluster. Recent

high resolution simulations of galaxy clusters, in particular the Phoenix project [26],

show a high concentration of DM substructures in addition to the smooth NFW

profile. Tidal forces destroy the smallest mass substructures in the inner regions of

the galaxy cluster so the inner region of a galaxy cluster (. 1 kpc) is dominated by

the smooth NFW profile. However, the DM density in the outer region of a galaxy

cluster is dominated by the DM substructures [26]. This suggests that one should

search for extended emission while looking for DM annihilation signal from a galaxy

cluster.

The contribution to the DM annihilation due to substructures depends on their

abundance. Recent simulations can only resolve substructures of masses & 105M�
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but theoretical considerations suggest that the minimum substructure mass for cold

DM is in the range (10−12M� − 10−6M�) [165]. In order to obtain the DM annihi-

lation signal, we have to extrapolate the substructure abundance, using a halo mass

distribution function from the simulations, from a mass of ∼ 105M� to a minimum

substructure mass of ∼ 10−6M�. This 11 orders of magnitude extrapolation is the

largest source of uncertainty in our calculation. However, it must be emphasized that

even with a mass resolution of ∼ 5 × 107M�, the galaxy cluster simulations predict

that the substructure contribution completely dominates the smooth contribution at

radii & 400 kpc [26].

Assuming the smallest substructures to have masses ∼ 10−6M�, Han etal., [164]

parametrize the j-factor due to substructures as

jsub(ψ)

∣∣∣∣
ψ≤ψ200

=
b(M200)JNFW

π ln 17

1

ψ2 + (ψ/4)2
(2.10)

and

jsub(ψ)

∣∣∣∣
ψ≥ψ200

= jsub(ψ200) e
−2.377

(
ψ−ψ200
ψ200

)
, (2.11)

where b(M200) = 1.6 × 10−3(M200/M�)0.39 is the boost factor. Here M200, ψ200, and

r200 are the mass, angular radius, and radius of the cluster where the average DM

density is 200 times the critical density of the Universe. Using the value of M200, as

given in [164], we obtain the boost factor, b(M200) ≈ 980. As mentioned in [26], this

boost factor is about an order of magnitude larger than the analogous boost factor

obtained from galaxy halos. A boost factor of ∼ 1000 for galaxy clusters was also

analytically obtained in [150].

Here we again mention that if we follow the galaxy cluster DM substructure mod-

eling of [140], the boost factor that we obtain is 55 for the Virgo galaxy cluster and
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between 34 and 54 for other galaxy clusters that were considered in that work. Hence

there is a factor of ∼20 uncertainty in the sensitivity to DM particle properties that

can be derived from observation of galaxy clusters both by gamma-rays observations

and neutrino observations.

We scale the line-of-sight integral j(ψ) to our local DM density-squared and to

the distance to the Galactic centre from the Sun to define the scaled j-factor

j̃(ψ) =

∫
dl

8.5 kpc

(
ρ[r(l), ψ]

0.3 GeVcm−3

)2

. (2.12)

In Fig. 2.2, we plot j̃(ψ) against angle ψ, for the Virgo galaxy cluster for both the DM

profile models in [140,164]. It is easily seen that the presence of substructure provides

a large boost to the DM annihilation signal for both the DM profile models, although

the boost factors are different for both the models. The contribution from the NFW

halo is concentrated at the centre whereas the contribution from the DM substructure

is more extended for both the DM profile models. We use the model in [164] for all

our subsequent results. To obtain the results for the DM profile modeling with [140],

one can simply decrease the sensitivity in the result section 2.4 by a factor of ∼20.

We remind the reader that at present due to the limited numerical resolution of the

DM simulations, it is impossible to completely resolve the question of the boost factor

which not only depends on the lowest DM substructure mass but also on merging of

different galaxies to form a galaxy cluster.

2.2.2 Neutrino spectrum at source

Now we turn our attention to the particle physics relevant for calculating the neu-

trino flux from DM annihilation. Since the DM in galaxy clusters is non-relativistic,

with typical velocities v ∼ 103 km s−1, the DM annihilation products in a 2-body
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Figure 2.2: Scaled line-of-sight integral (l.o.s.), j̃(ψ), as a function of the angle ψ (see
Eq. 2.12). See [1] for details.

final state with identical particles are produced with an energy equal to the mass of

the DM particle.

In this paper we study the the sensitivity of neutrino telescopes to σv for DM

annihilation to four interesting channels: (i) χχ→ µ+µ−, (ii) χχ→ νν, (iii) χχ→ tt

and (iv)χχ → V V → νννν. All these chosen final state particles have or produce

neutrinos on decay, and we forecast the sensitivity to the annihilation cross section

that can be obtained using a neutrino telescope.
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χχ → µ+µ−

The χχ → µ+µ− channel leads to signals in both gamma rays and neutrinos,

and therefore quite promising for multi messenger studies. The normalised neutrino

spectrum from decays of energetic muons of energy Eµ is given by [166]:

dNνµ

dEνµ
=

5

3Eµ
−

3E2
νµ

E3
µ

+
4E3

νµ

3E4
µ

, (2.13)

and

dNνe

dEνe
=

2

Eµ
− 6E2

νe

E3
µ

+
4E3

νe

E4
µ

. (2.14)

Neutrino oscillations ensure that there is a 1:1:1 ratio of the fluxes of the νe, νµ and

ντ reaching the detector. An analogous equation holds true for antineutrinos.

χχ → νν

Searching for direct annihilation to neutrinos is motivated by the presence of sharp

spectral feature in the neutrino spectrum in the channel. Although this channel is

suppressed for a Majorana or a scalar DM particle, there exist models in which the

DM coupling to neutrinos is enhanced. This channel also gives the most stringent

limits for DM annihilation in a neutrino telescope.

The neutrino spectrum due to direct annihilation to neutrinos is given by

dNν

dEν
= δ(Eν −mχ) . (2.15)

Due to the finite energy resolution of the neutrino telescope, the dirac-delta function

gets smeared out. We model the neutrino spectrum as a gaussian with centre at mχ

and a full-width at half-maximum given by the energy resolution of the detector [167].
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Neutrino oscillations ensure that there is a 1:1:1 ratio of the fluxes of the νe, νµ and

ντ reaching the detector.

χχ → tt

The third channel which we consider is χχ → tt. This is the most favored anni-

hilation channel, from helicity arguments, for heavy (& 175 GeV) DM, if the DM is

a Majorana fermion or a scalar.

The top quark decays to W -boson and a b-quark with a branching ratio of & 99%

and the subsequent decay of W -boson and hadronization of the b-quark produces

neutrinos. As an approximation, we consider only the prompt neutrinos produced by

the decay of the W -boson and the b-quark. Following [168], we derive the highest

energy muon neutrino flux due to the top quark decay as

dNν

dEν
=

1

3

(∑

l

ΓW→lνl
2γtβtEWβW

ln
max(E+, ε+)

min(E−, ε−)

)

×Θ(Eν − γt(1− βt)ε−)×Θ(γt(1 + βt)ε+ − Eν)

+
1

3

(∑

l

Γb→lνlX
2γtEdβt

Db

[
E−
Ed

,min

(
1,
E+

Ed

)])

×Θ(γt(1 + βt)Ed − Eν) , (2.16)

where l denotes the relevant lepton states in the decay of the W -boson and the

decay of the b-hadrons. The corresponding branching ratio for the decay of the W -

boson and the b-hadrons is denoted by Γ, and the corresponding values are taken

from PDG [162]. The Lorentz factor is denoted by γt = Et/mt = 1/
√

1− β2
t . EW

and βW are the energy and velocity of the W -boson in the top quark rest frame.

E± = Eνγ
−1
t /(1∓ βt) represents the maximum and minimum energy of the neutrino

in the moving frame of the top quark. The limits of the neutrino energy in the

moving frame of the W -boson is denoted by ε± = EW (1±βW )/2. If the energy of the
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b-quark in the rest frame of the top quark is denoted by Eb then the hadronization

energy can be approximated as Ed = zfEb where we take the value of zf from [168].

The function Db[x, y] = 1
3

(6 ln(y/x) + 4(y3 − x3) + 9(x2 − y2)). We ignore the lower

energy muon neutrinos produced due to the decay of the muons in the final state.

Neutrino oscillations ensure that there is a 1:1:1 ratio of the fluxes of the νe, νµ and

ντ reaching the detector.

χχ → V V → νννν

This channel is motivated by the secluded DM models [169,170], in which the

DM annihilates to two light vector bosons V (or a similar mediator) each of which

then decay to standard model particles and can be observed [127, 171, 172]. If the

decay is primarily to neutrinos, one gets two neutrino pairs in the final state. There is

a recent proposal in [36], which addresses some of the purported small-scale problems

in ΛCDM, also the DM annihilation to neutrinos is enhanced and hence this model

can be tested using neutrino telescopes.

The neutrino spectrum has a box-like structure

dNν

dEν
=

4

∆E
Θ(Eν − E−)Θ(E+ − Eν) . (2.17)

where Θ denotes the Heaviside-theta function. The maximum and minimum energy

of the neutrino in this case is denoted by E± = (mχ ±
√
m2
χ −m2

V )/2. The width of

the box function by ∆E =
√
m2
χ −m2

V . Neutrino oscillation ensures that the ratio

of the neutrino fluxes reaching the neutrino detector is 1:1:1.
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2.3 Detection and Backgrounds

2.3.1 Neutrino detection

In a km3-scale neutrino telescope like IceCube [173] or KM3NeT, neutrinos are

detected as two different types of events: tracks and cascades.

Tracks

The tracks are produced by the charged current interaction of the muon neutrinos

and antineutrinos. At these high energies, the muons are produced by muon neutrinos

interacting with the detector material or with the surrounding medium and the muon

track is generally not contained inside the detector [174]. Due to the long range of

the muon tracks, the effective volume of the detector is increased and the increase in

the volume is determined by the range of the muon, of a given energy E, given by

integrating the energy loss rate

− dE
dX

= α + βE , (2.18)

where X denotes the column density (in units of g cm−2). For our calculations, we

take α = 2 MeV cm2 g−1 and β = 4.2 × 10−6 cm2 g−1 [174].

The number of neutrinos detected per unit energy interval for muon tracks, which

are not contained inside the detector is given by [174]

dNµ

dEµ

∣∣∣∣
tracks

=
NA ρ T Adet

ρ(α + βEµ)

×
∫ ∞

Eµ

dEν
dΦν

dEν
σCC(Eν)e

−L
λ . (2.19)
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In the above formula, NA denotes the Avogadro’s number, ρ represents the density

of the detector material, T is the time of observation, Adet denotes the area of the

detector, σCC(Eν) denotes the charged current cross section of the muon neutrino

with the detector material or its surroundings, L the length traveled by the neutrino

in the Earth, and λ is the mean free path of the neutrino.

The factor Adetρ
−1/(α+βEµ) accounts for the increased volume of the detector due

to the long muon range. We take Adet = 1 km2 and T = 10 years for the χχ → µ+µ−,

χχ → νν, χχ → tt, and χχ → νννν channels. The values of σCC(Eν) are taken

from [175]. The exponential suppression is due to the absorption of very high energy

neutrinos (& 100 TeV) as it passes through the Earth. The mean free path of the

neutrinos in Earth matter is given by λ = 1/(nσtot), where n denotes the number

density of target particles and σtot denotes the total neutrino-nucleon cross section,

which we take from [175]. For the energies considered here, the exponential factor is

∼ 1.

For non-contained muon track events in IceCube, the energy is obtained by using

Eq. (2.18) after measuring the muon energy loss inside the detector [45]. The limits

of the integral in Eq. (2.19) imply that a muon of energy Eµ can be produced by any

νµ with an energy ≥ Eµ.

The energy range that we explore using muon tracks is (100 GeV – 100 TeV). En-

ergy resolution for muon tracks is approximately 0.3 in units of log10E [167]. Follow-

ing [176], we take the energy bin for signal calculation to be (max(Ethres,mχ/5),mχ).

This energy bin is much bigger than the energy resolution of IceCube/KM3NeT [45].

We expect a full spectral analysis by IceCube/KM3NeT collaboration to give much

better sensitivity as the shape of the signal and background spectra are very different.

In this regard, the results presented here can be treated as conservative.
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Angular pointing for tracks is quite accurate. For neutrino energies & 100 GeV,

the angular resolution is within 0.5◦ and 1◦ [45].

Cascades

Charged current interactions of νe and ντ and their antiparticles, and neutral cur-

rent interactions of all flavors of neutrinos produce cascades. The electron produced

due to the charged current interaction of the νe with the detector material causes an

electromagnetic cascade in the detector. The τ -lepton produced due to the charged

current interaction of the ντ with the detector material produces a hadronic cascade

from its hadronic decay products and an electromagnetic cascade from the electrons

arising from τ decay. The non-leptonic final states in a neutral current interaction

causes a hadronic cascade in the neutrino telescope. These cascades are contained

inside the detector, act as almost point sources of light, and are calorimetric. The

cascade search also has lower atmospheric neutrino background [177]. Cascades has

been detected in IceCube [178] and recently also in DeepCore [179].

The number of neutrino events detected via cascades per unit energy interval is

given by [176]

dNν

dEν

∣∣∣∣
casc

= NA T Vcasc

×
(
σCC(Eν)

dΦνe,τ

dEν
+ σNC(Eν)

dΦνe,µ,τ

dEν

)
, (2.20)

where Vcasc = 0.02 km3 is the volume available for cascades in a detector like IceCube-

DeepCore and σNC the neutral current cross section of neutrinos, which we take from

Ref. [175]. Other symbols have meanings and values as previously defined.

The mass range of DM that we explore in the cascade analysis is (10 GeV – 10

TeV). The energy resolution for cascade like events is approximately 0.18 in units
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of log10E [167]. Following [176] we take the energy bin for signal calculation to be

(max(Ethres,mχ/5),mχ). This energy bin is much larger than the energy resolution

of IceCube/KM3NeT [45]. We expect a full spectral analysis by IceCube/KM3NeT

collaboration to give much better sensitivity as the shape of the signal and background

spectra are very different. In this regard the results presented here can be treated as

conservative.

Achieved angular resolution of cascades in IceCube is about 50◦, but is expected

to be significantly improved in the future with more advanced reconstruction algo-

rithms in DeepCore [180]. With a large angular resolution the background due to

atmospheric neutrinos is overwhelming, and improving the resolution drastically cuts

down background. Encouragingly, Auer [158] discusses a procedure which can be used

to reconstruct the angular resolution of cascades to about 5◦ in KM3NeT. We shall

show that with such improved angular resolution, the sensitivity to DM annihilation

cross section by cascades increases significantly.

2.3.2 Detector Configurations and Backgrounds

While calculating the sensitivity to the DM annihilation cross section using muon

tracks, we assume that the neutrino telescope only looks at upgoing tracks. This

means that IceCube will look at galaxy clusters in the northern hemisphere and

KM3NeT, while using muon tracks for their analysis, will look at galaxy clusters

in the southern hemisphere. Looking for upgoing tracks eliminates the background

caused by downgoing atmospheric muons.

For the cascade analysis we shall assume that KM3NeT includes a DeepCore-like

low energy extension, which we call KM3NeT-Core. We assume the mass of the

KM3NeT-Core to be the same as that of DeepCore. Similar to DeepCore, we shall

assume that KM3NeT-Core will use the remainder of the KM3NeT as a veto. Such

39



an arrangement allows the low energy extension in KM3NeT to have a 4π field of

view, and therefore this low energy extension in KM3NeT can also be used to detect

galaxy clusters in the northern hemisphere.

With the configurations explained in the previous two paragraphs, the back-

grounds in both track and cascade analyses are due to atmospheric neutrinos and

neutrinos from cosmic ray interactions in the galaxy cluster.

The measured atmospheric νµ, νµ flux for Eν in the range of (100 GeV – 400

TeV) is reported in [45]. The measured spectrum is fit well by the angle-averaged

atmospheric neutrino spectrum given in [181]:

dφatm.

dEν
= Φ0

atmE
−2.74
ν × 1017 GeV−1km−2yr−1 (2.21)

×
(

ln (1 + 0.024Eν)

1.33Eν
+

ln (1 + 0.00139Eν)

0.201Eν

)
,

where Φ0
atm = 1.95 for neutrinos and 1.35 for antineutrinos, and Eν is in GeV. The

atmospheric νe flux is taken from [39] and the ντ flux is from [182].

In addition to the atmospheric neutrino, the neutrinos produced by cosmic ray

interactions inside the galaxy cluster also acts as an additional background. We

take the neutrino flux produced in cosmic ray interaction in the galaxy clusters from

the calculations by Murase et al. [183]. They consider acceleration of cosmic rays

with energies between 1017.5 eV and 1018.5 eV in shocks in galaxy clusters. In a 1◦ ×

1◦ angular bin, they estimate .1 (νµ + νµ) event per year above 1 TeV. Although

this estimate is somewhat model-dependent, we emphasize that this is an essential

background that one has to take into account while searching for neutrinos from DM

annihilation in galaxy clusters. If it turns out that galaxy clusters are not sources of

cosmic rays in this energy range then this background can be lower but we assume

the larger background rate for conservative estimates.
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2.4 Results

In this section we calculate the neutrino fluxes observed for the four annihila-

tion channels chosen above, and compare them with the expected backgrounds to

determine the sensitivity in the 〈σv〉-mχ plane for each channel. However, before we

proceed to results specific to each channel, we identify some broad features.

The first key result is regarding the optimal size of the region of interest. The signal

we are looking for is proportional to
∫ ∆Ω

0
(jsub + jNFW) dΩ. We scale this quantity with

the local DM density squared and the distance to the Galactic centre from the Sun,

as in Eq. (2.12), to get

J̃tot(ψmax) =

∫ ∆Ω

0

(
j̃sub + j̃NFW

)
dΩ , (2.22)

where ∆Ω depends on the angular radius ψmax of the region of interest. The fluc-

tuations in the atmospheric neutrino background are proportional to
√

∆Ω(ψmax).

Therefore, the signal-to-noise ratio is approximately proportional to J̃tot(ψmax)/
√

∆Ω(ψmax).

In Fig. 2.3 we show this ratio for the Virgo galaxy cluster, as a function of the

chosen angular radius ψmax of the region of interest. We can see that due to the

extended nature of the DM substructure profile, a region with ≈ 2◦ angular radius

around the galaxy cluster gives the best signal-to-noise ratio. We have verified using

our numerical results that the sensitivity obtained with a 2◦ observation window is

about a factor of 1.5 better using a 1◦ window.

Neutrino telescopes should therefore carefully optimize for the observation win-

dow. Selecting a circular region of diameter ∼ 4◦ around the centre of the galaxy

cluster and accepting signal events coming from that circular region appears to give

the best signal-to-noise ratio. Depending on the specific DM profile of a galaxy clus-

ter, this choice of angle may change but, in general, we expect that, for any nearby
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Figure 2.3: Ratio of approximate signal-to-noise versus the angular size of the chosen
region of interest around the Virgo galaxy cluster. The vertical lines show the values
of some representative angular radii in degrees.

galaxy cluster the best signal-to-noise ratio is achieved by treating it as an extended

source, as opposed to a point source.

The second key result is that the presence of substructures gives three orders of

magnitude more promising results than the smooth NFW profile alone. This boost

provided by the substructures make galaxy clusters an exciting target for neutrino

telescopes. Using track-like events, the sensitivity is typically in the range σv &

(10−24 − 10−22) cm3 s−1 at DM masses (100 GeV − 100 TeV). At lower masses, the

sensitivity worsens quickly because the events are below threshold (note the upturn

in Figs. 2.4 and 2.5). However the sensitivity also worsens at extremely high masses
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Figure 2.4: Sensitivity to 〈σv〉 versus the DM mass, for the annihilation channels
χχ → µ+µ− (top panels), χχ → νν (second panel from top), χχ → tt (third panel
from top), and χχ→ νννν (bottom panel) using 10 years of IceCube/KM3NeT-Core
data for all the channels. See [1] for details.
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because as mχ increases, the number of DM particles decrease for a given DM density,

reducing the annihilation fluxes.

The third key result we find is that if KM3NeT can reconstruct cascades with

an angular resolution of ∼ 5◦ and has a DeepCore-like low energy extension, a new

window of observation opens up at lower DM masses (10 GeV − 100 GeV). The

sensitivity of neutrino cascade observations remain competitive with track analyses at

masses up to 10 TeV. This complementary measurement of muon tracks and cascades

may be useful to explicitly determine the neutrino flavors in the DM annihilation

products. We believe this should encourage the KM3NeT collaboration to improve

their cascade pointing to . 5◦ and include a DeepCore-like low energy extension in

KM3NeT.

We emphasize that if neutrino telescopes detect a DM annihilation signal from

galaxy clusters at a sensitivity forecasted in this paper and if the emission profile is

found to be extended, it will be a strong indication for the presence of substructures.

If the neutrino signal is not extended but the cross section is comparable to what

is forecasted to be testable then it will favor an enhanced annihilation cross section,

rather than the presence of substructures. A particle physics explanation of the

enhanced DM annihilation cross section will then be required [170, 184, 185]. If a

signal is not detected at an annihilation cross section testable at neutrino telescopes,

then it will either constrain the minimum DM substructure mass and abundance or

the annihilation cross section. In that situation, one will have to first infer the DM

annihilation cross section from some other astrophysical source to infer something

about the minimum DM substructure mass and the DM substructure distribution.
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2.4.1 χχ → µ+µ−

In Fig. 2.4 (top left panel), we show the sensitivity to σv for the DM annihilation

to µ+µ−, that can be achieved by observing muon tracks at IceCube. The sensitivity

is maximum at mχ ≈ 500 GeV, where cross sections as small as σv ≈ 10−24cm3s−1

may be probed by IceCube. By observing the Milky Way halo, IceCube has already

constrained the value of this annihilation cross section to be σv . 10−22 cm3s−1 for a

DM mass of about 1 TeV [18]. We expect that the sensitivity obtained from observing

the Virgo galaxy cluster will improve the above limit by about one order of magnitude

if no detection is obtained.

Han etal., [164], recently found evidence of extended gamma ray emission from

the Virgo cluster, and the limit on the annihilation cross section that they obtained is

σv ≈ 10−25 cm3s−1. Although, in principle, this channel is observable at IceCube, we

find that IceCube does not have the sensitivity needed to test this claim. Note that

after the publication of the first version of this paper, it was found by several groups

that the extended gamma ray emission in the Virgo cluster is due to the presence of

new gamma-ray sources and not due to DM annihilation [186,187].

The sensitivity that can be obtained by observing cascades is shown in Fig. 2.4 (top

right panel). As KM3NeT is still under development, we show the constraints using

two plausible choices for its angular resolution. We find that the sensitivity obtained

from cascades is almost comparable with that obtained from muon tracks. The best

sensitivity is achieved around a DM mass of around 20 GeV where a sensitivity to

σv ≈ O(10−25 cm3s−1) is reached, representing an order of magnitude improvement

over the best sensitivity obtainable by observing tracks.
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2.4.2 χχ → νν

In Fig. 2.4 (second from top and left panel), we show the expected sensitiv-

ity to self annihilation cross section σv for χχ → νν, for mχ in the range of

(100 GeV − 100 TeV), by detecting track-like events. The sensitivity is strongest at

mχ ≈ 500 GeV where the annihilation cross sections larger than σv ≈ O(10−24cm3s−1)

can be probed. Due to the presence of substructures, we again get a sensitivity which

is stronger by about one order of magnitude than the constraint obtained by IceCube

when looking for this annihilation signal at the Milky Way Galactic halo [18]. Since

the spectra of the signal and background are very different in this case, we expect that

a much better sensitivity can be achieved due to a spectral analysis by the IceCube

collaboration for the same exposure.

We now consider cascade signals from this annihilation channel, in a DeepCore-like

low energy extension in KM3NeT. For DM masses between 30 GeV and 10 TeV, the

projected sensitivity is shown in Fig. 2.4 (second from top and right panel). In the low

DM mass range, sensitivity to annihilation cross sections σv ≈ O(10−25 cm3s−1) can

be reached. As can be seen from the plot, KM3NeT will have a unique opportunity

to probe this part of the parameter space if it employs a low energy extension.

2.4.3 χχ → tt

We now look at the sensitivity that can be obtained to the σv for DM annihilation

via χχ→ tt, by detecting track-like events. We show the sensitivity to σv, for mχ in

the range (1 TeV− 100 TeV), in Fig. 2.4 (third from top and left panel). Annihilation

cross sections larger than σv ≈ O(10−23cm3s−1) can be probed for DM mass in the

range (1 TeV−10 TeV). The constraints weaken for DM masses heavier than 10 TeV.

46



Observation of cascades in a DeepCore-like low energy extension in KM3NeT give

similar sensitivity in the (1 TeV − 10 TeV) mass range. The expected sensitivity

is shown in Fig. 2.4 (third from top and right panel). Annihilation cross sections

〈σv〉 ≈ O(10−23cm3s−1) may be probed using the Virgo galaxy cluster.

2.4.4 χχ → V V → νννν

In Fig. 2.4 (bottom left panel), we show the expected sensitivity to σv for χχ → νννν,

for mχ in the range of (100 GeV − 100 TeV), by detecting track-like events. The

strongest sensitivity is achieved at mχ ≈ 500 GeV, where the annihilation cross sec-

tions larger than σv ≈ O(10−25cm3s−1) can be probed. Due to the presence of

substructures, we again get a sensitivity which is stronger by about three orders of

magnitude than the constraint obtained when assuming only an NFW profile.

We now consider cascade signals from this annihilation channel, in a DeepCore-

like low energy extension in KM3NeT. For DM masses between 10 GeV and 10 TeV,

the projected sensitivity is shown in Fig. 2.4 (bottom right panel). In the low DM

mass range, sensitivity to annihilation cross sections σv ≈ O(10−25 cm3s−1) can be

reached. KM3NeT will have a unique opportunity to probe this part of the parameter

space, which is not accessible by tracks, if it employs a low energy extension.

Neutrino telescopes have not searched for neutrinos from the annihilation channel

χχ → νννν, but as we show in Fig. 2.4 (bottom panels), the constraints obtained in

this channel can be quite promising. In particular [36] predicts enhanced emission in

neutrinos, with σv ∼ 10−24cm3s−1 in galaxies. The velocity dependence of the cross

section in this model will reduce the cross section in galaxy clusters, but we believe

that, besides the Milky Way and dwarf galaxies, galaxy clusters may also offer an

important test for this model due to the strong substructure enhancement.
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Figure 2.5: Comparison of sensitivities of various experiments to DM annihilation
in specific channels. Left panel: Annihilation via χχ → µ+µ−. Right panel:
Annihilation via χχ → νν. The limit from Fermi-LAT analysis of gamma rays from
dwarf galaxies ( [17]) is shown by the violet dash-dot-dot line. The limit obtained
by the IceCube collaboration from observing the Milky Way galactic halo ( [18]) is
shown by the blue dash-dot line. The sensitivity that is forecasted in this work by
observing the Virgo galaxy cluster, for the same livetime as in ( [18]), is shown by the
red dashed line (detecting cascades in low energy threshold KM3NeT-Core with a 5◦

angular resolution) and the green dotted line (detecting tracks in IceCube within a
2◦ angular radius). For comparison, we also show the total thermal relic annihilation
cross section (Total Thermal Relic), as calculated by Steigman etal., [10], by the black
solid line.

48



2.4.5 Comparison with limits from other experiments

In this section, we compare the sensitivity that IceCube and KM3NeT can obtain

by observing clusters of galaxies with limits obtained from other experiments. The

main annihilation products observable in an indirect DM detection experiment are

neutrinos and gamma rays. Both of these signals are not deflected by galactic or

extragalactic magnetic fields and come directly into the detector from the source. For

the muon track signal, the IceCube results are for 276 days of live time and in the

22 string configuration. To compare our calculations with the same exposure in [18],

we use 276 days as the time of observation in Eqs. (2.19) and (2.20) and take 1/4th

of the number of neutrino events to mimic the 22-string detector. For the cascade

signal, we show our results for a 276 days of livetime of the detector and we take the

volume available for cascades as 0.02 km3.

We first show the various constraints on the χχ → µ+µ− channel on the left panel

in Fig. 2.5. This channel can be detected by both neutrinos and gamma rays. The de-

cay of the muons produce electrons which can produce gamma rays via inverse Comp-

ton and bremsstrahlung. These energetic electrons can also produce synchrotron ra-

diation in the galactic and extragalactic magnetic fields but the synchrotron radiation

is at a lower frequency. The neutrinos are produced in this channel via the decay of

the muon.

At low DM masses (mχ . 100 GeV), the constraints from Fermi-LAT using dwarf

spheroidal galaxies are the most stringent [17]. This limit weakens for DM masses

above a few hundred GeV. For higher DM masses, the limits on the DM annihilation

cross section to muon pairs are obtained from the observation of the Milky Way

Galactic halo by IceCube [18]. In the same figure, we show the improvements that

can be obtained by observing galaxy clusters using neutrino telescopes. It is clear
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that galaxy clusters provide an order of magnitude more sensitivity compared to other

sources.

For this channel, we predict that the tracks observed in IceCube will give the

best sensitivity for DM masses, mχ & 1 TeV. KM3NeT, augmented with a DeepCore-

like low energy extension, will provide increased sensitivity to this annihilation cross

section at DM masses, mχ . 100 GeV. Although the expected sensitivity is weaker

than the limits obtained from Fermi-LAT observation of dwarf galaxies, it will be an

important complementary test, as the neutrino observations are less dependent on

the central density profile.

We show the various constraints on the χχ → νν channel on the right panel in

Fig. 2.5. This indirect detection channel can only be detected by neutrino telescopes

and it has no signatures in any other DM indirect detection experiment.

For DM masses mχ & 100 GeV, limits on the DM annihilation cross section to

neutrino pairs are obtained from the observation of the Milky Way Galactic halo by

IceCube [18]. In the same figure, we show the improvements that can be obtained

by observing galaxy clusters using neutrino telescopes. Observation of the galaxy

clusters by neutrino telescopes shall give an order of magnitude improvement over

the existing constraints.

For this channel, we predict that the observation of muon tracks in IceCube will

give the best sensitivity above DM mass, mχ ≈ 300 GeV. KM3NeT augmented with a

DeepCore-like low energy extension will provide the best sensitivity to this annihila-

tion cross section at DM masses mχ . 1 TeV. For DM masses . 100 GeV, KM3NeT,

with a low-energy extension, can reach annihilation cross sections of the order of

10−24 cm3s−1 while observing cascades in the detector.
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2.5 Conclusion

In this paper, we have considered observation of galaxy clusters by neutrino tele-

scopes and discussed the improvements that can be made over the existing limits.

Recent high resolution computer simulations of galaxy clusters predict a large en-

hancement in the annihilation flux due to DM substructures. We take the substruc-

ture contribution into account and predict the neutrino flux from a typical galaxy

cluster. We find that the sensitivity that can be obtained using galaxy clusters should

improve the existing constraints by more than an order of magnitude. Our results

should therefore encourage the IceCube collaboration to look at galaxy clusters, as

an extension of their work on dwarf galaxies.

Due to the extended nature of the DM substructure profile (see Fig. 2.2), nearby

galaxy clusters like Virgo should appear as extended sources at neutrino telescopes.

We find that the optimal angular window around a galaxy cluster that maximizes the

signal-to-noise ratio has a radius ≈ 2◦ (see Fig. 2.3).

An order of magnitude improvement over the IceCube sensitivity is expected if

KM3NeT deploys a low energy extension (like DeepCore in IceCube) in their tele-

scope, which would allow for a full-sky observation with good pointing using cascades.

This has the potential to open the (10 GeV − 100 GeV) DM mass range to neutrino

astronomy, and improve existing constraints by an order of magnitude. We hope that

these promising results will encourage the KM3NeT collaboration to investigate the

possibility of deploying a low energy extension to their telescope and improve the

reconstruction of cascades (see right panels in Fig. 2.4).

We looked at the χχ → µ+µ− annihilation channel and predicted an order of

magnitude improvement over the current constraints (see left panel in Fig. 2.5). Al-

though this bound turns out to be weaker than the bound on the annihilation cross
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section given by Fermi-LAT while observing dwarf spheroidal galaxies, we emphasize

that the large angular resolution of the neutrino telescopes make the result more

model-independent than that obtained by Fermi-LAT. We have predicted that the

improvement in sensitivity to the annihilation cross section in this channel will allow

us to probe cross sections σv & (10−24 − 10−22)cm3s−1 for DM masses in the range

(1 GeV − 10 TeV) for 10 years of observation by a km3 neutrino telescope.

We have also looked at the χχ → νν channel and predicted that the observation of

galaxy clusters will constrain the annihilation cross section in this channel by an order

of magnitude over the existing limit obtained by IceCube while observing the Milky

Way Galactic halo (see right panel in Fig. 2.5). This annihilation channel is unique

as it has no signal in any other DM indirect detection experiment. We predicted that

the improvement in sensitivity to the annihilation cross section in this channel will

allow us to probe cross sections σv & (10−24 − 10−22)cm3s−1 for DM masses in the

range (1 GeV − 10 TeV) for 10 years of observation by a km3 neutrino telescope.

We considered the χχ → tt annihilation channel, which is expected to be very

important for a heavy fermionic DM particle. We have predicted that the improve-

ment in sensitivity to the annihilation cross section in this channel will allow us to

probe cross sections σv & 10−22cm3s−1 for 10 years of observation by a km3 neutrino

telescope.

We finally considered the χχ → νννν channel and predict that the sensitivity

that can be obtained using neutrino telescopes may be able to probe the annihilation

cross sections required in models which aim to solve various small-scale problems in

ΛCDM.

Although we have performed our calculations for the Virgo galaxy cluster, we

expect that neutrino telescope observation of a properly chosen galaxy cluster (after
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taking into consideration backgrounds and various detector systematics in more de-

tail) will improve the limits on the annihilation cross section by an order of magnitude

in almost all annihilation channels. We must emphasize that the biggest uncertainty

in this result comes from the ∼11 orders of magnitude extrapolation in the minimum

DM substructure mass that is used to calculate the DM substructure profile. As a

consequence of this extrapolation of the minimum substructure mass, the boost factor

that can be obtained in a galaxy cluster due to the presence of substructures can vary

by a factor of ∼20. Unless simulations improve their resolution dramatically, this will

remain an inherent assumption in any DM indirect detection experiment observing

galaxy clusters.

All things considered, we hope to have conveyed the usefulness of observing galaxy

clusters at neutrino telescopes for studying DM. In particular, how good reconstruc-

tion of cascades can lead to significant improvements in sensitivity. We hope that

the IceCube and the KM3NeT collaborations will consider our results and make the

required improvements in their analyses and detectors to make this possible.
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Chapter 3

Galactic Center Radio Constraints on Gamma-Ray Lines

from Dark Matter Annihilation

Recent evidence for one or more gamma-ray lines at ∼ 130 GeV in the
Fermi-LAT data from the Galactic Center has been interpreted as a hint
for dark matter annihilation to Zγ or Hγ with an annihilation cross sec-
tion of 〈σv〉 ∼ 10−27cm3 s−1. We test this hypothesis by comparing syn-
chrotron fluxes due to the electrons and positrons from decay of the Z or
the H bosons only against radio data from the same region in the Galactic
Center. We find that the radio data from single-dish telescopes marginally
constrain this interpretation of the claimed gamma lines for a contracted
NFW profile. Already-operational radio telescopes, such as LWA, VLA-
Low and LOFAR, and future radio telescopes like SKA, are sensitive to
annihilation cross sections of the order of 10−28cm3 s−1, and can confirm
or rule out this scenario very soon. We discuss the dependencies on the
dark matter profile, magnetic fields, and background radiation density
profiles, and show that the constraints are relatively robust for any rea-
sonable assumptions. Independent of the above said recent developments,
we emphasize that our radio constraints apply to all models where dark
matter annihilates to Zγ or Hγ.

The contents of this chapter were published in [2].

3.1 Introduction

The particle identity of dark matter (DM) is one of the outstanding puzzles in

contemporary physics. In order to fully understand the particle properties of dark
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matter, a number of complementary approaches to dark matter searches have been

adopted. Indirect detection of dark matter is a promising technique, in which the

products of dark matter annihilation are searched for, and gives us information about

the DM abundance and annihilation rate at various astrophysical sites [55,56,93,107,

109].

Gamma-ray lines from DM self annihilation are believed to be a smoking-gun sig-

nature, and have been investigated in considerable detail [188–193]. Despite the rela-

tive freedom in DM model-building, if DM self-annihilation is to two-body Standard

Model final states, then gamma-ray line(s) can be produced only via the following

three channels: (i) χχ→ γγ, (ii) χχ→ Zγ, and (iii) χχ→ Hγ, where χ denotes the

DM, and Z and H denote the Z and Higgs boson, respectively. We take the mass of

the Higgs boson to be 125 GeV, and allow a heavy DM to annihilate to it.

Recently, evidence for a gamma-ray line from the Galactic Center (GC) has been

uncovered in the Fermi-LAT data at ∼ 130 GeV [131, 132] and this has given rise to

renewed interest in considering the line signal in more detail [194–208].

This statistically significant signal has been tentatively interpreted as arising from

DM annihilation. Generally speaking, the signal requires a DM self annihilation cross

section of σv ∼ 10−27 cm3 s−1 and the Galactic DM halo described by a standard

NFW, Einasto, or a contracted NFW profile. Subsequently, a variety of particle

physics models have been proposed to explain the signal [209–230]. It is also found

that the line is off-center from the GC by approximately 1.5◦ [198,204], which requires

the center of the DM halo to be displaced from the baryonic center. This degree of

displacement appears reasonable as shown by recent numerical simulations [231].

On the other hand, there are arguments against the DM origin of the gamma-ray

line. There are hints that the line is also present in the photons collected from the
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cascades in the Earth’s atmosphere, which is a “pure background” region [198], al-

though this has been claimed to be due to statistical fluctuations [232, 233]. There

have been claims of the presence of gamma-ray lines at the same energy, spatially

correlated with some Fermi-LAT unassociated sources. However, there are also coun-

terclaims that most of these unassociated sources are consistent with being standard

astrophysical objects such as active galactic nuclei or statistical fluctuations [234,235].

Furthermore, it remains possible that the GC line signal is also of an astrophysical

origin [195,236,237].

The Fermi-LAT collaboration, in their search for γ-ray lines in the 2 year data

set [120] did not find a signal as the analysis employed a different search strategy, an

older data set and background rejection software, and a larger search region, making

it difficult to compare directly with the above claims. However in their most recent

search for gamma-ray lines with the 4 year data [238], the Fermi-LAT collaboration

has acknowledged the presence of a feature at the GC at 135 GeV (this shift in

the energy is due to recalibration but we will assume that the line is at 130 GeV

throughout this work). The collaboration also finds a feature at the Earth limb at

the same energy [239]. The collaboration states that it does not have a consistent

interpretation of the Galactic Center feature and that it needs more data to resolve

the issue [240]. Given the arguments in favor of and against the DM origin of this

signal, this remains a topic of active research.

If the DM annihilates to two-body Standard Model final states, as in (i)-(iii),

then we can predict some particle physics model-independent consequences. For a

dominant annihilation (i), i.e., to two photons, there are no further interactions of

the photons at an appreciable level, with all higher-level amplitudes suppressed by at

least α ≈ 1/137. However, if the annihilation proceeds as in (ii) or (iii), i.e., to a
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photon and a heavy Standard Model boson, the heavy boson decays to other charged

particles which can have observable consequences.

The decay of the Z and the H boson produces electrons, protons, neutrons, neu-

trinos, their antiparticles, as well as photons as final states. The almost featureless

spectra of these secondary particles poses considerable difficulty in their search above

the astrophysical backgrounds. Searches for antimatter benefit from lower cosmic ray

backgrounds, therefore one can search for antiprotons and positrons from the Z and

the H boson. A search for antiprotons from these decays constrains several particle

physics models which can give rise to a gamma-ray line [199], whereas the preex-

isting unaccounted excess in positrons [116,119] makes a positron search ambiguous.

Neutrinos could, in principle, be used to distinguish between all three final states, but

achieved or projected sensitivities in the range σv ∼ (10−22 cm3 s−1 − 10−23 cm3 s−1) [1, 18,154,155]

will not be able to probe the claimed signal. Secondary photons that are produced

in the decay of the Z or the H boson, or in other DM annihilation channels, also

constrain these scenarios [199–201], and there are ongoing efforts to confirm this

130 GeV line with future detectors [202,207].

In this paper, we ask the questions – If the 130 GeV signal is indeed from DM

annihilation to Zγ or Hγ, what other consequences are guaranteed? Can we use

these consequences to test this signal? Synchrotron radiation from products of DM

annihilation has been argued to provide strong constraints for many DM annihilation

channels and scenarios [241–258]. Thus, following these promising leads, we explore

our question by calculating the synchrotron radiation in the GC due to the electrons

and positrons from Z or H decays only, and comparing it to existing data from radio

telescopes.
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We first take a very conservative approach, where we compare the DM-induced

synchrotron fluxes to the total measured radio flux at 330 MHz in a relatively large re-

gion around the GC, and determine that DM annihilation cross sections to these chan-

nels cannot be more than σv ∼ 10−25cm3 s−1. However, this approach is overly conser-

vative, as the synchrotron fluxes in the GC are modeled accurately with known astro-

physics. We argue that the flux due to dark matter must not exceed the uncertainties

on the modeled radio fluxes, which provides us with a constraint σv ∼ 10−26cm3 s−1.

Constraints obtained by comparing fluxes predicted in smaller regions of interest and

upper limits at 408 MHz imply σv ∼ 10−27cm3 s−1, and are already in mild ten-

sion with the 130 GeV line. We forecast that the sensitivity can be improved to

∼ 10−28cm3 s−1 with a few hours of observation of the GC at 80 MHz with LWA, the

Long Wavelength Array, and at 200 MHz with LOFAR, the LOw-Frequency ARray

for radio astronomy, allowing us to constrain interpretations of the 130 GeV line sig-

nal in the Fermi-LAT data in terms of DM annihilation to Zγ or Hγ. Although this

is the main motivation for our present work, the radio constraints we derive are valid

regardless of whether this claimed 130 GeV line signal survives further scrutiny or not.

These constraints will continue to apply to any future interpretations of gamma-ray

lines at the GC in terms of DM annihilation.

Note that, these sensitivities readily probe the cross section that explains the

tentative 130 GeV line signal. More generally, we expect these sensitivities to be able

to probe many of the models, not necessarily supersymmetric, that could explain this

signal. We also emphasize that since we are looking for the synchrotron radiation from

the electrons and positrons produced in the decays of the Z or the H boson only, our

constraints are independent of the underlying DM particle physics model. In these

two ways, our work is complementary to Ref. [200]. The results here are of course

affected by astrophysical uncertainties, e.g., dark matter density profile, magnetic
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fields, interstellar radiation energy density, and proton density in the Galaxy, and by

taking a range of different values for them we try to understand their impact.

The rest of the paper is organized as follows. In Sec. 3.2 we discuss the radio

data that we use for obtaining our constraints, and the theoretical framework for

calculating the flux densities from synchrotron radiation by DM annihilation products.

In Sec. 3.3 we furnish and justify the astrophysical inputs, i.e., DM density, magnetic

fields, and radiation density in the Galaxy, that we use for our calculations. In Sec. 3.4

we show the predicted flux densities for benchmark DM annihilation cross sections,

and provide constraints on the DM annihilation cross section as a function of DM

mass for the channels χχ→ Zγ and χχ→ Hγ, and conclude in Sec. 3.5.

3.2 Experimental Data and Theoretical Framework

3.2.1 Radio data and regions of interest

We use radio data at two frequencies, 330 MHz and 408 MHz, to obtain the limits

on DM self annihilation cross section from near the GC. We use the projected radio

sensitivity of the LWA telescope at 80 MHz [259] to predict the future sensitivity on

DM self annihilation cross section to gamma-ray lines that can be probed by radio

data. We calculate the synchrotron flux density at a region offset from the GC in the

200 MHz band, which is an operating frequency band for the LOFAR telescope.

We consider both the LWA and LOFAR telescopes for two reasons. First, the

geographical location of LOFAR is not ideal to observe the GC, but it can measure the

radio flux away from the GC to derive useful constraints on dark matter properties.

Second, LWA is in a much better location to study the GC, but the GC can be

opaque at the frequencies the LWA will operate in. The redeeming factor is that the

absorptive nature of the GC at these frequencies is patchy and there exists regions
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that are transparent [260–263]. This argues for region optimization depending on the

observed patchiness and sizes.

ROI-2◦: Region of interest 2◦ around GC

The radio measurements in the 330 MHz band by the Green Bank telescope are

available in a 6◦ × 2◦ region around the GC [264], and provides us our first region

of interest (ROI-2◦). We approximate this region to be a circle with a radius 0.034

radians (≈ 2◦), for simplicity. Thus, we approximately match the area of the region

of observation in Ref. [264], but the shape is different. We assume that this dif-

ference will not change our results significantly. In Ref. [264], the authors present

an astrophysical model to explain the data, so we use the uncertainty in their mea-

surement at 330 MHz, i.e., 0.05× 18000 Jy = 900 Jy, to obtain our limits on the self

annihilation cross section as a function of the DM mass. The authors in Ref. [264]

also use radio data at higher frequencies to construct a GC model. Comparing our

calculated synchrotron flux density with the errors in their measurement at every

measured frequency we find that the most constraining limit on DM self annihilation

cross section comes from the lowest frequency band (330 MHz) and hence we only use

the uncertainty in the measurement at 330 MHz to constrain DM properties.

We will also use this ROI to obtain our projected sensitivity on DM particle

properties using the future measurement around the GC by the LWA telescope.

ROI-4′′: Region of interest 4′′ around GC

The radio measurement in the 408 MHz band by the Jodrell Bank telescope [265]

in a region 4′′ around the GC provides us with our second region of interest (ROI-4′′).

At this frequency, the region of interest is a circle of angular radius 4′′ and the upper

limit on the radio flux is 50 mJy. This region is significantly smaller than ROI-2◦,
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and as we will show, is affected differently to our input parameters. Thus it provides

a complementary site to testing DM properties.

ROI-away: Region of interest away from the GC

We also calculate the synchrotron flux within an angular cone of radius 1◦, at

angles 1.5◦ and 10◦ away from the GC. We calculate the synchrotron flux at regions

away from the GC at 80 MHz, which is an operating frequency band for the LWA

telescope, and at 200 MHz, which is an operating frequency band for the LOFAR

telescope. We calculate how the synchrotron flux varies with mass of the DM, for

a given 〈σv〉. The advantage of measuring the synchrotron flux away from the GC

is that the synchrotron flux depends less on the assumed DM profile and has much

smaller backgrounds. Ideally the best sensitivity to DM properties will be found if

the radio measurement is done in a radio “cold spot”, where no known radio sources

exist. On the other hand, due to smaller DM density, the synchrotron flux falls away

from the GC. This disadvantage is partially mitigated by the excellent sensitivity of

the present and upcoming radio telescopes like LWA, LOFAR and SKA.

Finally, anticipating future radio measurements near the GC, we also estimate

the constraints that can be obtained on DM self annihilation channels that produce

a gamma-ray line using the projected sensitivity of LWA. We very conservatively

assume that LWA can reach a background subtracted sensitivity of 10 Jy at 80 MHz

in a circular region of radius 2◦ around the GC. After the measurement of the radio

flux near the GC one has to model the synchrotron flux due to expected astrophysical

processes and then use the uncertainty in that measurement to constrain the DM

particle properties (as we have done for the 330 MHz band). Although we will only

present our calculated synchrotron fluxes in regions away from the GC, these can

also be used to measure the DM properties. We remind the reader that although the
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GC is generally opaque to frequencies . 100 MHz, the absorption is patchy and the

patchiness can be used to do the GC radio measurements [260–263].

3.2.2 Theoretical framework

To calculate the synchrotron flux from DM self annihilation products, in principle,

we need to solve the time-independent diffusion equation for the produced electrons

and positrons [244]

K(E)∇2ne(E, r) +
∂

∂E
[b(E, r)ne(E, r)]

= −S(E, r) , (3.1)

where ne(E, r) is the electron density spectrum per unit energy interval, K(E) is the

diffusion coefficient, b(E, r) is the energy-loss rate and S(E, r) is the source injection

spectrum of the electrons. Here E denotes the energy of the electron and r denotes

the position of the electron.

For ROI-2◦, it can be shown that we are in a regime where the GeV electrons

will travel only ∼ 30 pc [246, 266] during their cooling lifetime. Since this length

is much smaller than the length associated with ROI-2◦, we conclude that diffusion

will have a small impact on our results. For ROI-4′′, due to the presence of very

high magnetic fields near the GC (see Sec. 3.3.2), and consequently high energy loss

rates, the diffusion length 〈l(E)〉 ∼
√
KE/b, is very small and diffusion can be safely

neglected. However, for increased precision, one may in future improve our results by

performing a more detailed numerical study along the lines of [257].

These electrons and positrons then lose energy via the synchrotron process, the

inverse Compton process, and the bremsstrahlung process. For our purposes, the
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total energy loss rate is given by

b(E, r) = bsync(E, r) + bIC(E, r) + bbrem(E, r) . (3.2)

Ionization energy loss is important for electrons and positrons only at lower energies

than are considered in this work.

Synchrotron energy losses are due to the interaction of the electron and the

positron with the Galactic magnetic field. The energy loss rate due to synchrotron

process is given by (all formulae in this section are in SI units) [244]

dE

dt

∣∣∣∣
sync

=
4

3
σT c Umag(r)γ2β2 (3.3)

= 3.4× 10−17 GeV s−1

(
E

GeV

)2(
B(r)

3µG

)2

,

where σT = e4/(6πε20m
2
ec

4) is the Thompson scattering cross section [162], Umag is the

magnetic energy density, γ = E/me is the Lorentz factor, and β =
√
γ2 − 1/γ. The

photons emitted because of synchrotron energy loss is generally in the radio band.

Inverse Compton energy losses are caused by the up-scattering of the photons in

the GC region (which is mainly composed of the CMB and the background starlight)

by the more energetic electrons and the positrons. The energy loss rate due to the

inverse Compton process is given by [244]

dE

dt

∣∣∣∣
IC

=
2

9

e4 Urad(r)E2

π ε20m
2
e c

7
(3.4)

= 10−16 GeV s−1

(
E

GeV

)2(
Urad(r)

eV cm−3

)
,

63



where Urad is the radiation energy density. The photons from the CMB and the

background starlight is generally up scattered to gamma-ray energies by the energetic

electrons and positrons from the decays of the Z-boson and the Higgs boson.

Bremsstrahlung losses are caused by the emission of gamma-ray photons by the

electrons and positrons due to their interaction with the nuclei in the Galaxy. The

energy loss rate for this process is given by the Bethe-Heitler formula [267]. We

assume that the hydrogen nuclei are the dominant nuclei present in the Galaxy. The

energy loss rate due to bremsstrahlung is given by

dE

dt

∣∣∣∣
brem

= 3× 10−15 GeV s−1

(
E

GeV

)( nH

3 cm−3

)
, (3.5)

where we use nH ≈ 3 cm−3 as the number density of hydrogen nuclei in the interstellar

matter in the Galaxy.

The source term is due to the particle injection from DM self annihilation

S(E, r) =
1

2
〈σv〉

(
ρχ(r)

mχ

)2
dNe

dE
, (3.6)

where mχ denotes the mass of the DM particle, ρχ(r) denotes the DM density distri-

bution. dNe/dE denotes the number of electrons and positrons from the decay of the

Z or the H boson per unit energy interval, which we calculate using PYTHIA [268].

Collecting the above mentioned inputs and in the no diffusion limit [246], we can

write electron density spectrum per unit energy interval as

ne(E, r) = −
∫ mχ
E

dE ′ S(E ′, r)

b(E, r)
. (3.7)
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Flux density in ROI-2◦

The synchrotron power density per unit frequency from a spectrum of electrons

and positrons is given by [267,269]

Lν (r) =

∫
dE ne(E, r)

×
{

1

4πε0

√
3e3B(r)

mec

(
ν

νc

∫ ∞

ν/νc

dx K5/3(x)

)}
, (3.8)

where the critical frequency, νc, is given by

νc =
3eE2B

4πm3
ec

4
= 16 MHz

(
E

GeV

)2(
B

µG

)
, (3.9)

and K5/3(x) denotes the modified Bessel function of order 5/3.

The synchrotron radiation flux density is given by

Fν =
1

4π

∫
dΩ

∫
dl Lν(r) , (3.10)

where l denotes the line of sight distance and Ω is the angular area of the region of

interest.

We have verified that the synchrotron self-absorption is unimportant for these

parameters which is generally a problem near the GC at frequencies below approxi-

mately 100 MHz but the absorption regions are patchy [260–263].

Flux density in ROI-4′′

For the smaller region of interest of radius 4′′ around the GC, i.e., ROI-4′′, we

follow the method presented in Ref. [243], which is dependent on the morphology of

the magnetic field near the GC black hole. Due to the strong magnetic fields in this
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region, we assume that the energy loss of the electron is dominated by the synchrotron

energy losses. In this case, we approximate

ν

νc

∫ ∞

ν/νc

dx K5/3(x) ≈ 8π

9
√

3
δ

(
ν

νc
− 1

3

)
. (3.11)

The synchrotron flux density in this case is given by [243]

Fν =
1

4π(8.5 kpc)2

〈σv〉
2m2

χ

∫
dV ρ2

χE

∫ mχ

E

dN

dE ′
dE ′ , (3.12)

where the first integral is over the volume of observation and the second integral

counts the number of particles above a certain energy E. The value of E in this case

can be found by using Eqs. (3.9) and (3.11) and is given by

E = 433 MeV

√( ν

MHz

)(µG

B

)
. (3.13)

Flux density in ROI-away

We calculate the synchrotron flux in ROI-away in the same way as we do in ROI-

2◦. To account for the fact that we are now calculating the synchrotron flux away

from the GC, we do make some modifications to our input of the interstellar proton

density and the interstellar radiation density. For simplicity, we take the number

density of hydrogen nuclei in the interstellar medium of our Galaxy to be 3 cm−3. We

take the variation of the radiation energy density following Ref. [244]. More details

about the variation of the radiation energy density is given in Sec. 3.3.3.
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3.3 Astrophysical inputs for calculations

3.3.1 DM density profiles

One of the major unknowns near the GC is the DM density profile. Almost all

simulations agree on the radial dependence of the DM density profile at large radii

from the GC, ρ(r) ∼ r−3. However, due to limited numerical resolution and the

complicated astrophysics at the GC, the simulations disagree on the shape of the

density profile at small radii.

Observations of elliptical galaxies [270], early-type galaxies [271], M31 [272], and

M84 [273] prefer a cuspy profile in contrast to dwarf galaxies which prefer a cored

profile [274]. Given that M31 is a Milky Way like galaxy, we assume that the DM

density profile in the Milky Way is not cored and hence we do not consider the cored

isothermal profile in our work. In general, the constraints from the indirect detection

searches are especially weak for a cored isothermal profile [243,246].

In this work, we use three different DM profiles which provide reasonable con-

straints from the radio measurements at the GC. The dark matter density at the

solar radius has a value of 0.3 ± 0.1 GeV/cm3 [275]. For concreteness, in this work,

we take the benchmark value to be 0.4 GeV/cm3 [276, 277]. Note that local dark

matter density taken in the papers which discuss the presence of the 130 GeV line at

the GC is also 0.4 GeV/cm3 (see, e.g., Refs. [131,194]).

The Einasto dark matter profile [157,278–280],

ρEin(r) =
0.08 GeV cm−3

exp

[
2

0.17

((
r

20 kpc

)0.17

− 1

)] . (3.14)
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Figure 3.1: Galactic dark matter density (left panel) and magnetic field profiles (mid-
dle and right panels). (Left) We show the various DM profiles used in this work: the
Einasto profile (3.14), the NFW profile (3.15) and the contracted NFW profile (3.16).
(Middle) We show the magnetic field used for calculating the synchrotron flux in
ROI-2◦, i.e., a region of angular radius 2◦ around the GC. The constant magnetic
field has a value of 6µG everywhere in the Galaxy. The exponential magnetic field is
given in Eq. (3.17) and has a value of 6µG at the solar radius. (Right) We show the
magnetic field used for calculating the synchrotron flux in ROI-4′′, i.e., in a region
of angular radius 4′′ around the GC. The “equipartition” magnetic field is given by
Eq. (3.18) and the “cored” magnetic field is given by Eq. (3.20). Both the fields have
been normalized to have a value of 6µG at the solar radius.

is the least cuspy of all the DM profiles considered in this work, and hence we expect

this profile to produce least amount of synchrotron radiation, especially when we

consider the synchrotron radiation from a region very near the GC.

We then consider the standard NFW profile [142]

ρNFW(r) =
0.35 GeV cm−3

(
r

20 kpc

)(
1 +

r

20 kpc

)2
. (3.15)

The cuspy nature of this DM density profile will ensure that we get a larger syn-

chrotron radiation flux than what we expect from the Einasto profile when we consider

observation from a region very near to the GC.
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We finally consider a contracted NFW profile

ρcon.NFW(r) =
0.29 GeV cm−3

(
r

20 kpc

)1.15(
1 +

r

20 kpc

)1.85 . (3.16)

The steeper inner slope in this case can be due to either a GC black hole [281], or due

to adiabatic contraction due to the presence of baryonic matter at the GC [282–284],

which have been supported by more recent numerical simulations.

These DM profiles are shown in the left panel in Fig. 3.1. It is evident from the

figure that, at small radii, the contracted NFW profile has the steepest slope, and the

Einasto profile has the shallowest slope of all the three DM profiles considered in this

work. From the figure, one can also infer that the DM density profiles have almost

the same shape at large distances from the GC.

3.3.2 Magnetic fields

The GC magnetic field has both a regular and a turbulent component. For both

the components, the normalization and the radial profile is not understood very well.

In particular, the magnetic field amplitude near the GC is uncertain, with measured

estimates spanning a range of some two orders of magnitude between 10µG [285]

and 103 µG on scales of a few ∼ 100 pc [286]. In order to account for the uncertainty

in the magnetic field, we adopt several configurations. In all cases, we initially fix

the normalization to a value B� = 6µG at the solar system radius (r� = 8.5 kpc).

This is mid-range among the various estimates of B� which span between 3µG and

10µG [287–289]. We will discuss how our results scale with the different values of B�

when we present our results.
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Magnetic fields in ROI-2◦

For ROI-2◦, i.e., a circular region with radius 2◦ around the GC (distance scale

∼ 200 pc for r� = 8.5 kpc), we consider two different magnetic field radial profiles.

The first is the spherically symmetric exponential profile,

B(r) = B� exp

(
−r − r�

Rm

)
, (3.17)

where r is the distance from the GC, and Rm = 14 kpc is the scale radius. Our choice

of Rm follows from Ref. [245], where we adopt their Galactic magnetic field model

“GMF I” and their best-fit propagation parameters. We add that we neglect the z-

dependence of the magnetic field which is only weakly constrained by data and remain

highly uncertain. Using this conservative form of the magnetic field, the magnetic

field at a radius of 2◦ is ≈ 11µG. Although this value is within the range of estimates

of the magnetic field in the GC, it is closer to the lower range. In addition, it does not

obey the lower limit of 50µG on scales of 400 pc presented in Ref. [264]. However,

given the uncertainties in the astrophysical and propagation quantities, we do not

consider this difference significant. For example, if we adopt instead B� = 10µG

and the “MAX” propagation parameters of Ref. [245], we obtain Rm ≈ 8.5 kpc and a

magnetic field at 2◦ of ≈ 27µG. To estimate the impact of the normalization of the

magnetic field, we will also show our results for two extreme values for B�, i.e., 3µG

and 10µG.

To estimate the uncertainty due to the shape of the magnetic field profile we also

adopt the extreme case of a constant magnetic field of value B� everywhere [249].

Both of these are shown on the middle panel of Figure 3.1.
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Magnetic fields in ROI-4′′

For ROI-4′′, i.e., a region with radius 4′′ around the GC (distance scale ∼ 0.2 pc

for r� = 8.5 kpc), we need to take into account the influence of the supermassive

black hole (SMBH) at the GC. The presence of the SMBH sets two length-scales:

the Schwarzschild radius, RBH ≈ 1.2 × 1012(M/4.3 × 106M�) cm, and the radius

Racc ≈ 0.04 pc within which the free-fall velocity due to the gravity of the SMBH

v = −c
√
RBH/r is larger than the random Galactic motion, ∼ 10−3c. In other words,

the region r < Racc defines the accretion region.

We adopt the “equipartition model” for the Galactic magnetic field, described

by various authors [243]. In this model, the SMBH accretes matter from a radius

of Racc, and the magnetic field in the accretion flow achieves its equipartition with

the kinetic pressure, i.e., B2(r)/(2µ0) = ρ(r)v2(r)/2. For a constant mass accretion

rate, Ṁ , one obtains ρ(r) = Ṁ/4πr2v(r) ∝ r−3/2, and thus B(r) ∝ r−5/4. Outside of

Racc, the conservation of magnetic flux is assumed, yielding B(r) ∝ r−2. Thus, the

equipartition magnetic field is given by

Beq(r) =





Bacc(r/Racc)
−5/4 r ≤ Racc

Bacc(r/Racc)
−2 Racc < r ≤ Rflux

B� Rflux < r ,

(3.18)

where Racc ≈ 0.04 pc, Rflux ∼ 100Racc, and

Bacc = 7.9 mG

(
MBH

4.3× 106M�

)1/4
(

Ṁ

1022 g/s

)
, (3.19)

for typical values of B�.

We also consider a variant of the equipartition model, where the inner magnetic

field is kept smaller because equipartition is prevented somehow. This may occur
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if, for example, magnetic field dissipation occurs by reconnection in the turbulent

accretion flow (see, e.g., [290] and references therein). Since the details of dissipation

are not well understood, we conservatively adopt a constant magnetic field throughout

the accretion region, namely,

Bcored(r) =





Bacc r ≤ Racc

Bacc(r/Racc)
−2 Racc < r ≤ Rflux

B� Rflux < r .

(3.20)

We call this the cored magnetic field. These are shown on the right panel of Figure

3.1.

Magnetic fields in ROI-away

While calculating the magnetic field in a region offset from the Galactic Center,

we assume the exponential magnetic field structure as in Eq. (3.17).

3.3.3 Radiation energy density

The radiation energy density is the sum of the energy density of the CMB photons

and the energy density of the background starlight photons. The energy density of

the CMB photons is 0.3 eV cm−3. The radiation energy density due to the back-

ground starlight varies with position in the Galaxy from 1 eV cm−3 to 10 eV cm−3.

Conservatively, when we calculate the synchrotron flux in a region near the GC, i.e.,

in ROI-2◦ and ROI-4”, we take the background starlight energy density to have a

constant value of 9 eV cm−3. Hence we use the total radiation field energy density as

Urad = 9 eV cm−3 in this work while calculating the synchrotron flux in a region near

the GC. We also check our results by taking a much smaller radiation energy density
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of 0.9 eV/cm3 and find that using this lower value of the radiation field energy density

improves our constraints by a factor of ∼ 2 - 3.

When we calculate the synchrotron flux in a region away from the GC, ROI-away,

we follow the radiation energy density parametrization in Ref. [244] which uses the

results in Ref. [291]. The energy density at any given position in the Galaxy is [244]

Urad(r, z) =
Ustellar(4 kpc, z)

Ustellar(4 kpc, 0)
Ustellar(r, 0) + UCMB , (3.21)

where we denote the CMB energy density as UCMB and the stellar radiation energy

density by Ustellar. The vertical distance from the plane of the Galaxy is denoted by

z and the radial distance from the center of the Galaxy is denoted by r. Our choice

of the radiation field density is also consistent with [292].

3.4 Results

In this section, we first present our results for the synchrotron fluxes from DM

annihilation products, and discuss the expected systematic uncertainty due to in-

complete knowledge of the DM and magnetic field profiles. In all the plots, we have

taken 〈σv〉 = 10−26 cm3 s−1 unless otherwise mentioned. We only assume the DM

self annihilation channels χχ → Zγ or χχ → Hγ to present a completely particle

physics model independent result. We then compare the expected flux with avail-

able/projected radio data from the GC to arrive at constraints/sensitivities on the

DM annihilation cross section. We perform this exercise for three frequency bands

(330 MHz, 408 MHz, and 80 MHz) in two different regions of interest around the

GC. We also calculate the synchrotron flux due to DM annihilation using the above

mentioned parameters in a region of radius 1◦ at an angle 10◦ away from the GC.

Although we do not use the region offset to the GC to derive any constraints on DM
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Figure 3.2: Prediction of the synchrotron flux density 2◦ around the GC, against
mass of the DM. In all the plots, we set as a benchmark DM annihilation cross
section 〈σv〉 = 10−26 cm3 s−1, and consider three different DM profiles: Einasto profile
in Eq. (3.14), NFW profile in Eq. (3.15) and the contracted NFW profile in Eq. (3.16).
(Left) χχ → Zγ. (Right) χχ → Hγ. (Top) Results for 330 MHz. We also show
the uncertainty in the measurement which is used to derive our constraints in this
frequency band. (Bottom) Results for 80 MHz. For both the frequency bands, we
use the exponential magnetic field in Eq. (3.17).
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Figure 3.3: Prediction of the synchrotron flux density 4′′ around the GC, against
mass of the DM. The DM annihilation cross section and the profiles are the same
as in Fig. 3.2. (Left) χχ → Zγ. (Right) χχ → Hγ. (Top) Results for 408 MHz.
(Bottom) Results for 200 MHz. We use the equipartition magnetic fields in Eq. (3.18)
for both these frequency bands.
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Figure 3.4: Prediction of the synchrotron flux density at a region if radius 1◦ at 10◦

away from the GC, against mass of the DM. The DM annihilation cross section and
the profiles are the same as in Fig. 3.2. (Top) Results for the 200 MHz radio band.
(Bottom) Results for the 80 MHz radio band. We use the exponential magnetic fields
in Eq. (3.17).
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Figure 3.5: Prediction of the synchrotron flux density against angle away from the
GC for a DM mass of 100 GeV at 200 MHz. The region of interest is a circular region
of radius 1◦ at the specified angle away from the GC. We take the NFW DM profile,
the same annihilation cross-section, and magnetic field as in Fig. 3.4. The variation
of the synchrotron flux density with angle is very similar for all the DM profiles and
annihilation channels considered in this work.

properties, we remind the reader that strong constraints can also be obtained from

radio observation at a region away from the GC.
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3.4.1 Synchrotron flux density at the GC

Flux density in ROI-2◦

We calculated the synchrotron flux according to the prescription and inputs pre-

sented in Sec. 3.3 and plot, in the top and bottom panels of Fig. 3.2, the flux density

due to synchrotron radiation from DM self annihilation products against mass of the

DM for a region of radius 2◦ around the GC in the 330 MHz and 80 MHz radio band

respectively. The magnetic field used is a spherically symmetric exponential magnetic

field, taken from Eq. (3.17) with the magnetic field at the solar radius normalized to be

6µG. The uncertainty in the measurement of the synchrotron flux density at 330 MHz

band in this region around the GC at this frequency band, 900 Jy [264], is also shown

in the plot and is used to obtain our constraints on the DM particle properties.

For both the frequency bands, the synchrotron flux from DM annihilation products

is maximum for the contracted NFW profile. This is expected because the signal is

proportional to ρ2 and a larger ρ increases the signal at the GC. When the region

of interest is fairly large, e.g., ROI-2◦, the Einasto profile is predicted to lead to

more annihilation than the standard NFW profile. At such a large distance from the

GC, the synchrotron energy density only varies by a factor of a few for different DM

profiles, demonstrating the relative robustness of these results.

Flux density in ROI-4′′

We calculated the flux densities and plot it against the mass of the DM in the top

and bottom rows in Fig. 3.3 for the 408 MHz and 200 MHz radio band respectively.

The changes are that the region of interest is now a circular region of radius 4′′

around the GC and the frequency of radio observations is taken to be 408 MHz. The

magnetic field used is the equipartition magnetic field, taken from Eq. (3.18). We
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get very similar results (differences of less than 1 mJy) if we use the cored magnetic

field, as given in Eq. (3.20). A different value of the magnetic field at the solar radius

(within the range 3µG to 10µG) does not change the value of the synchrotron flux

density by more than a factor of two. The upper limit on the synchrotron flux density

in this region around the GC at this frequency, 50 mJy [265], is also shown in the top

plot and is used to obtain our constraints on the DM particle properties.

As expected, the synchrotron flux from DM annihilation products is maximum

for the contracted NFW profile. However, in contrast to the above we find that for

smaller regions of interest, e.g., ROI-4′′ the cuspiness of NFW profile at lower radii

leads to larger fluxes than from the Einasto profile. Note however, that for such small

regions of interest around the GC, the flux varies by orders of magnitude for the

different DM profiles.

Flux density in ROI-away

We calculated the synchrotron flux according to the prescription and inputs given

in Sec. 3.3 in ROI-away and plot some representative results in Fig. 3.4. The top and

bottom panels show the synchrotron flux in a circular region of radius 1◦ at 10◦ away

from the GC for the 200 MHz and 80 MHz radio band respectively. The magnetic field

used is the exponential magnetic field, taken from Eq. (3.17) with the magnetic field

at the solar radius normalized to be 6µG. We also take into account the variation of

the radiation density with distance from the GC while calculating the synchrotron

fluxes following the parametrization in Eq. (3.21). For a given angle θ away from the

GC, we calculate the value of z and then use the radiation energy density Ustellar(0, z)

in our calculations. Although this is a conservative approximation, we expect that a

full calculation will given similar results.
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The disadvantage of the synchrotron flux decreasing as one makes a measurement

away from the GC is mitigated by the fact that the flux depends less strongly on

the assumed DM profile. Due to the excellent sensitivity of present generation ra-

dio telescopes like LWA and LOFAR and even better sensitivity of near future radio

telescopes like SKA very robust limits on DM properties can be obtained from radio

measurements away from the GC. In particular, as mentioned earlier, if the measure-

ment is done in a radio cold spot then modeling the astrophysical backgrounds will

also be easier to find the putative radio signal of DM annihilation.

Variation of the synchrotron flux with angle away from the GC

We plot our calculated synchrotron flux density against angle away from the GC

for the 200 MHz band and for the χχ → Zγ channel in Fig. 3.5. We assume the

exponential magnetic field as given in Eq. (3.17). We calculate our synchrotron fluxes

in a region of radius 1◦ at the specified angle away from the GC. We take into

account the variation in the radiation field energy density following the prescription

in Sec. 3.4.1. As can be seen from the plots, the synchrotron flux falls off by an order

of magnitude as the angle away from the GC increases from 10◦ to 50◦. A very similar

variation of the synchrotron flux away from the GC is obtained for the χχ → Hγ

channel and in the 80 MHz radio band.

3.4.2 Sensitivity to magnetic fields

Now, we explore the sensitivity of the predicted synchrotron fluxes to the normal-

ization and shape of the Galactic magnetic field profile. We remind the reader that

we have used 6µG as our benchmark value of the magnetic field at the solar radius

for all our calculations presented in the other sections. The DM is assumed to have

a standard NFW profile (Eq. (3.15)) for the plot in this section.
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To understand the impact of the normalization of the Galactic magnetic field on

the synchrotron flux density due to dark matter annihilation, in Fig. 3.6 we plot the

synchrotron flux due to two different values of the Galactic magnetic field at the solar

radius: 3µG and 10µG. It is seen that varying the normalization of the Galactic

magnetic field can change the synchrotron flux density by a factor of a few for both

the exponential magnetic field profile and the constant magnetic field profile.

We show the impact of two different magnetic field profiles: the exponential profile,

Eq. (3.17), and the constant magnetic field profile for the 330 MHz band. For a given

normalization of the magnetic field profile at the solar radius, we see that the flux

due to the exponential magnetic field profile is always larger than the flux due to

the constant magnetic field profile for the DM annihilation channel, χχ → Zγ. The

result is similar for the annihilation channel χχ→ Hγ.

The overall uncertainty in the normalization and the shape of the Galactic mag-

netic field can lead to a difference of at most an order of magnitude in the predicted

synchrotron flux in the 2◦ around the GC at 330 MHz. We have checked that the

variation in the synchrotron flux density with the normalization and shape of the

Galactic magnetic field is similar for the other DM profiles considered in this work.

For the region of angular radius 4′′ around the Galactic Center, the difference in

the synchrotron flux density is less than a factor of two for both the equipartition,

Eq. (3.18) and the cored magnetic field profile, Eq. (3.20), for a given DM profile.

Again, the uncertainty due to incomplete knowledge of magnetic fields can lead to at

most an order of magnitude changes in the predicted synchrotron fluxes.
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Figure 3.6: Prediction of the synchrotron flux density vs. mass of the DM at 330 MHz,
in a region 2◦ around the GC. The magnetic field used is exponential, as in Eq. (3.17),
and a constant magnetic field. We use two different values of the magnetic fields at
the solar radius: 3µG and 10µG. We use the NFW profile and the same annihilation
cross section as in Fig. 3.2. The variation is similar for all the DM profiles and
annihilation channels considered in the text.

3.4.3 Constraints on σv-m

Constraint from the measurement at 330 MHz

In the region with radius 2◦ around the GC, data in the 330 MHz radio band is

presented in Ref. [264]. We compare our prediction of the synchrotron flux from

products of DM annihilation, and demand that the radio is not over-saturated by the

DM-induced fluxes. This gives us a constraint on the DM annihilation cross section
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Figure 3.7: Constraints obtained in the σv vs. m plane for different annihilation
channels, different frequency bands, and different regions of observations. The DM
profiles are the same as in Fig. 3.2. See [2] for details.
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σv ∼ 10−25 cm3 s−1. This is overly conservative, as there are known astrophysical

sources that produce most of the observed synchrotron radiation. The astrophysical

model presented in Ref. [264] suggests that with present level of uncertainty, at most

5% of the flux (. 900 Jy) could come from unknown sources. This gives a much

stronger constraint σv ∼ 10−26 cm3 s−1. This constraint on the σv-m plane that can

be derived from the radio flux measurement at 330 MHz for a circular region of radius

2◦ is plotted in the top panel of Fig. 6.1. We only show the constraints that can be

obtained in this radio band by using the exponential magnetic field given in Eq. (3.17),

with a normalization of 6µG.

For both the DM self annihilation channels χχ→ Zγ and χχ→ Hγ, we see that

the contracted NFW profile gives the most constraining limit. Since the gamma-ray

line prefers a cross section σv ∼ 10−27 cm3 s−1 for all the three profiles [131], it can

be concluded that the existing data at this frequency is not able to constrain the

line signal independent of a DM particle physics model. However, since the present

constraints are only an order of magnitude away from the DM self annihilation cross

section preferred by the 130 GeV signal, a future radio measurement near the GC can

be used to either constrain or confirm its presence at the GC.

Constraint from the measurement at 408 MHz

The upper-limit on the synchrotron flux at 408 MHz found by Ref. [265] allows

us to impose much stronger constraints than above. The procedure that we follow

is similar to above - we compare the predicted fluxes with the existing upper limit,

and demand that the DM annihilation not produce a flux larger than what is already

constrained. This constraint in the σv-m plane that can be derived from the radio

flux measurement at 408 MHz for a circular region of radius 4′′ is plotted in the middle

row of Fig. 6.1.
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We also show the dark matter mass and self-annihilation cross section preferred

for the 130 GeV gamma-ray line by the thin shaded box. For the annihilation to

Zγ/ Hγ, the gamma-ray energy is given by Eγ = mχ

(
1−m2

Z/h/4m
2
χ

)
. Hence for

a 130 GeV gamma-ray line, the DM mass preferred is ∼142 GeV for annihilation to

Zγ and a DM mass of ∼155 GeV is preferred for annihilation to Hγ. Given the

self annihilation cross section 〈σv〉γγ presented in Ref. [131], we convert them to

〈σv〉Z/Hγ by following the prescription given in Ref. [293]. For DM self-annihilation

to Zγ or Hγ, the relation between DM mass and the gamma-ray line is given by mχ =

(1/2)(1 +
√

1 +m2
Z/h/E

2
γ)Eγ, and it follows from kinematic considerations that if the

limits of 〈σv〉γγ are given, the corresponding limits for 〈σv〉Z/Hγ is given by 〈σv〉Z/Hγ =

(1/2)
(

1 +
√

1 +m2
Z/h/E

2
γ

)2

〈σv〉γγ. We take the upper and lower limits on 〈σv〉γγ
for the 130 GeV gamma-ray line from the Region 4 of the SOURCE class events as

presented in Ref. [131]. Using the other regions and the ULTRACLEAN class events

gives similar limits and it will not change our conclusions. For the 408 MHz radio

band, we only show the 〈σv〉Z/Hγ that is preferred by the 130 GeV gamma-ray line

for the NFW contracted profile.

For both the DM self annihilation channels χχ→ Zγ and χχ→ Hγ, we see that

the contracted NFW profile gives the most constraining limit (σv . 10−27 cm3 s−1),

and in fact the sensitivity to the cross section is less than the total thermal relic cross

section for both the self annihilation channels. The least constraining limit is obtained

from the Einasto DM profile, as expected (σv . 10−25 cm3 s−1). If we assume that

the modeling of the magnetic field near the GC black hole is correct, then this shows

that the interpretation of the line signal near the GC for a contracted NFW profile

is in mild tension with the radio data, provided the source of the gamma-ray line in

the GC is due to the χχ→ Zγ and χχ→ Hγ self annihilation channel.
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Sensitivity from a future measurement at 80 MHz

The situation is expected to improve dramatically with future observation of the

GC by LWA, LOFAR, and SKA. Although we present our future constraint from a

radio flux measurement at 80 MHz near the GC, it is worth mentioning that strong

constraints can also be obtained from measurement of the radio flux away from the

GC. As mentioned earlier, ideally we expect the best measurement to come from

a radio cold spot. The standard astrophysical background has to be modeled very

carefully to reach the sensitivity as presented in this paper.

To forecast the sensitivity, we very conservatively assume that LWA can reach a

background subtracted flux density sensitivity 10 Jy at 80 MHz for a circular region

of radius 2◦ around the GC [259]. The constraint in the σv-m plane that can be

derived from the radio flux measurement at 80 MHz for a circular region of radius

2◦ is plotted the bottom panel of Fig. 6.1. We also show the 〈σv〉Z/Hγ preferred by

the 130 GeV gamma-ray line by the green, red and blue shaded boxes for the NFW,

Einasto and the contracted NFW DM profile respectively. We again use the Region

4 in the SOURCE class events and the prescription given in the previous section

to draw these boxes. We did not draw these shaded boxes in the correct DM mass

positions for clarity.

Due to the superior flux sensitivity of LWA at these frequencies, we see that both

the χχ → Zγ and χχ → Hγ self annihilation channel can be probed well below the

total thermal relic cross section for all three considered DM profiles. In particular,

for all the DM profiles considered, one can probe below the σv ∼ 10−27 cm3 s−1

cross sections required to explain the tentative 130 GeV signal. Thus, if the 130 GeV

gamma-ray line turns out to be robust and originates from DM self annihilation, LWA

has a good chance to search for the self annihilation channel giving rise to the line for

the NFW, Einasto and the contracted NFW profile. Up to the uncertainty in the GC
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model, this remains, to our knowledge, the best probe for discerning the origin of the

DM line independent of any particle physics DM model. Since LWA will reach this

sensitivity over a large region of observation, the dependence of the constraint on the

underlying DM profile is modest. We expect similar limits can be obtained by the

LOFAR collaboration as well. SKA is expected to further strengthen this constraint.

3.5 Summary and Outlook

In this paper we have shown that existing radio data around the Galactic Center

at 408 MHz marginally constrains the interpretation of the 130 GeV line in Fermi-

LAT data in terms of DM self annihilation to Zγ or Hγ with a cross section ∼

10−27 cm3 s−1 for a contracted NFW profile. For other frequencies or other DM density

profiles the constraint is up to an order of magnitude weaker within the parameter

ranges chosen by us. Future measurements made around the GC by LWA in the

80 MHz band can push the sensitivity to DM annihilating to gamma-ray lines down

to σv ∼ 10−28 cm3 s−1 and enable a test of the above signal. Although the background

needs to be known very well to achieve our quoted limits, these possibilities are, to

the best of our knowledge, some of the most competitive ways to test for the nature

of the DM that could have produced the tentative 130 GeV line signal.

We have shown that these conclusions are fairly robust with respect to the as-

sumptions on the magnetic field in the Galaxy, and the constraints do not weaken

by more than an order of magnitude. The dependence on DM density profiles is

somewhat more important, especially when the region of observation is small and

closely centered on the GC. While the uncertainty in the astrophysical modeling of

the GC does impact our results (see for e.g., [294] for a different modeling of the

GC), we must emphasize that these constraints are completely model-independent

from the particle physics perspective, because we have simply taken the electrons and
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positrons from the known decays of the Z or H produced in the DM annihilation to

Zγ or Hγ, respectively. A similar study on dark matter annihilation contribution to

the galactic radio background [295] and diffuse extragalactic radio background [296]

can also performed to cross-check potential dark matter signals from the Galactic

Center [253,254,258].

We hope that these results will encourage radio astronomers, especially those at

LWA, VLA-Low, LOFAR, and SKA, to observe the GC, model the astrophysical

synchrotron backgrounds, and determine if there is any excess flux. Irrespective of

whether the tentative 130 GeV gamma-ray line signal at Fermi-LAT is due to DM

annihilation or not, this promises to deliver some of the strongest constraints on DM

annihilation.
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Chapter 4

Resolving Small-Scale Dark Matter Structures Using

Multi-Source Indirect Detection

The extragalactic dark matter (DM) annihilation signal depends on the
product of the clumping factor, 〈δ2〉, and the velocity-weighted annihi-
lation cross section, σv. This “clumping factor–σv” degeneracy can be
broken by comparing DM annihilation signals from multiple sources. In
particular, one can constrain the minimum DM halo mass, Mmin, which de-
pends on the mass of the DM particles and the kinetic decoupling temper-
ature, by comparing observations of individual DM sources to the diffuse
DM annihilation signal. We demonstrate this with careful semi-analytic
treatments of the DM contribution to the diffuse Isotropic Gamma-Ray
Background (IGRB), and compare it with two recent hints of DM from the
Galactic Center, namely, ∼ 130 GeV DM annihilating dominantly in the
χχ→ γγ channel, and (10− 30) GeV DM annihilating in the χχ→ bb̄ or
χχ→ τ+τ− channels. We show that, even in the most conservative analy-
sis, the Fermi IGRB measurement already provides interesting sensitivity.
A more detailed analysis of the IGRB, with new Fermi IGRB measure-
ments and modeling of astrophysical backgrounds, may be able to probe
values of Mmin up to ∼ 1M� for the 130 GeV candidate and ∼ 10−6M�
for the light DM candidates. Increasing the substructure content of halos
by a reasonable amount would further improve these constraints.

The contents of this chapter were published in [5].
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4.1 Introduction

The observed universe is well explained by the ΛCDM cosmological model (Λ Cold

Dark Matter). A large fraction, ΩΛ, of its energy density is in the form of enigmatic

dark energy, and the rest, ΩM , is mostly non-relativistic matter and a tiny fraction

of relativistic particles. A major fraction of ΩM has no detectable electromagnetic

interactions, thus is termed Dark Matter (DM). From its gravitational effects on

different length scales, DM is determined to have an energy density fraction Ωχ. The

particle nature of DM is largely unknown.

Identifying the fundamental particle nature of DM is one of the most important

problems in contemporary science. A well-motivated DM candidate is the generic

Weakly Interacting Massive Particle (WIMP), produced as a thermal relic in the

early universe [55, 56, 297]. DM that self-annihilates at the electroweak scale nat-

urally produces the observed DM abundance. The precise value of the thermally

averaged total annihilation cross section that determines the DM abundance depends

on several parameters [10]. A larger value will delay chemical decoupling, which would

underproduce DM relative to the observed abundance, and vice versa.

After chemical decoupling (freeze-out), DM will continue to self-annihilate but at

a cosmologically negligible rate. At the present epoch, DM is non-relativistic and

is no longer thermally distributed. As a result, the velocity-weighted cross section

(or simply annihilation cross section), σv, which controls the annihilation rate now,

could be a function of relative velocity and thus depends on the phase space of the

DM structures. In this work, we consider the simplest case where σv is velocity

independent over the relevant range of velocities of cosmic DM. In this case (s-wave),

if the total value of σv now differs from the value of thermally-averaged 〈σv〉 that

determines the relic abundance, it could imply a dominantly p-wave annihilation cross
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section [298, 299], non-trivial velocity dependence of σv [170, 300], or some special

thermal scenarios [301].

DM self-annihilation opens up the possibility of remotely detecting its annihila-

tion products from concentrated DM sources, i.e., indirect detection. Together with

directly detecting nuclear recoils in underground experiments, DM production in col-

lider experiments, and DM influence of astrophysical systems, these four types of DM

detection provide crucial and complementary information on the particle nature of

DM [8].

Indirect detection is a powerful way to detect DM. However, it suffers from prob-

lems of low signal-to-noise ratios due to large and complicated astrophysical back-

grounds. One strategy is to search for smoking-gun signatures that would allow for

effective separation between background and signal. Examples of such signatures

are spectral lines [188, 193, 302, 303], spectral cut-offs [154, 209, 304–306], or distinct

anisotropy signals [307–309]. Since annihilation signals are proportional to the DM

density squared [107, 109], it is advantageous to search for these signatures from re-

gions where DM is clustered, e.g., the Galactic Center (GC), dwarf galaxies, galaxy

halos, galaxy clusters, or the diffuse signal from annihilation in all the DM structures

in the Universe.

The diffuse extragalactic DM annihilation signal is particularly difficult to predict

robustly [310–312]. It depends not only on the self-annihilation cross section and DM

density distribution within halos, but also on the statistics of cosmological DM halos

such as the halo abundances and their concentrations at small scales. Dense DM

structures are expected to be present, whether they are standalone or residing within

halos as substructures. They span down to the smallest possible bound DM objects

with mass Mmin.
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The value of Mmin corresponds to the cutoff of the matter power spectrum, kmax,

which is usually set by either the free-streaming scale after kinetic decoupling [19] or

the scale of acoustic oscillation with the radiation fields [313]. These scales depend on

the DM mass and its elastic coupling to the cosmic background particles. Parameter

scans of some supersymmetric models show a large range of possibilities, 10−12M� <

Mmin < 10−3M� [165,314].

Direct observation of microhalos is very difficult because they are not massive

enough to host stars. Current gravitational lensing probes are only sensitive to rela-

tively massive halos (> 106M�) [315–317]. Nanolensing [318, 319] or proper motion

detection [320, 321] might be able to prober smaller scales. The presence of micro-

halos, however, changes the clustering property of DM structures, which is encoded

in the clumping factor, 〈δ2(z)〉 [28,310–312], defined as the mean of the matter over-

density squared. The clumping factor boosts the annihilation rate relative to the

mean background density, and is completely degenerate with the effect of σv for ex-

tragalactic diffuse DM annihilation signals. Both the annihilation cross section and

the clumping factor are important DM parameters to be determined.

In this work, we demonstrate how to break this degeneracy and constrain both

Mmin and σv by comparing the diffuse Isotropic Gamma-ray Background (IGRB) [33,

112] with tentative DM annihilation signals from the GC [35,131–133]. These excesses

of events from GC might be DM signals, astrophysical phenomena, or experimental

artifacts. It is important to scrutinize them as much as possible. We therefore

consider them as a proof of principle as well as a test. Multiple-source analyses for

DM indirect detection have proven to be invaluable for constraining DM candidate

signals [149,322].
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Throughout this work, we use Mx = M/10xM� and cosmological parameters from

the Planck mission (ΩΛ = 0.6825, ΩM = 0.3175, Ωχ = 0.1203h−2, h = 0.6711, and

the Hubble constant, H0 = 100h km s−1 Mpc−1, ns = 0.96, σ8 = 0.8344).

In Sec. 4.2, we calculate the contribution of DM annihilation signals in the IGRB,

showing the dependence of annihilation signals on Mmin. In Sec. 4.3, we discuss the

constraints obtained by combining the GC and IGRB observations for DM candidate

events. Lastly, we summarize in Sec. 4.4.

4.2 IGRB from DM annihilation

The diffuse IGRB is the isotropic component of the gamma-ray sky, in princi-

ple mostly contributed by unresolved extragalactic astrophysical sources. The Fermi

Gamma-Ray Space Telescope measures the IGRB by careful reductions of the Galac-

tic astrophysical components, astrophysical sources, and detector backgrounds [33].

In the presence of DM annihilation, it contains an irreducible isotropic Galactic com-

ponent and the diffuse extragalactic component [155,323]. In this section, we discuss

each component and their dependence on DM substructures.

4.2.1 Isotropic Galactic component

Since Fermi is embedded in the Milky Way (MW), an irreducible isotropic con-

tribution of DM self-annihilation to the IGRB comes from the MW halo. We first

review the case of DM annihilation in the MW.

The smooth DM density distribution in the MW, ραβγχ (r), can be parametrized

by the following form [324],

ραβγχ (r) = ρ�

[
r

r�

]−γ [
1 + (r�/rs)

α

1 + (r/rs)α

]β−γ
α

, (4.1)
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where r is the galactocentric distance, ρ� = 0.4± 0.1 GeV cm−3 is the DM density in

the solar neighborhood [275, 277], r� = 8.5 kpc is the solar distance to the GC, and

rs is the scale radius. The shape of the profile is determined by the parameters, α,

β, γ, and the scale radius, rs. The commonly used NFW profile in the MW takes

the values {α, β, γ, rs} = {1, 3, 1, 20 kpc}; the cored isothermal (ISO) profile takes

{2, 2, 0, 3.5 kpc}. Another profile favored by recent simulations is the Einasto (EIN)

profile [325],

ρEinχ (r) = ρ� exp

(
− 2

αE

rαE − rαE�
rαEs

)
, (4.2)

with αE = 0.17 and rs = 20 kpc.

The gamma-ray (number flux) intensity due to the Galactic Halo DM self annihi-

lation, IGγ (E0), is

IG
γ (E0) =

dNγ

dAdt0 dΩ dE0

=
σv

8π

r�ρ
2
�

m2
χ

J (ψ)
dNγ

dE0

(4.3)

= 3.7× 10−10 cm−2 s−1 sr−1 GeV−1 × J (ψ)
[

σv

2.2× 10−26 cm3 s−1

] [
100 GeV

mχ

]2
dNγ

dE0/GeV
,

where mχ is the DM mass, E0 is the observed photon energy, and dNγ/dE0 is the

photon energy spectrum per annihilation. The so-called J-factor, J (ψ), is the di-

mensionless line of sight integral of the density squared, and depends on the DM

distribution in the Galactic halo, including halo substructures.
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Figure 4.1: The normalized line of sight integral of the DM density squared (the
J-factor) as a function of the viewing angle, ψ. The J-factor for EIN, NFW and
ISO profiles for the smooth halo are shown with dotted lines. The contributions of
of substructures to the J-factors for the LOW substructure case, assuming Mmin =
10−6M�, are shown with dotted-dashed lines. The total J-factor (smooth + LOW
substructure) for just the one case (NFW), is shown with a bold solid line.

Galactic smooth halo

The J-factor for the smooth DM density distribution for an observer within the

halo, as a function of the angle between the line of sight and the GC, ψ, is

JS(ψ) =
1

r�ρ2
�

∫ `max

0

ρ2
χ (r (ψ, `)) d` . (4.4)
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Figure 4.2: Same as Fig. 4.1, but for the HIGH substructure case.

The integration limit is determined by the size of the MW DM halo: `max =
√
R2 − r2

� sin2 ψ+

r� cosψ, where R = 200 kpc is the halo’s virial radius. The J-factor is largely insensi-

tive to the exact value ofR. The galactocentric distance is r(ψ, `) =
√
r2
� − 2`r� cosψ + `2.

To compare the theoretical expectations with detector observables, one simply aver-

age the J-factor over the detector angular resolution or the field of view. The J-factors

for smooth halos are shown in Fig. 4.1 and Fig. 4.2.

In principle, the isotropic Galactic component of the IGRB from DM annihilation

is given by the zeroth component of the spherical harmonic decomposition, or equiv-

alently the average of the field of view of the observation. This might be complicated

by the masking of the sky (e.g., the bright Galactic plane) and all the background
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reductions performed by the Fermi Collaboration. We therefore take the most con-

servative estimate by taking the constant J-factor from the Anti-GC (ψ = π),

J |iso ≡
1∫
dΩ

∫
dΩ JS(π) = JS(π) . (4.5)

A more detailed analysis for determining the isotropic Galactic component, possibly

by including a DM template to the Fermi IGRB analysis, would further improve our

DM constraint.

Galactic substructure enhancement

In ΛCDM, structures form hierarchically. The smallest DM halos are expected to

form first. Some of these small halos subsequently merge and eventually may live in

large host halos of galaxies or clusters. During structure formation, the small halos

that are captured by larger halos are tidally disrupted and their low-density outer

layers are stripped. The dense cores, however, could very well survive and become

subhalos of the main halo [326–328] (however, also see [329]). We collectively define

all of these surviving DM clumps to be substructures. High resolution simulations

are beginning to resolve substructures down to the resolution limit [157, 325]. These

substructures can lead to many interesting DM phenomenologies [20].

Smaller DM structures tend to have higher concentrations [330], which can be

understood by their earlier formation time at which the background density is higher.

Therefore, although substructures may not occupy much of the total volume of a halo,

they could significantly enhance the DM annihilation rate of a halo.

To describe the substructure boost to the isotropic Galactic component of the

IGRB, we use the theoretical model proposed by Kamionkowski and Koushiappas

[143]. This model was later calibrated to high-resolution simulations by Kamionkowski,
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Figure 4.3: The formation redshift, zf , versus Mmin, for the first generation halos.
The formation redshift is obtained by requiring the linear mass variance be equal to
the characteristic overdensity, σL (M, z) = 1.686 [19, 20]. For σL (M, z), we use the
fitting functions of Eisenstein and Hu [21], which are evaluated and normalized with
the Planck cosmological parameters. For illustration, we also show zf for the ns = 1
case as well as the extrapolated results from simulations by Ludlow et al. [22] (we
take zf to be z−2 ).

Koushiappas, and Kuhlen ( [25], hereafter K10), and therefore can be used to cal-

culate the boost of the Galactic annihilation rate relative to a smooth halo density

profile for the MW. The Galactic local boost factor as a function of r, for a velocity

independent σv, is
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Figure 4.4: The characteristic density of the first generation halos, ρmax, versus Mmin,
for the corresponding cases of zf in Fig. 4.3 using Eq. 4.8. The substructure boost is
approximately proportional to ρmax (Eq. 4.6).

B(r) = fs(r)e
δ2f

+ [1− fs (r)]
1 + α

1− α

[(
ρmax

ρχ(r)

)1−α

− 1

]
, (4.6)

where fs(r) is the fraction of the volume that would be occupied by the smooth halo

component, and ρmax is the highest DM substructure density. The DM substructure

fraction, 1− fs is

1− fs(r) = κ

[
ρχ(r)

ρχ(100 kpc)

]−0.26

. (4.7)
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The first term in B(r) is the boost from the smooth halo component, by taking into

account random fluctuations in the density. The second term describes the boost

due to substructures. The substructure fraction is normalized by the parameter κ.

Following K10, these parameters are determined to be δf = 0.2, α = 0, and κ = 0.007.

It has been pointed out in Fornasa et al. [331] that the original K10 model tends to

give a conservative substructure enhancement compared to other studies [26,150,332],

mainly due to different methodologies. This can be reconciled by increasing the

substructure survival fraction parameter, κ, from 0.007 to 0.15− 0.2. In subsequent

discussions, we refer to κ = 0.007 as the LOW substructure case as a conservative

estimate, and κ = 0.18 as the HIGH substructure case as an optimistic scenario.

The boost factor is approximately proportional to the characteristic density of the

minimum halo mass, ρmax. It depends on the natal concentration, c0, the formation

redshift, zf , and the mass, Mmin, of the first generation halos [25],

ρmax(Mmin) =
1

12

c3
0

ln(1 + c0)− c0
1+c0

∆ ρc (zf (Mmin)) , (4.8)

where ∆ = 200 is the halo over-density. ρc(z) = ρc(0)H2(z), where ρc(0) = 1.05 ×

10−5h2 GeV cm−3 is the critical density, and H2(z) = ΩΛ + ΩM(1 + z)3 is the Hubble

function squared. The dependence of Mmin in ρmax is mainly on zf (Mmin), as the

natal concentration is fairly constant for zf > 5 [333]. We follow K10 and take c0 to

be 3.5.

Parameter scans of some supersymmetric models show that 10−12M� < Mmin <

10−3M� [165, 314]. Different models can drastically change the prediction for the

value of Mmin. We consider 10−12 and 100M� as the lower and upper extreme cases

for CDM, and adopt 10−6M� as the reference value. We consider 106M� unlikely for

simple Cold DM models. Such a high value would require special DM physics (e.g.
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see Ref. [36], and also [3, 334]) and is within the sensitivity of gravitational lensing

probes [315–317].

To estimate the value of ρmax(Mmin), we need to know the corresponding zf .

For the first generation halos, this can be estimated using cosmological perturbation

theory [19, 20], since they are the first nonlinear structures of the Universe. Then

zf is implicitly defined by σL(M, zf ) = 1.686, where 1.686 is the characteristic over-

density of the 1-σ linearized density fluctuation when halo collapse has occurred (see

Ref. [335] and reference therein). σL(M, z) is the linear mass variance defined by

σ2
L(M, z) =

∫ ∞

0

W 2(kR)∆2
L(k, z)

dk

k
, (4.9)

where W (kR) is the Fourier transform of the top hat window function, ∆2
L is the

dimensionless linear power spectrum, and R is the comoving length scale. The mass

of the collapsed halos can be estimated by M ' (4/3) πR3ρc(zf ). We evaluate and

normalize the mass variance using the fitting formula by Eisenstein and Hu [21],

according to the Planck cosmological parameters. We also take into account the non-

unity of the spectral index (ns = 0.96, without running), which is measured by the

Planck collaboration with high significance. The effect of the slight tilt is amplified

at small scales that we are interested in. Varying the index by approximately the

1-σ Planck limit (ns = 0.96 ± 0.01) yields a 5% change in zf for Mmin = 10−6M�,

which translates into a 15% change for ρmax. We have considered only the 1-σ density

fluctuations which collapse into halos. Higher-σ density fluctuations will collapse even

earlier, and are thus denser, but they are correspondingly rarer.

In Fig. 4.3, we show zf as a function of Mmin for ns = 0.96. For comparison, we

also show the case for ns = 1 and an extrapolation from the simulation of Ludlow

et al. [22]. The hierarchical nature of structure formation is apparent in this plot,
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with the smaller halos forming earlier. In Fig. 4.4, we show the corresponding ρmax

evaluated using Eq. 4.8.

To incorporate the effect of substructure, we insert the boost factor into the line

of sight integral to obtain the J-factor with substructure enhancement, JB(ψ),

JB(ψ) =
1

r�ρ2
�

∫ `max

0

ρ2
χ [r(ψ, `)] ·B [r(ψ, `)] d` . (4.10)

In Fig. 4.1 and Fig. 4.2, we show the effect of substructure on the J-factor for the

LOW and HIGH substructure boost cases, respectively.

It is well known that the J-factor near the GC is very profile dependent [155].

However, substructures have relatively small enhancements to the J-factor at the

GC, since substructures are more susceptible to tidal effects in high density regions.

Therefore, DM signals from the GC can be considered to be substructure indepen-

dent. The K10 substructure model qualitatively reflects this feature. However, the

calibration to simulation inevitably breaks down near the GC, due to finite resolution

effects [25]. Since details at the GC have no effect to our result, we assume the K10

model is valid at all regions.

As a result, any σv extracted from GC analysis is subjected to profile dependence,

but independent of the underlying substructure assumptions. On the other hand,

the J-factor is practically profile independent at large angles. We therefore find the

isotropic Galactic component depends mostly on the substructure content of the halo,

but not the density profile. The substructure enhancement for the isotropic Galactic

component depends sensitively on the survival fraction κ. For the LOW (HIGH)

substructure case, the boost is at most a factor of 1.5 (10).

It is also interesting to see that at ∼ 30◦, the DM signal is the least uncertain

relative to both density profile [155, 332] and substructure scenarios. Therefore, one
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would ideally prefer to detect Galactic DM annihilation from such angles to minimize

the astrophysical uncertainty on DM density distribution.

4.2.2 Extragalactic component

The gamma-ray (number flux) intensity from extragalactic DM self-annihilation,

IEGγ (E0), is given by the cosmological line of sight integral,

IEG
γ (E0) (4.11)

=
σv

8π

∫
vcdz

H0H(z)

〈δ2(z)〉
(1 + z)3

(
ρ̄χ(z)

mχ

)2
dNγ

dE
(E)e−τ(z,E0)

= 1.9× 10−15 cm−2 s−1 sr−1 GeV−1 ×
[

σv

2.2× 10−26 cm3 s−1

] [
100 GeV

mχ

]2

×
∫
dz

(1 + z)3

H(z)
〈δ2(z)〉 dNγ

dE/GeV
(E)e−τ(z,E0) ,

where E is the center-of-momentum frame energy given by E = E0(1 + z), vc is

the speed of light, and ρ̄χ(z) is the cosmological mean DM density. The clumping

factor, 〈δ2(z)〉, which measures the cosmologically averaged DM density squared,

relative to the mean DM density squared, 〈δ2(z)〉 = 〈ρ2
χ(z)〉/ρ̄2

χ(z). High-energy

gamma rays propagating through intergalactic space will suffer attenuation due to

the Extragalactic Background Light (EBL). This effect is included in the attenuation

factor, e−τ(E0,z) (see Sec. 4.2.3).

The clumping factor is the main theoretical astrophysical uncertainty in evaluating

the expected DM annihilation intensity. We review how to evaluate the clumping

factor using the Halo Model approach, with or without substructures in massive halos.

We also review how to evaluate the equivalent quantity using the Power Spectrum
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Figure 4.5: The normalized halo mass function (1/ρ̄χ)M2dn/dM plotted versus M for
redshift z = 0, 2, 4. The halo mass function as a function of the linear mass variance
is given by P12 [23]. The redshift evolutions of the fitting parameters are given by
Tinker et al. [24].

approach, which is complementary to the halo model approach in terms of theoretical

uncertainties.
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Figure 4.6: The concentration parameter, c(M, z), plotted against M for redshift
z = 0, 2, 4. The concentration mass relation as a function of the linear mass variance is
again given by P12 [23]. For comparison, we also show the concentration if we simply
extend the concentration-mass relation to small scales using the analytic function
given in P12.

Halo Model approach with smooth halos only

The clumping factor for smooth halos, 〈δ2
S(z)〉, can be calculated using the Halo

Model framework [310,311],

〈δ2
S(z)〉 =

〈ρ2
χ(z)〉
ρ̄2
χ(z)

(4.12)

=
1

ρ̄2
χ(z)

∫
dM

dn

dM
(z)

∫

r<R

dV ρ2
χ(ρs, rs)
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where dn/dM is the distinct halo mass function in physical units, which describes the

number density of bound objects with mass M at a particular redshift. These objects

are distinct halos — their centers are not inside the virial radius of larger halos. The

density profile of a particular halo, ρχ(ρs, rs), is characterized by its scale density, ρs,

and scale radius, rs, which in turn depends on the halo mass, M , and redshift, z. In

Eq. 4.12, 〈ρ2〉 denotes the volume average of halos of all masses of the density squared

and ρ̄ denotes the cosmic mean density.

We use the distinct halo mass function from Prada et al. ( [23], hereafter P12).

The P12 halo mass function is obtained by fitting to four cosmological simulations.

The fitting functional form follows from the Press-Schechter theory and its extensions

[336,337]. The halo mass function describes the full hierarchy of distinct cosmological

DM halos down to Mmin, and the cosmology dependence enters through the linear

mass variance, σL (Eq. 4.9). For the redshift dependence of the fitting parameters,

we follow those from Tinker et al. [24]. In Fig. 4.5 we show the halo mass function for

several redshifts. The low mass dependence is slightly harder than the critical M−2

behavior.

The volume integral of the density squared can be simplified using two halo mass

relations, which convert the {ρs, rs} dependence to only the concentration parameter,

c(M, z) = R/rs. The first one is

M =
4

3
πR3∆ρc(z) , (4.13)

where R is the virial radius of the halo. The second halo mass relation is

M =

∫

r<R

dV ρχ(ρs, rs) (4.14)

which is integrated up to the virial radius.
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The clumping factor can now be written as

〈δ2
S(z,Mmin)〉 =

1

Ωχ

∫

Mmin

dM
H(z)2

(1 + z)3

1

ρ̄χ(z)

dn

dM

M∆

3

×
∫
dĉ P (c, ĉ)ĉ3 I2(ĉ)

I1(ĉ)2
, (4.15)

where we have introduced the dimensionless integral In(c) =
∫ R

0
(dr/rs) (r/rs)

2(ρχ(r)/ρs)
n,

and the log-normal distribution, P (c, ĉ), with constant 1-σ deviation σlog10 = 0.13 (or

σln = 0.3) [338,339] around the mean concentration parameter, c(M, z). We simplify

the formalism by defining the effective cut-off in the Halo Mass function to be the

minimum halo mass, Mmin, thus ignoring objects with masses below Mmin [340].

We argue that this definition of Mmin is effectively equivalent to the Mmin in the

Galactic substructure calculation. The smallest substructure mass in halos may be

less than the smallest cosmological halo mass because of tidal disruption in merging.

But the relevant part of DM annihilation, which is the maximum density of the

substructures, can be assumed to be unaffected by tidal disruptions [326–328].

The last ingredient we need is the mean concentration parameter c(M, z), which

is a quantitative measure of halo concentrations. We use the analytic function from

P12, which is derived from cosmological simulations and agrees well with cluster

observations. The P12 result for c(M, z) shows a remarkably tight relation with the

linear matter mass variance, σL(M), for which we again use the linear mass variance

given by Eisenstein and Hu with the Planck cosmology. It is intuitive that halo

concentrations would tightly correlate with the linear mass variance, since the latter

is intimately related to halo formation [330].

We show the concentration-mass relation for NFW profiles in Fig. 4.6 for z =

0, 2, 4. For comparison, we also show the concentration if we simply extend the

fitting function for σL(M) from P12 to small scales. Recent microhalo simulations
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have shown that a ∼ 10−7M� first generation halo has concentration 57 < c < 84 at

redshift zero [341], with a mean value of 72. We find that a naive substitution of the

linear mass variance from [21] slightly underestimates the concentration at small mass

scales. Therefore, we change one of the fitting parameter (c in Eq. (16) in [23]) from

1.022 to 1.05. The resulting concentration increases from 67 to 73 at 10−7M�, with

negligible changes at large scales. The rising concentration at large mass scales is a

novel feature from the simulation [342]. This feature, though interesting, has no effect

on our calculation due to the rapidly falling halo mass function at the corresponding

mass and redshift.

In Fig. 4.7, we show the clumping factor as a function of Mmin, using the P12

model with σL(M) from [21]. At the extreme case of Mmin = 106M�, the P12 model

yields ∼ 4× 104, consistent with similar evaluations [154,322,343]. This mass scale is

within the simulation limits [343] , and is also within the reach of gravitational lensing

probes [315–317]. Therefore, we consider this to be the minimum DM clustering value,

a lower bound to the clumping factor.

Microhalo simulations show that first generation halos have a steeper inner slope

than the normal NFW profiles [341,344]. This would enhance the annihilation signal

from microhalos. One may also be interested in the profile dependence of the clumping

factor. It is not straightforward, however, to change the density profile in calculating

the clumping factor, since the value of the concentrations extracted from simulations

depend on the assumed profile [23]. Nonetheless, the clumping factor is expected

to be relatively insensitive to the density profile. For example, the total annihilation

luminosity from the MW halo only experience a change of -20% or +30%, if isothermal

or Einasto profiles are used. For simplicity, we use the NFW profile for all the

evaluations.
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Halo Model approach with substructures

In the above calculation, we assume each halo in the halo mass function has

a universal smooth DM density profile. However, in addition to the cosmological

isolated small halos, substructures within halos also contribute to the clumping factor.

Unlike the Galactic case, the observer is outside of all the halos observed and

each halo has different mass and size. To incorporate substructure effects, we extend

the K10 substructures model to different halo sizes, following the approach taken by

Sánchez-Conde et al. [140] (also see Fornasa et al. [331]). To recalibrate the K10

model for different halo sizes, the substructure fraction needs to be modified,

1− fs(r) = κ

(
ρχ(r)

ρχ(3.56× rs)

)
. (4.16)

In doing so we have assumed the same radial dependence of fs(r) for all halo masses.

The factor of 3.56 is the conversion factor from the Milky Way halo to the size of

the simulation from K10. The local boost factor would enter inside the dimensionless

integral I2 in Eq. 4.15. The substructure enhanced clumping factor, 〈δ2
B(z,Mmin)〉, is

〈δ2
B(z,Mmin)〉 (4.17)

=
1

Ωχ

∫

Mmin

dM
H(z)2

(1 + z)3

1

ρ̄χ(z)

dn

dM

M∆

3

∫
dĉ P (c, ĉ)ĉ3 Ĩ2

I2
1

,

where

Ĩ2(c,Mmin) =

∫ c

0

d
r

rs

(
r

rs

)2(
ρχ(r)

ρs

)2

·B(r,Mmin). (4.18)

Recall that the Mmin dependence enters B(r,Mmin) through ρmax.

In Fig. 4.7, we show the clumping factor with substructures, 〈δ2
B(0,Mmin)〉, for

the LOW and HIGH substructure cases. For the LOW case, the substructure boost

is small. For the HIGH case, the substructure boost is more important, where the
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enhancement ranges from about a factor of 2 in large Mmin to a factor of 6 in the

smallest Mmin.

For extragalactic halos one can also use the substructure boost by Gao et al. ( [26],

hereafter G12), which corresponds to the HIGH case in cluster scale. The substructure

fraction for HIGH is tuned to match the G12 boost factor for an individual cluster

scale halo [1,164], with Mmin assumed to be 10−6M�. Taking into account the scaling

factor of the G12 boost factor to Mmin (∝M−0.226
min [164,332]), the clumping factor for

G12 is shown in Fig. 4.7. The clumping factor is even higher than the HIGH case

for Mmin less than about 10−6M�, but opposite otherwise. We see that even for the

HIGH substructure case, the clumping factor is more conservative than the the cases

where power-law extrapolation is used, due to a slower increase in small-scales.

The shape of the clumping factor is inherited from both the shape the halo mass

function and the concentration-mass relation. The characteristic shape of the P12

clumping factors are due to the slower increase in concentration in smaller masses

(Fig. 4.6), which ultimately traces back to the flattening of ∆2
L in σL(M) (Eq. 4.9).

Physically, this reflects the property that small halos over a large range of mass

formed in a relatively small period of time. As a result, when predicting the clumping

factor (i.e., the extragalactic DM annihilation flux), decreasing Mmin leads to only a

small increase in the clumping factor. In contrast, when constraining Mmin, a small

improvement on the flux limit would lead to a large improvement on the limit for

Mmin.

Additional clustering of DM can also be achieved by density spikes near Black

Holes [281,345] or adiabatic contraction of DM halos [346]. On the other hand super-

nova feedback might introduce a core to the density profiles for larger size halos [347].
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Warm or mixed DM, DM interactions with themselves [348–350], or with other parti-

cles [36] can also significantly change dark matter density distributions. These effects

deserve detailed studies and are outside the scope of this work.

Power Spectrum approach

We have shown how to obtain the clumping factor using the Halo Model formalism.

It can alternatively be obtained from the r → 0 limit of the two-point correlation

function, 〈δ(x + r)δ(x)〉, as shown by Serpico et al. ( [28], hereafter S12). It can be

expressed as an integral of the non-linear power spectrum, ∆NL(k, z),

〈δ2(z)〉 = lim
r→0

∫ kmax

0

dk

k

sin kr

kr
∆NL(k, z) , (4.19)

where kmax is the cut-off of the non-linear power spectrum and corresponds to Mmin

by Mmin ≈ (4/3)π(π/kmax)3ρ̄χ.

Using the Power Spectrum approach, one has the obvious advantage that many

uncertainties of the Halo Model are collectively reflected in the non-linear part of the

power spectrum. The constraints from DM observation can be related to constraints

on the shape and cut-off of the non-linear power spectrum ∆NL(k, z). It is, however,

difficult to probe the small-scale non-linear regime in theoretical treatments and sim-

ulations, and the physics in Fourier space is more difficult to translate to physics in

real space.

Nonetheless, the power spectrum approach is appealing for its simplicity and dif-

ferent systematics. We selected the halofit model [27] following S12 and extrapolate

it to the scales relevant for our discussion of Mmin. The resulting clumping factor is

shown in Fig. 4.7. The Power Spectrum result roughly agrees with the Halo Model

approach.
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4.2.3 EBL attenuation and redshift distribution

In this section we discuss the effect of the EBL attenuation and the general redshift

behavior of the extragalactic DM annihilation signal.

EBL attenuation

It is evident from Eq. 4.11 that all the astrophysical and cosmological uncertainties

are contained in the combination, (1 + z)3(〈δ2(z)〉/H(z))e−τ(z,E0). In particular, only

τ(z, E0) depends on the nature and energy of the messenger, therefore also on the

mass and the annihilation channel of DM particles. It is instructive to explore the

effect of the EBL attenuation by looking at the ratio of the attenuated total flux to

the unattenuated photon flux, η(Eγ), for monoenergetic photon emission,

η(Eγ) (4.20)

=

∫
dE0

∫
dz (1+z)3

H(z)
〈δ2(z)〉δ(E0(1 + z)− Eγ)e−τ(z,E0)

∫
dE0

∫
dz (1+z)3

H(z)
〈δ2(z)〉δ(E0(1 + z)− Eγ)

,

where δ (E0 (1 + z)− Eγ) is the Dirac-delta function connecting the observed energy

and the emitted energy. This factor represents the relative flux suppression due to

EBL absorption, according to DM clumping evolution.

In Fig. 4.8 we show η(Eγ) for a few different EBL models that are compatible with

the latest Fermi results [32]. We use the P12 Halo Mass model with Mmin = 10−6M�

to evaluate η(Eγ). Different models share the same generic feature that attenuation

affects annihilation signals with gamma-ray above ∼ 50 GeV, and the amount of

attenuation is fairly consistent for different models. Throughout this work we adopt

the Gilmore fixed model [29], which has a slightly lower EBL compared to other

models. The EBL mildly attenuates the 130 GeV DM, but has virtually no effect on

light DM.
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Redshift distribution

Another interesting quantity to see is the redshift distribution of the DM annihi-

lation signal. We quantify this by defining the dimensionless quantity ξ(z),

ξ(z) =
d
dz

∫
dE0I

EG
γ (E0)

d
dz

∫
dE0IEG

γ (E0)|z=0

=
(1 + z)3

H(z)

〈δ2(z)〉
〈δ2(0)〉

1

1 + z
. (4.21)

Physically, ξ(z) is the relative DM annihilation signal per redshift interval. To make

the discussion independent of particle physics, we integrate out the energy spectrum,

which results in the additional factor of 1/(1+z) at the end. This factors accounts for

the energy binning effect or equivalently the cosmological time dilation, as the energy-

time element is redshift invariant (dtdE = dt0dE0). We also neglect the attenuation

factor, τ , to make the discussion independent of the EBL model and the annihilation

products being observed.

We show ξ(z) in Fig. 4.9 for three cases: the P12 smooth Halo Model and, the

P12 model with K10 substructure for LOW and HIGH cases. For a fixed Mmin,

substructure has minor effect on the distribution. Varying the value of Mmin also

changes the shape slightly. In all cases, ξ(z) is peaked at redshift zero. In terms of

implications for detection prospects, not only does low-z region have a larger flux,

the less redshifted energy also means the signal is more detectable. This argument is

even stronger if there is a considerable cosmic attenuation effect.

The shape of ξ(z) determines the gamma-ray profile of DM annihilation signals

before detector smearing and cosmic attenuation. It encodes the redshift evolution of

DM density distribution. Therefore, the signal profile with energy could be a probe

for the cosmic structure evolution. The effect is however secondary to the signal

strength, and we encourage future works to explore this possibility.
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4.2.4 Isotropic Galactic vs. Extragalactic

One can compare the relative importance of the isotropic Galactic component to

the extragalactic component (see also [155]),

IEG

IG
∼
[ J

0.4

] [
8× 104

〈δ2〉

]
. (4.22)

The J-factor for the isotropic Galactic component has a robust lower limit, J ∼ 0.4,

for the case of no substructure at anti-GC. In this case, the extragalactic component

will be comparable to the isotropic Galactic component, with 〈δ2〉 ∼ 8 × 104. This

corresponds to Mmin ∼ 103M� for LOW substructure case, or ∼ 105M� for HIGH

substructure case.

The isotropic Galactic component naturally breaks the “clumping factor–σv” de-

generacy. This can be seen by the following schematic equation,

ΦIGRB ∝ σv
(
〈δ2〉ΦEG

0 + JΦG
0

)
, (4.23)

where ΦIGRB is the total DM annihilation contribution to IGRB and ΦEG
0 (ΦG

0 ) is the

extragalactic (isotropic Galactic) component properly normalized to factor out the

dependence of σv, 〈δ2〉, and J . For large 〈δ2〉, or small Mmin, the isotropic Galactic

component is negligible and the 〈δ2〉σv degeneracy is apparent. For small 〈δ2〉, or large

Mmin, the isotropic Galactic component dominates. In particular for large Mmin, the

substructure enhancement to the J-factor is small, thus the degeneracy is naturally

broken. In this case, however, the information about Mmin is lost unless the isotropic

component is subtracted.
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4.3 DM constraints

In the previous section, we present the DM annihilation contribution to the IGRB

from both the isotropic Galactic and extragalactic components. We consistently take

into account the substructure enhancement using the K10 model.

In this section, we show that comparing the signals from the GC and the IGRB

can break the degeneracy of the small-scale cutoff (Mmin) with the annihilation cross

section, thus testing both cosmology and particle physics scenarios. We illustrate

this using two DM candidate scenarios, representing the narrow line and the broad

continuum classes. For simplicity, we focus the discussion of the clumping factor using

the Halo Model approach with K10 substructure only.

The energy spectrum of the IGRB measured by Fermi is shown in Fig. 4.10. We

show the data points and the single power law fit, naively extrapolated, from the

published Fermi result [33], as well as preliminary result from Fermi. The attenuated

power law is adapted from Murase et al. [34], who considered the case that the IGRB

is composed by unresolved astrophysical sources with star formation evolution. One

can see the preliminary data set shows hints of spectral softening in high energies and

is closer to the attenuated power law than the extrapolated power law. This could

potentially lessen the Very High Energy Excess problem [34,351], and it adds support

to the hypothesis that the observed spectrum is extragalactic in origin, validating the

background reduction procedure by Fermi. The attenuated power law represents one

of the simplest astrophysical-only IGRB spectra, normalized to lower energy points.

It shows the theoretical limit of using the IGRB to constrain DM signals, if only

flux information is used. In this work, we conservatively derive constraints using the

extended power law fit, which is well above the curve with attenuation.
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4.3.1 Gamma-ray line – 130 GeV DM

Recently, gamma-ray line with energy ∼ 130 GeV were reported towards the GC

in Fermi-LAT data at high statistical significance, and clusters at less significance

[131, 132, 194, 198, 203, 205]. So far, no such signals have been seen detected from

dwarf galaxies [197]. There are astrophysical explanations for these events ( [237],

but also see [352]), as well as interesting instrumental effects [208,232,233,353]. Radio

measurements of this candidate seems promising [2,354] as a fairly model-independent

check. The line signal, if interpreted as DM, requires the annihilation cross section

to be σvχχ→γγ = (1 − 2) × 10−27cm3 s−1. This value of σv is higher than normally

expected [190], but could be a manifestation of DM physics [222]. The morphology

of the signal is best fit with the Einasto profile, but is also consistent with the NFW

profile [324]. The Fermi collaboration has confirmed the feature, but with lower

significance and a small shift in energy to 133 GeV, mostly due to a better modeling

of the detector response to monochromatic photons. The nature of this feature is

currently inconclusive, and actions are advocated to quickly resolve the situation. In

this section we assume the feature is due to DM annihilation, and refer to it as the

130 GeV DM.

One can predict the contribution to the IGRB from such a DM particle given

the information from GC. We show a representative case in Fig. 4.11. Assuming

Mmin = 10−6M� and σv = 2×10−27 cm3 s−1, we show the combined isotropic Galactic

and extragalactic DM components for both LOW and HIGH substructure cases. For

the extragalactic component, we integrate up to redshift 4 to cover the interesting

energy range. Both features are obtained by convolving the intrinsic spectrum using

10% energy resolution with Gaussian smearing.

We first consider the most conservative constraint of DM annihilation from the

IGRB. This can be obtained by requiring the total DM signal to not overshoot the
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total flux of the IGRB. Recall that for the extragalactic component, the clumping

factor is degenerate with the annihilation cross section. In addition, the clumping

factor correlates with the Galactic substructure boost through their dependence on

Mmin. Therefore, the general constraint is a surface on the Mmin-σv-mχ space. For a

specific DM case, like the 130 GeV DM, we can condense the mχ dimension. Lastly,

the resultant Mmin-σv plot would depend on the underlying model of the DM density

distribution. A more convenient treatment is to construct the clumping factor versus

σv plot. In that case, most of the model dependence moves to the interpretations of

the parameter space. For a pure extragalactic component, a constant flux would be

represented by a straight diagonal line in the clumping factor-σv plane, representing

complete degeneracy.

In Fig. 4.12, we show one of the main results of this work. The observed IGRB

flux defines a line in the clumping factor-σv plane, as labeled by the 100% IGRB

line, above which the DM signal exceeds the IGRB total flux, and thus is robustly

excluded. Superposed are two independent constraints. The plane is bounded from

below by minimal DM clustering, conservatively defined by Mmin = 106M�, and

bounded from the right by the relic abundance criterion (the precise value of 〈σv〉

is mass dependent and is ∼ 2.2 × 10−26 cm3 s−1 [10], for the mass range that we are

interested in).

The degeneracy between the clumping factor and σv is apparent in the parameter

space where the extragalactic component dominates the isotropic Galactic component.

As one increases the value of Mmin, the decrease of the clumping factor is much

faster than the decrease of the boost factor for the isotropic Galactic component.

When 〈δ2〉 falls below ∼ 8 × 104, the Galactic component begins to dominate the

extragalactic component (Eq. 4.23), resulting in near-independence of the flux on

the value of 〈δ2〉, and hence the bending feature. The required value of σv for the
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130 GeV DM is labelled by the vertical green band. On the green band, we map

the clumping factor to Mmin using the LOW substructure model (solid green labels).

In this conservative scenario, the constraint is below 10−12M�, and thus can be

considered as unconstrained. But for the HIGH case (dotted red labels), it is probing

near 10−12M�. For simplicity, we conservatively ignored the larger enhancement for

the isotropic Galactic component for the HIGH substructure case, which matters only

when the isotropic Galactic component dominates.

Any additional non-DM component will significantly improve the constraint. This

extra component could come from different unresolved astrophysical sources, includ-

ing star-forming galaxies, blazers, etc (e.g., see [355,356]).

One can also distinguish DM signals from the data itself. DM annihilation signals

usually show a sharp spectral cut-off near the DM mass. Such features, if present in

the data, should be easily isolated from any underlying background that behaves like

power laws. The distinct anisotropy feature of DM annihilation is also a powerful

tool to distinguish the DM signal from non-DM components, even down to ∼ 10%

level [357].

Therefore, IGRB DM sensitivity can potentially reach 10% of its total flux using

either better background estimation, spectral analysis, or anisotropy analysis. We

label this by the 10% IGRB line in Fig. 4.12, above which is the parameter space we

think realistic IGRB analysis can probe. One can see that with 10% DM sensitivity,

IGRB can probe up to ∼ 1M�, the upper extreme for most of the cold DM scenarios.

In addition, we have conservatively taken the isotropic Galactic component to be

from the Anti-GC. The IGRB analysis, however only uses photons from ∼ 80% of

the sky (|b| > 10◦) [33]. A realistic estimation of how much the Galactic Halo DM

component is contaminating the IGRB probably requires a detailed study by adding a

DM template to the IGRB analysis. To estimate that analysis, we consider using the
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Galactic Pole (J (π
2
)), where the sky is least contaminated by the Galactic foreground.

In this case, the isotropic Galactic component constraint, represented by the bending

features in Fig. 4.12, is improved by a factor of ∼ 2 (the constraints lines shift to the

left by a factor of 2). All of the 130 GeV DM parameter space will be probed by the

10% IGRB line in this case.

Last but not least, we used the spectral fit to the Fermi data given by Ref. [33]

to derive all the constraints. With more and better data, one can expect the overall

constraint can be improved significantly soon, especially if the high energy spectral

softening is confirmed.

We therefore conclude that a DM IGRB analysis in the near future can realisti-

cally probe all of the parameter space of the 130 GeV DM, even in the conservative

substructure case. Such an analysis contains slightly different systematics than the

GC DM search, since the GC region is excluded from the IGRB measurement.

4.3.2 Continuum – 10-30 GeV light DM

For many DM models, DM annihilating into quarks or leptons is more favored

than monochromatic photons, since the latter may be loop-suppressed. Therefore,

annihilations typically produce a broad gamma-ray continuum. Much attention has

been paid to the low energy spectrum observed by the Fermi-LAT at the GC where

unexplained excess photons are observed [35, 133, 134, 252, 358, 359], which may be

incompatible with being unresolved astrophysical sources [360] (but also see [361]).

To obtain the GC excess, the complicated GC astrophysical emission needs to be

subtracted. The resulting excess is therefore subject to large systematic uncertainties.

If interpreted as signals from DM annihilation, these excesses are generally favored

by χχ→ bb̄ or χχ→ τ+τ− at σv ∼ 10−26 cm3 s−1 and mass 10−30 GeV. The profiles

favored by the excesses are usually more cuspy than NFW (typically γ ∼ 1.3). The
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cuspy profile has no impact on the calculation of the isotropic Galactic component.

It can constitute an extra boost to the clumping factor. We conservatively continue

considering the NFW case for the extragalactic component.

Similar to the 130 GeV DM, we test the compatibility of these DM annihila-

tion channels using the IGRB. For definiteness, we use the best fit parameters from

Ref. [35], which are mχ = 30 GeV for the bb̄ and mχ = 10 GeV for τ+τ− channels,

respectively. We consider a range of σv with (0.8 − 2.2) × 10−26 cm3 s−1 for bb̄ and

(0.3− 2)× 10−26 cm3 s−1 for τ+τ− given by the best-fit spatial model (γ = 1.2) in the

above reference.

In Fig. 4.13 and 4.15, we show the spectra of χχ → bb̄ and χχ → τ+τ− to-

gether with the IGRB data, in the same format as Fig. 4.11. We adopt σv =

2.2 × 10−26 cm3 s−1 and Mmin = 10−6M�. The gamma-ray spectra are obtained

using Pythia [268].

In Fig. 4.14 and 4.16, we show the corresponding constraints in the clumping

factor-σv plane. The τ+τ− channel constraint is slightly better than the bb̄ due to

the slightly smaller DM mass and harder spectrum. The conservative constraint, by

requiring the DM signals do not overshoot the total IGRB flux, is given by the 100%

IGRB line. Using the conservative LOW substructure case, we see that both bb̄ and

τ+τ− are unconstrained. For the HIGH substructure case, the 100% IGRB line would

carve into parameter space near 10−12M�, for the τ+τ− channel.

Similar to the 130 GeV DM case, any extra component in the IGRB or any

method in isolating the potential DM signal from background can significantly shrink

the allowed parameter space. The spectra of bb̄ and τ+τ− are not as sharp as the

monochromatic photon channel, but they do have a cutoff in the spectrum near the

DM mass. The light DM annihilation channels also enjoy higher statistics compared

to the 130 GeV DM, which would benefit both the spectral and anisotropy analyses.
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We therefore also consider 10% DM sensitivity as realistic for the light DM, as shown

by the 10% IGRB line in Fig. 4.14 and 4.16. In that case, even for the conservative

LOW substructure case, the IGRB can probe near 10−6M�, and even up to 100M� for

higher σv regions. As a result, the IGRB is also promising in constraining optimistic

substructure and small Mmin DM scenarios.

For both channels, we only considered the prompt photon emission and ignored

secondary processes such as synchrotron, bremsstrahlung and inverse Compton emis-

sions. These components depend on the astrophysical environments such as photon

density and magnetic field. Adding these components would improve the constraints

on the specific channels. For more thorough treatments of these processes, see, e.g.,

Ref. [362, 363]. The DM candidates we considered, however, were not fit to prompt

plus secondary emissions. As a result, for easier comparison, we neglect these extra

components.

4.4 Summary and Outlook

4.4.1 Summary

We study the effect of Dark Matter (DM) microhalos on DM annihilation sig-

nals in the Isotropic Gamma-Ray Background (IGRB). We demonstrate that using

substructure-dominated systems and multi-source observations together can constrain

the minimum halo mass and annihilation cross section separately. We show that us-

ing the IGRB leads to interesting sensitivity for testing tentative signals from the

Galactic Center (GC).

We consider the case of DM annihilation contributing to the IGRB. Motivated by

Prada et al. ( [23], P12), we extend their results using a physically-motivated cosmo-

logical variable, σL(M, z), with the latest Planck cosmology. As a result, we obtain
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a halo concentration description that fits well to both large-scale observations and

small-scale microhalo simulations. Adding the substructure model of Kamionkowski,

Koushiappas, and Kuhlen [25], we consistently take into account the effect of DM

substructures on the isotropic Galactic and extragalactic signals of DM annihilation.

For a given substructure scenario, the IGRB DM contribution then only depends on

the minimum halo mass, Mmin, set during the epoch of kinetic decoupling, and the

annihilation cross section, σv.

We show that using the IGRB alone, the DM constraint suffers from the “clumping

factor-σv” degeneracy. We propose a new perspective by constructing the “clumping

factor-σv” plots, where this problem is explicit for any particular DM case (Figs. 4.12,

4.14, 4.16). The degeneracy can be broken by adding information from an independent

measurement, thus yielding information for both Mmin and σv. This is potentially

the only method to observationally constraint Mmin for cold DM cosmologies.

We demonstrate this idea by comparing the Fermi-measured IGRB to two tanta-

lizing DM gamma-ray indirect detection candidates from the GC. One is the ∼ 130

GeV DM in the χχ → γγ channel. The other is (10 − 30) GeV light DM in the

χχ → bb̄ or χχ → τ+τ− channels. We show that, in the most conservative case,

where the substructure fraction is low and DM annihilation is allowed to saturate

the IGRB flux, DM analyses using the IGRB are reaching interesting sensitivity for

Mmin.

We further argue that it is unlikely that DM annihilation signals would dominate

the IGRB. Taking into account unresolved astrophysical sources can reduce the al-

lowed DM contribution to the IGRB. Utilizing the spectral and anisotropy feature of

DM annihilation signals, one could further limit the IGRB DM component. We show

that if 10% DM sensitivity can be achieved by a more detailed analysis using the

IGRB, one should be able to recover the 130 GeV DM signal, while the more clumpy
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cases can be probed for light DM. The rapid improvement of the limit on Mmin re-

flects the physical expectation that concentrations increase progressively slower with

decreasing scales, as shown by the P12 concentration-mass relation. Last but not

least, we use the single power law fit from the Fermi published result, which only uses

2 years of data. Imminent Fermi updates on the IGRB with better data in terms of

background reduction and higher statistics would further improve our result.

4.4.2 Outlook

We only focus on the velocity independent DM annihilation case. One can gen-

eralize and probe the velocity dependent DM candidates (e.g., [170, 300]). In that

case, in addition to the DM spatial distribution, one can probe the DM velocity

distribution as well. The relevant quantity for the extragalactic component would

be 〈ρ2
χσv〉 [298, 299]. This is analogous to the clumping factor, but also takes into

account the velocity distribution.

We demonstrate the benefits of comparing GC and IGRB for DM annihilation

signals, but one need not stop there. In principle, one can do global analyses includ-

ing multiple DM sources, e.g., observations from Dwarf Galaxies or Galaxy Clusters

etc. It can further disentangle different dependencies like halo profiles, substructure

content, substructure evolution history, etc.

We have reached the era where many astrophysical probes are reaching the relevant

parameter space for simple WIMP DM indirect detections. We anticipate that in the

future cross correlation of multiple astrophysical observations will become more and

more important in DM indirect detection.
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Figure 4.7: The clumping factor at z = 0 versus Mmin. Using the P12 [23] Halo
Model, we obtain the clumping factor without substructure enhancement. Adding the
K10 [25] substructure model, we show the substructure-enhanced clumping factor for
LOW and HIGH cases. For comparison, we also show the clumping factor if we simply
extrapolate the concentration relation in P12, the clumping factor with G12 [26]
substructure model, and the clumping factor using the extrapolated halofit [27] non-
linear power spectrum, following S12 [28]. In this work, we consider the LOW and
HIGH scenarios as the conservative and optimistic substructure cases.
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Figure 4.8: The attenuation fraction of monochromatic gamma-ray signals from cos-
mological DM annihilation sources (Eq. 4.20) versus the emitted photon energy for
different EBL models. We consider the EBL model from Gilmore et al. [29], “Best
Fit 06” from Kneiske et al. [30], and the ”Lower-Limit” from Kneiske and Dole [31].
All models considered are within 2-σ of the Fermi measurement [32]. We adopt the
Gilmore model throughout.
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Figure 4.9: The extragalactic DM annihilation redshift distribution (Eq. 4.21). We
show the distributions for the P12 Halo Model, P12 Halo Model with K10 LOW, and
HIGH substructure models. The upper set of three lines uses Mmin = 10−6M�, while
the the lower set uses Mmin = 106M�. The shape of the distribution varies mildly in
different scenarios. Most of the DM annihilation signal comes from small redshifts.
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Figure 4.10: The IGRB spectrum measured by Fermi. We show the published Fermi
IGRB data and the extended single power-law fit from Abdo et al. [33], and also data
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dotted lines. All DM components are evaluated with σv = 2× 10−27 cm3 s−1 and
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Figure 4.13: Same as Fig. 4.11, but with 30 GeV χχ → bb̄ and σv =
2.2× 10−26 cm3 s−1. We consider the prompt photon spectrum only.
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Figure 4.15: Same as Fig. 4.11, but with 10 GeV χχ → τ+τ− and σv =
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Figure 4.16: Same as Fig. 4.12, but with 10 GeV χχ→ τ+τ−. The green parameter
space are taken from the “best-fit spatial model” from [35].
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Chapter 5

Direct detection of dark matter in universal bound states

We study the signatures for internal structure of dark matter in direct
detection experiments in the context of asymmetric self-interacting dark
matter. The self-interaction cross section of two dark matter particles at
low energies is assumed to come close to saturating the S-wave unitarity
bound, which requires the presence of a resonance near their scattering
threshold. The universality of S-wave near-threshold resonances then im-
plies that the low-energy scattering properties of a two-body bound state
of dark matter particles are completely determined by its binding energy,
irrespective of the underlying microphysics. The form factor for elas-
tic scattering of the bound state from a nucleus and the possibility of
breakup of the bound state produce new signatures in the nuclear recoil
energy spectrum. If these features are observed in experiments, it will
give a smoking-gun signature for the internal structure of dark matter.

The contents of this chapter were published in [6].

5.1 Introduction

The presence of dark matter in the Universe has been inferred gravitationally for

the last ∼ 80 years. However, in spite of decades of search, we do not know the particle

content of the dark sector. Among the many prospective candidates for dark matter, a

massive neutral particle is favored as the dark matter candidate for many compelling

theoretical reasons. Search for the particle properties of dark matter proceeds via
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direct detection, indirect detection, production in colliders, and the search for effects

in galaxy formation.

In spite of the enormous success of the ΛCDM model in explaining the obser-

vations of the large-scale structures in our Universe, several small-scale anomalies

(missing satellites [364], core vs. cusp [365] and too big to fail [366]) have called for a

modification of the collisionless dark matter paradigm [348–350]. Although the pos-

sibility of baryonic feedback being a solution to these problems is not yet completely

excluded [367, 368], several particle physics models have been built to incorporate

strong self-interactions among the dark matter particles [369–378].

Asymmetric dark matter is mainly motivated by the observation that the present

day dark matter density and the baryon density differ only by a factor of ∼ 5. In the

early Universe, the Sakharov conditions created an asymmetric mixture of baryons

and antibaryons. The present baryon density is the remnant after all the antibaryons

have annihilated away. It is possible that the Sakharov conditions also created an

asymmetry between the particles and antiparticles of dark matter in the early uni-

verse. This requires the dark matter particle to be distinct from its antiparticle.

Generally, the dark matter particle in asymmetric dark matter models are light, but

exceptions exist. The present dark matter could be a remnant after all the antipar-

ticles have annihilated away. The generation mechanisms of the dark matter density

and the baryon density may be related in asymmetric dark matter models [379,380].

Much of the present baryonic matter in the universe consists of particles with

internal structure. Protons and neutrons are composed of quarks. Nuclei are bound

states of protons and neutrons. An atom is a bound state of a nucleus and electrons.

Dark matter is most often assumed to consist of individual elementary particles.

However it is possible that some or all of the present dark matter consists of particles

with internal structure. Internal structure of dark matter has been discussed in
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the context of enhanced annihilation cross sections required to explain the positron

excess [381]. The search for bound states of weakly interacting dark matter particles

in colliders has also been proposed in Ref. [382].

A new way of looking at some dark matter properties was recently pointed out

in Ref. [383]. Various nonrelativistic enhancements in dark matter annihilation and

elastic scattering, invoked to solve various intriguing anomalies, can be related and

attributed to the presence of an S-wave resonance very near to the scattering thresh-

old of two dark matter particles. If the resonance is sufficiently near the scattering

threshold, there is a region of energy in which the cross section comes close to sat-

urating the unitarity bound and a single complex parameter, the S-wave scattering

length, governs all the lower-energy behavior of the dark matter, i.e., the elastic and

inelastic scattering cross section of two dark matter particles and the binding energy

and lifetime of the resonance. If the resonance is below the threshold, it is a bound

state of the two dark matter particles. If the dark matter particles have no annihila-

tion channel, then the scattering length is real, the bound state is stable and a single

real parameter governs the elastic scattering and the binding energy. More generally,

the scattering length also governs the low-energy few-body physics with more than

two particles, such as loosely bound states consisting of three or more particles and

the elastic scattering or the breakup scattering of these bound states [384]. These

illustrate the principle of universality which we define in the next section.

Given the recent excitement about self-interacting dark matter, one can try to

apply the new ideas mentioned in [383,384] to other respects of dark matter physics.

Interactions between dark matter particles that come close to saturating the S-wave

unitarity bound can naturally produce weakly bound states. For example, a two-body

bound state requires only that the scattering length be positive. The binding energies

and the low energy scattering properties of the weakly bound states are essentially
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determined by the same parameter, the scattering length, that governs the scattering

of the individual particles. Thus these bound states form a well-motivated and highly-

constrained possibility for internal structure of dark matter. It is intriguing to ask

whether these bound states can have observable effects in searches for dark matter. In

this work, we point out that 2-body bound states provide novel features in the nuclear

recoil energy spectrum in direct detection experiments and therefore a smoking gun

signature for internal structure in dark matter.

We assume that the self-interactions between dark matter particles are strong at

low energies in the sense that they come close to saturating the S-wave unitarity

bounds. We also assume that the S-wave scattering length is positive, so that two

dark matter particles form a weakly bound state. (From here on, whenever we use the

word “particle”, we will be referring to a single dark matter particle, which we will

think of as a point particle; a bound state of dark matter particles will not be called a

“particle”). We assume the bound state is stable, so it can act as a nonnegligible part

of the dark matter of the Universe. We assume that this bound state survives the

cosmic evolution and the infrequent collisions with other particles. These assumptions

are not drastic: the deuteron is a weakly bound state of the proton and the neutron,

and we know from the very successful theory of Big Bang Nucleosynthesis, that it can

survive from the very early Universe. To be concise, we call this bound state of two

dark matter particles “darkonium”. Indeed, much of our formalism about the bound

state can be identified as a dark copy of the deuteron.

We study the effect of this bound state in dark matter direct detection exper-

iments. Dark matter direct detection probes the elastic scattering of dark matter

particles from a nucleus at relatively low energies [385–387]. If this energy scale

is in the low-energy region where elastic self-scattering of the particles is governed

by the scattering length, then the scattering of the bound state from the nucleus is
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also governed by the scattering length. The scattering of this bound state with the

target nucleus in a dark matter direct detection experiment will give a different nu-

clear recoil energy spectrum than the scattering of a dark matter particle. This can

be understood partly as the effect of the extended structure of the incoming bound

state, which will imprint a form factor on the recoil energy spectrum of the target

nucleus, and partly due to the possibility of the breakup of the bound state by the

scattering. We do a complete calculation in this framework and find a new nuclear

recoil energy spectrum. If, in the future, such a structure is seen in the nuclear recoil

energy spectrum, this will be a smoking gun signature for the internal structure for

dark matter.

In Sec. 5.2, we describe some of the universal properties of dark matter particles

with a large scattering length. In Sec. 5.3, we present the expressions for the nuclear

recoil energy spectrum due to an incident dark matter particle and an incident dark-

onium. Sec. 5.4 gives some examples of the nuclear recoil energy spectrum for various

nuclei that can be observed in dark matter direct detection experiments, comparing

the spectrum from an incident flux of darkonium with that from an incident flux of

dark matter particles. We conclude in Sec. 8.4. The details of the derivation of the

nuclear recoil energy spectrum are given in the Appendix.

5.2 Dark matter particles with large scattering lengths

The strong self-interaction cross sections at nonrelativistic velocities that are re-

quired to solve the small scale structure problems can motivate us to study other

nonrelativistic systems in physics. Due to the crucial availability of experimental

data, the knowledge gained in these different systems might be extremely valuable in

trying to understand the unknown properties of dark matter.
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The success of the ΛCDM model implies that dark matter must have weak self-

interactions at relativistic velocities, but it could have strong self-interactions at suf-

ficiently small velocities. In general, the strength of self-interactions is limited by

the unitarity bounds of quantum mechanics. We make the predictive assumption

that the self-interactions of dark matter particles come close to saturating the S-wave

unitarity bound in some velocity range. We will refer to this velocity range as the

scaling region. In the scaling region, the scattering cross section for two dark matter

particles have a power-law dependence on their relative velocity v. For example, the

elastic cross section is proportional to 1/v2. At lower velocities, the cross sections are

completely determined by a single parameter: the S-wave scattering length, which

we denote by a [383, 384]. This single parameter also controls other aspects of the

low-energy few-body physics of the dark matter particles. This is what makes the

assumption so predictive.

A scaling region requires a resonance with an S-wave coupling to two dark matter

particles that is very near their scattering threshold. Such a resonance requires a

fine-tuning. The conditions for the fine tuning are most easily expressed in terms

of the S-wave scattering length. If there are dark matter annihilation channels, a is

complex with a small negative imaginary part. We denote the range of the interaction

between the dark matter particles by r0. The condition for the existence of a scaling

region is that the scattering length must be large compared to the range: |a| � r0.

The resonance could arise from interactions between the dark matter particles whose

strength is tuned to near the critical value for there to be a bound state exactly at

the threshold. If such an interaction arises from the exchange of a particle of mass

my in the t-channel, the range is r0 ∼ 1/my. The resonance could also be due to an

elementary particle whose mass is very close to twice the mass of the dark matter
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particles and which has an S-wave coupling to the dark matter particles in the s-

channel. If the elementary particle has a mass mR and the tree-level cross section

is 4πα2
Rm

2
R/|s − m2

R|2, the relevant range of interactions is r0 = 1/(αRmR). Dark

matter properties that are determined only by the S-wave scattering length are known

as universal properties. Universality in this context refers to the fact that systems

with large scattering lengths have identical low-energy properties, independent of the

underlying microphysics, if the variables are scaled by the appropriate factors of |a|.

The properties depend on the sign of a. If a is complex, they also depend on the ratio

Im(a)/Re(a).

In the universal region defined by energies in and below the scaling region, the

elastic scattering cross section and annihilation cross section for identical bosons can

be written as [383]

σel =
8π

|−ik − γ|2
, (5.1)

and

σann =
8π Im(γ)

k |−ik − γ|2
, (5.2)

where k is the relative momentum and γ = 1/a is the inverse scattering length.

The relative momentum can be expressed as k = 1
2
mv, where v is the magnitude of

the difference between the velocities of the two dark matter particles and m is the

mass of a dark matter particle. If the two particles are distinguishable or if they are

different spin states of identical fermions, we have to multiply the above equations

by a factor of 1
2
. In the above expressions, the −ik term describes rescattering of the

dark matter particles, which is an important effect if a resonance is sufficiently near
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the threshold [388]. This term is proportional to the elastic width referred to in some

previous literature [381,389].

In the universal region, the properties of the resonance are also determined by the

scattering length a [383]. In particular, if Re γ > 0, the resonance is a bound state

of the two dark matter particles, with a finite lifetime. The binding energy of the

resonance is

EB =
(Re γ)2 − (Im γ)2

m
, (5.3)

and the lifetime of the bound state is

Γdarkonium =
4 (Re γ) (Im γ)

m
. (5.4)

The Schrodinger wave function of the bound state is

ψ(r) =

√
Re γ

2π
e−γ r/r . (5.5)

Thus the bound state has a spatial extent 1/(Re γ) that is much larger than the

range of the interactions between the dark matter particles. The large separation of

the two dark matter particles in the bound state is a remarkable phenomenon. It

is particularly remarkable in the case of a resonance that arises from an elementary

particle whose mass is very close to twice that of the dark matter particle.

There are many examples in Nature of particles with large scattering lengths [384].

In nuclear physics, the classic example is the neutron, which has a large negative

scattering length. Neutrons and protons have a relatively large positive scattering

length in the isospin-0 channel. The associated bound state is the deuteron. In

atomic physics, the spin-triplet state of the tritium atom 3H has a large negative
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scattering length. The helium atom 4He has a large positive scattering length. The

associated bound state is the diatomic 4He molecule, which has a very tiny binding

energy of about 10−7 eV. In high energy physics, the charm mesons D0 and D∗0 have

a large positive scattering length in the even charge conjugation channel [390]. The

associated bound state is called the X(3872). These are all examples in which Nature

has produced an accidental fine-tuning of an S-wave resonance to near the appropriate

threshold. It is possible that Nature has also provided an analogous fine-tuning for

dark matter.

In the field of cold atom physics, the scattering length for atoms can be controlled

by the experimenter. By tuning a magnetic field to near a Feshbach resonance where

the energy of the diatomic molecule is at the scattering threshold for a pair of atoms,

the scattering length can be made arbitrarily large (or small) [391]. This has allowed

detailed experimental studies of the few-body physics and many-body physics of par-

ticles with large scattering lengths. These experiments may be directly applicable to

dark matter if it consists of particles with a large scattering length.

In our case, we wish to consider a bound state that has a very long lifetime. This

amounts to taking the limit Im γ → 0. From Eqn. (5.2), it is clear that this requires

a vanishing annihilation cross section. A vanishing annihilation cross section is most

easily accommodated by dark matter sector that is asymmetric, just like the visible

sector.

In the limit of Im γ → 0, the self-interaction cross section in Eqn. (5.1) reduces to

σel =
8π

γ2 + k2
. (5.6)
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The binding energy in Eqn. (5.3) reduces to

EB =
γ2

m
. (5.7)

The elastic scattering cross section and the binding energy are determined by the

single real parameter γ. This parameter also determines other aspects of the low-

energy few-body physics of the dark matter particles. In particular, it determines up

to an overall normalization factor the scattering of darkonium with small momentum

transfer from a nucleus in dark matter direct detection experiments. The finite size

of the darkonium may produce a tell-tale signature in the recoil energy spectrum of

the target nucleus. The breakup of the darkonium into two dark matter particles

from scattering off the nucleus could also provide a signature. These provide the

main motivation for calculating the recoil energy spectrum of the target nucleus for

an incident darkonium. If it is possible to infer that a component of the dark matter

is a universal bound state with the inverse scattering length γ, then using Eqn. (5.6),

one can easily infer the dark matter self-interaction cross section.

Our basic premise is that there is a scaling region of the relative velocity v in

which dark matter particles come close to saturating the S-wave unitarity bound:

σel ≈ 32π/m2 v2. We should therefore ask whether such large cross sections are

compatible with the known properties of dark matter. Since the unitarity bound

is proportional to 1/m2, an upper bound on σel from astrophysics can always be

accommodated by making the dark matter mass sufficiently large. One such upper

bound comes from the Bullet Cluster, for which the observed mass distribution from

gravitational lensing sets an upper bound on the elastic cross-section divided by the

mass of the dark matter particle: σel/m . 1 cm2 g−1 at the estimated collision velocity

of v ∼ 1000 km s−1. This is consistent with the unitarity bound being saturated at
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that velocity if m . 12 GeV. A larger mass would require this velocity to be above

the scaling region. Another possible constraint comes from the small scale structure

problems in ΛCDM. The absence of a cusp in the dark matter distribution of dwarf

galaxies can be explained by self-interactions of dark matter particles whose order

of magnitude is σel/m ≈ 1 cm2 g−1 at the typical velocity of v ≈ 10 km s−1. This

is consistent with the unitarity bound being saturated at that velocity if m ≈ 270

GeV. A smaller mass can be accommodated if the elastic cross section in Eqn. (5.6)

is already approaching its low energy limit σel = 8π/γ2 at that velocity. Thus cross

sections with a scaling region in which the unitarity bound is nearly saturated are

compatible with the known properties of dark matter with mass in the range relevant

to current experiments.

The scattering of darkonium is also determined by the inverse scattering length

1/γ. When two darkonia collide, they can scatter elastically or inelastically. If the

scattering is inelastic, there are several possibilities for the final state. It can consist

of 4 individual dark matter particles, or a darkonium plus 2 individual dark matter

particles, or a bound state of 3 dark matter particles plus an individual dark matter

particle. If some light particle (such as a dark photon) can be radiated in the collision,

the final state can also be a bound state comprised of 4 dark matter particles. The

possibility of forming bound states comprised of 3 or more dark matter particles

can be avoided by imposing certain symmetries, as in the case of a spin−1
2

dark

matter particle. The formation of bound states can also be avoided through decay

instabilities. For example, in the visible world, only nuclei with specific proton and

neutron numbers are stable.

The calculation of the elastic darkonium self-scattering cross section is a non-trivial

4-body problem. Generically, the low-energy elastic cross section is the same order of

magnitude as that for the elastic scattering of the dark matter particles in Eqn. (5.6),
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which is of order 1/γ2. For example, if the constituents of the darkonium are the

two spin states of a spin-1
2

fermion, the darkonium scattering length is 0.6/γ [392].

If the constituents of the darkonium are a spin-0 boson, the darkonium scattering

length is 1/γ multiplied by a log-periodic function of γ that has the same value

when γ is changed by a multiplicative factor of 22.7 [384]. For most values of γ, the

darkonium scattering length is between −3/γ and +3/γ, but it is much larger near

the critical values of γ for which there is a 4-boson bound state at the 2-darkonium

threshold [393]. At high energies, the total darkonium self-scattering cross section is

also the same order of magnitude as that for the dark matter particles, which is of

order 1/k2. However, the elastic darkonium self-scattering cross section is much small,

scaling as γ4/k6. The suppression factor of (γ/k)4 arises because the momentum

transfer must be transmitted to both constituents of both the darkonia.

To measure the probability of darkonium breakup, we calculate the mean free

path, where we take σel/m = 1 cm2 g−1. The calculation in this paragraph is only an

order of magnitude estimate to get a sense of scales involved. In general, whether a

darkonium will survive can only be addressed in a detailed N -body simulation. If the

background dark matter density is cosmological (i.e., 1.26 ×10−6 GeV cm−3), then the

mean free path of the darkonium is approximately 150 Gpc. This result is independent

of the dark matter particle mass as a higher mass means stronger self-interaction and

it also implies lower number of dark matter particles. If the background dark matter

density is 0.1 GeV cm−3, then the mean free path is approximately 2 Mpc. For a

higher dark matter density, the mean free path will be lower and hence the chance

of darkonium breaking up will be higher. From the above arguments, it is clear that

unless the darkonium passes though a region of fairly high dark matter density, the

survival probability will be quite high.

145



5.3 Nuclear recoil energy spectrum

In this section, we present the nuclear recoil energy spectrum that is measured in

a dark matter direct detection experiment. We will first give the nuclear recoil energy

spectrum of a dark matter particle scattering off a nucleus, followed by the nuclear

recoil energy spectrum of a bound state of two dark matter particles (darkonium)

scattering off a nucleus. For darkonium scattering off a nucleus, there are two possible

final states: (a) the darkonium can remain bound after the scattering, and (b) the

darkonium can be broken apart due to the scattering with the nucleus. The details

of the derivation of the nuclear recoil energy distribution are given in the Appendix.

We assume for simplicity that the two constituents of darkonium have equal mass

m. They can be identical bosons or different spin states of a spin-1
2

particle or

distinguishable particles. The mass of the darkonium can be approximated by 2m.

We denote the mass of the target nucleus by mA. The magnitude of the momentum

transferred to the nucleus is denoted by q. The nuclear recoil energy is Enr = q2/2mA.

We also assume for simplicity that the two constituents of darkonium scatter from

the nucleus with the same amplitude GA(q).

5.3.1 Dark matter particle scattering off the nucleus

In this section, we give the recoil energy spectrum of the scattered nucleus due to

scattering with a dark matter particle. The Feynman diagram is shown in Fig. 5.1.

The differential scattering rate of one dark matter particle, with velocity v, off a

target nucleus is

(
d(σv)

dEnr

)

A+1

=
mA

v
|GA(q)|2 1

2π
Θ (v − q/2µ) , (5.8)
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where GA(q) is the vertex factor for the effective interaction between the dark matter

particle and the nucleus. There is a minimum velocity of the dark matter particle

necessary to produce a recoil of momentum q: v > q/2µ, where µ is the reduced mass

of the dark matter particle and the nucleus.

GA(q)

EK,K EK′,K′

P 2/2m,P P ′2/2m,P′

Figure 5.1: Feynman diagram for a dark matter particle scattering off a target nucleus.
The incoming and outgoing dark matter particles have momenta P and P ′ and are
shown by single dashed lines. The incoming and outgoing nucleus have momenta K
and K ′ and are shown by solid lines. Energies and momenta are denoted by normal
font and bold letters respectively. The vertex for the effective interaction of a single
dark matter particle with the nucleus is represented by the grey blob.

Comparing the expression in Eqn. (5.8) with the standard expression in the liter-

ature for the case of a spin-independent cross section σSI between the dark matter

particle and the nucleon, we find that

|GA(q)|2 =
π σSIA

2F 2
N(q)

µ2
n

, (5.9)

where A is the mass number of the target nucleus, µn is the reduced mass of the dark

matter particle and the nucleon, and FN(q) is the nuclear form factor.
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5.3.2 Bound state elastic scattering off the nucleus

In this section, we give the recoil energy spectrum of a scattered nucleus due to

a darkonium elastically scattering off the target nucleus. The Feynman diagram for

this process is shown in Fig. 5.2. One of the constituents of the darkonium scatters

from the nucleus and subsequently recombines with the other constituent to form

darkonium again.

−EB + P2/4m,P −EB + P′2/4m,P′

g2 g2

GA(q)

EK,K EK′,K′

ω,k

−EB + P 2/(4m) − ω,P − k −EB + P ′2/(4m) − ω,P′ − k

Figure 5.2: Feynman diagram for a darkonium scattering off a target nucleus. The
incoming and outgoing darkonium have momenta P and P ′ and are shown by the
double dashed lines. All other notations are the same as in Fig. 5.1.

The Feynman diagram in Fig. 5.2 is calculated in the Appendix. The differential

rate of one darkonium with a velocity v to scatter elastically off a target nucleus is

(
d(σv)

dEnr

)

A+2

=
mA

v
|GA(q)|2 2

π
|F (q)|2

×Θ (v − q/2µ2) . (5.10)
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−EB + P2/4m,P

g2

EK,K EK′,K′

GA(q)

p2
1/2m,p1

p2
2/2m,p2

−EB + P 2/(4m) − p2
1/(2m),P − p1

−EB + P2/4m,P

p2
1/2m,p1

p2
2/2m,p2

g2

GA(q)

EK,K EK′,K′

ω,k

−EB + P 2/4m − ω,P − k (p2
1 + p2

2)/2m − ω,p1 + p2 − k

Figure 5.3: Feynman diagrams for a darkonium breakup from scattering with a target
nucleus. The momenta of the outgoing dark matter particles are p1 and p2. There is
one more diagram which is identical to the diagram on the left but with p1 and p2

interchanged. All other notations are the same as in Figs. 5.1 and 5.2.

The form factor of the darkonium is given by

F (q) =
4γ

q
tan−1

(
q

4γ

)
, (5.11)

where γ = 1/a is the inverse scattering length. In the limit of small q, the form

factor goes to 1. In the limit of large q/4γ, the form factor goes to 2πγ/q. There is a

minimum velocity of darkonium necessary to produce a nuclear recoil of momentum

q: v ≥ q/2µ2, where µ2 is the reduced mass of the darkonium and the nucleus.

The expression in Eqn. (5.10) differs from the expression for a dark matter particle

scattering off a nucleus in Eqn. (5.8) by the presence of the form factor, by a different

argument of the theta function, which gives a minimum velocity required for the

nuclear recoil momentum q, and by a factor of 4. This factor of 4 (= 22) can be

understood as arising from the coherence effect of the darkonium which is composed

of two dark matter particles.
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5.3.3 Bound state breakup from scattering off nucleus

Here we give the nuclear recoil energy spectrum due to a darkonium break up

from scattering off a nucleus. The Feynman diagrams for this process are shown in

Fig. 5.3. In both of the diagrams in Fig. 5.3, one of the constituents of the darkonium

scatters from the nucleus. In the second diagram, the two constituents subsequently

rescatter. Because the interaction associated with a large scattering length is nonper-

turbative, this diagram must be included for consistency. The diagrams are calculated

in the Appendix. The differential scattering rate for one darkonium to breakup after

scattering with the target nucleus is

(
d(σv)

dEnr

)

A+1+1

= 128 γ
mA

v
|GA(q)|2

×
∫

d3r

(2π)3

∣∣∣∣∣
1

4γ2 + (2r − q)2
+

1

4γ2 + (2r + q)2

− i

2q(γ + ir)
ln

4r2 + (2γ − iq)2

4γ2 + (2r − q)2

∣∣∣∣∣

2

× Θ

(
v −

(
q

2µ2

+
γ2

mq

))
. (5.12)

The integral over the angles of r can be calculated analytically to give a function

of r and q that can be expressed in terms of logarithms. The range of the subsequent

integral over r is 0 < r < R, where R depends on v, q and γ:

R2 = mq

(
v −

(
q

2µ2

+
γ2

mq

))
. (5.13)

The condition for validity of the recoil energy distribution in Eqn. (5.12) is q/2�

1/r0 and R � 1/r0, where r0 is the range of dark matter interactions. The theta
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function in Eqn. (5.12) implies that the breakup of darkonium is possible only if its

velocity v in the laboratory frame exceeds q/(2µ2) + γ2/(mq).

5.4 Recoil energy spectra off various nuclei

In this section, we will calculate some example nuclear recoil energy spectra for

various target nuclei used in current dark matter direct detection experiments. To

cover the typical ranges of dark matter particle masses searched for in these experi-

ments, we use two dark matter particle masses:

• “traditional” dark matter particles with a representative mass being m = 100

GeV,

• light dark matter particles, with a representative mass being m = 10 GeV.

We will show the nuclear recoil spectra for three different nuclei:

• Xenon, for which the atomic mass number A ranges from 124 to 136,

• Germanium, for which A ranges from 70 to 76,

• Silicon, for which A ranges from 28 to 30.

These span the range of nuclei that have good sensitivity for heavy dark matter and

light dark matter candidates.

We take the simplest case of an isospin-conserving, momentum-independent, spin-

independent cross section between the dark matter particle and the nucleon to arrive

at the expression for GA(q) in Eqn. (5.9). We take the nuclear form factor FN(q) to

be the Helm form factor [394].

The normalizations of our cross sections are determined by the spin-independent

dark matter particle-nucleon cross section σSI. For the case of m = 100 GeV, we
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Figure 5.4: The recoil energy spectra for dark matter particle (of mass m) scattering
(red dashed), darkonium elastic scattering (green solid), darkonium break up scatter-
ing (blue solid), and total darkonium scattering (black solid) with a target nucleus.
The element of the target nucleus and the mass of the dark matter particle are given
in the top right hand corner of each plot. For m = 10 GeV, the total darkonium
scattering is the same as the elastic darkonium scattering. See text for details.
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choose σSI = 10−46 cm2, which is just beyond the present limit as presented by the

XENON100 collaboration [395] and the LUX collaboration [396]. For the case of

m = 10 GeV, we choose σSI = 10−41 cm2, which is excluded by the recent XENON100

dataset [395] and the LUX dataset [396]. However, the present status of this region is

controversial, as there are a number of anomalies which cannot be explained by known

backgrounds but can be explained as due to dark matter scattering [98, 397, 398].

These anomalies can be reconciled either by exotic physics or by improvements in

experimental measurements. These values of σSI are chosen only for illustration.

Other values of σSI would change the normalization of the recoil energy spectrum,

keeping the shape unchanged.

Given the differential scattering rate of a single dark matter particle or darkonium

scattering with the target nucleus, (d(σv)/dEnr)single, we can calculate the differential

scattering rate (in units of events per unit time per unit target mass and per unit

recoil energy) for an incident flux of dark matter as

(
dR

dEnr

)

flux

= NT nχ

∫
d3v f(v + vE)

×
(
d(σv)

dEnr

)

single

, (5.14)

where v is the dark matter velocity in the Galactic frame, vE is the average velocity

of the Earth, NT is the number of target nucleus and nχ is the number density of the

constituents of dark matter. We use the truncated Maxwell-Boltzmann distribution

[394] for the dark matter velocity distribution:

f(v + vE) = N e−(v+vE)2/2v20 Θ(vmax − v), (5.15)
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with vE = 242 km s−1, maximum velocity vmax = 600 km s−1, and velocity dispersion

v0 = 230 km s−1. The normalization constant N is adjusted so that
∫
d3v f(v + vE)

= 1. Although recent simulations show that the velocity distribution of dark matter

particles can be different from what we have assumed [399], we use the truncated

Maxwell-Boltzmann distribution as a proof of concept because of its simplicity.

The nuclear recoil energy spectrum that will be observed in a dark matter di-

rect detection experiment is determined by how the full local dark matter density is

distributed between dark matter particles and the darkonium. We will contrast the

nuclear recoil spectra for the two extreme situations:

• all dark matter is composed of individual particles with mass m,

• all dark matter consists of darkonium bound states with approximate mass 2m.

The local mass density of dark matter is ρχ = 0.3 GeV cm−3. If the dark matter

is fully made up of dark matter particles, the local number density of dark matter

particles is nχ = ρχ/m. If the dark matter is fully made up of darkonium, the local

number density is nχ = ρχ/2m.

The universal two-body bound states that we are considering for the internal

structure of dark matter are motivated by the large elastic cross sections proposed to

solve small scale structure problems in ΛCDM. We therefore determine the inverse

scattering length γ by taking the elastic self-interaction cross section per unit mass for

dark matter particles to be σel/m = 1 cm2 g−1 at v = 10 km s−1. This corresponds

to a binding energy γ2/m of 54 keV for m = 10 GeV and 0.52 keV for m = 100

GeV. Much larger elastic cross sections, which corresponds to much smaller binding

energies, are not allowed from cluster observations [48]. However, much smaller elastic

cross sections which will have no effect on astrophysical scales are allowed, and those

will correspond to much larger binding energy of the darkonium, so that the recoil
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rate of the darkonium breakup is further suppressed in that case. Direct detection

of self-interacting dark matter in a different particle physics model context is also

presented in [400].

The various recoil spectra for the differential event rate are shown in Fig. 5.4. Due

to the very different masses of the dark matter candidates considered, and due to

the variety of target nuclei considered, the scales in the y-axes of Fig. 5.4 vary. In

each plot we show the recoil energy spectra of the target nucleus for dark matter

particle scattering, darkonium elastic scattering, darkonium break up scattering, and

total darkonium scattering. For m = 100 GeV, at low recoil energies, the differen-

tial darkonium elastic scattering rate is approximately double the differential particle

scattering rate. This can be intuitively understood as the effect of the heavier incom-

ing mass of the darkonium. At low recoil energies, the form factor of the darkonium

is almost one and hence the differential recoil rate of the darkonium elastic scattering

is two times the differential recoil rate of a dark matter particle scattering. A factor

of four enhancement due to the coherent scattering of the darkonium is reduced by

a factor of two due to the lower number of darkonium compared to the elementary

dark matter particles for a given local dark matter density. At higher recoil energies,

the differential elastic scattering rate falls faster for darkonium than for a dark mat-

ter particle at higher energies due to the additional form factor suppression of the

darkonium.

We next compare the nuclear recoil energy spectrum from darkonium breakup.

For m = 100 GeV, the nuclear recoil energy spectrum vanishes at low nuclear recoils,

peaks at a nuclear recoil energy that depends on the target nucleus and the binding

energy of the darkonium, and subsequently falls much more slowly than that for dark-

onium elastic scattering case. The vanishing of the nuclear recoil energy spectrum at

zero recoil energies for the case of darkonium breakup is expected as a nonzero nuclear
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recoil is required to break up the darkonium. Overall, the total nuclear recoil energy

spectrum for an incident darkonium particle, which is the sum of the contribution of

both the darkonium elastic scattering and darkonium breakup, is different from that

of an incident dark matter particle both in shape and normalization.

The total recoil energy spectrum from darkonium scattering looks similar to that

of a dark matter particle of mass 2m with a σSI which is 4 times larger than for the

other lines in the figure (i.e., σSI = 10−42 cm2). If the dark matter mass is not known,

then this degeneracy will be difficult to differentiate with low statistics. If the dark

matter mass is known via other measurements, then the end point in the nuclear recoil

energy spectrum will determine whether the incident dark matter is a darkonium or

a dark matter particle. However, with high statistics, the differences in the nuclear

recoil energy spectrum between that of an incident darkonium and an incident dark

matter particle with an enhanced coupling to nucleons can be distinguished.

For the m = 10 GeV case, due to the lower mass of the incident darkonium, the

darkonium breakup is either extremely suppressed or kinematically forbidden. It is

therefore not visible in Fig. 5.4. Similar to the previous case, at low recoil energies the

differential elastic nuclear recoil rate is approximately twice for an incident darkonium

compared to that of an incident dark matter particle. At larger recoil energies, the

nuclear recoil energy spectrum for an incident darkonium decreases more slowly than

that for an incident elementary dark matter particle. The effect of the form factor

is relatively small. At the highest nuclear recoil energies shown, the form factor

decreases the rate only by ∼ 20%. Even for light dark matter, the recoil energy

spectrum looks similar to that of a dark matter particle of mass 2m with a σSI which

is 4 times larger than for the other lines in the figure (i.e., σSI = 10−37 cm2). This

degeneracy can be broken either with information from other experiments or with

high statistics.
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For both masses, the total recoil energy spectrum from darkonium scattering from

a nucleus is completely different from that for a single dark matter particle. It is closer

to the recoil energy spectrum for a dark matter particle with twice the mass and 4

times the cross section with a nucleon, but the shape is different. The difference in

shape is due to the form factor of the darkonium and to the new scattering channel

in which the darkonium breaks apart. We do not know of any another physical

phenomenon which can give rise to such a different nuclear recoil energy spectrum.

5.5 Conclusion

We have discussed the prospects of direct detection of dark matter with inter-

nal structure in the context of self-interacting asymmetric dark matter. Our basic

assumption is motivated by the possibility that large self-interaction cross sections

for dark matter at nonrelativistic velocities can solve small-scale structure problems.

The assumption is that there is an energy region in which the cross section for a

pair of dark matter particles come close to saturating the S-wave unitarity bound.

In this case, dark matter at lower energies has universal behavior that is completely

determined by the S-wave scattering length. The assumption requires that a pair of

dark mater particles have an S-wave resonance near the scattering threshold. If the

resonance is just below the scattering threshold, it is a bound state of the two dark

matter particles (we call it darkonium). If the dark matter is asymmetric, darkonium

can be stable and make up some or all of the present dark matter. Due to the large

scattering length, both the self-interaction cross section and the binding energy of the

darkonium are determined by a single real parameter.

Our assumption is predictive, because it implies that darkonium has universal

low-energy properties that are completely determined by the scattering length. In
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particular, the scattering length determines the shape of the cross sections for scat-

tering of darkonium from a nucleus at sufficiently low recoil energy. This implies new

signatures that can be seen in a dark matter direct detection experiment, particularly

for ∼ 100 GeV dark matter. If a darkonium is incident on a target nuclei, two different

final states are possible: (a) elastic scattering and (b) inelastic scattering where the

darkonium breaks up from scattering with target nuclei. Due to the extended spatial

structure of the darkonium and the possibility of breakup, the nuclear recoil energy

spectrum in a dark matter direct detection experiment will be different from that

due to an incident dark matter particle. Some examples of the nuclear recoil energy

spectrum due to an incident darkonium are shown in Fig. 5.4. As can be seen from

the figure, the total nuclear recoil energy spectrum due to an incident darkonium is

completely different from that due to an incident dark matter particle. It is similar to

the recoil energy spectrum for a dark matter particle with twice the mass and 4 times

the cross section with a nucleon, but there is a difference in the shape. If a nuclear

recoil spectrum of this kind is unambiguously seen in dark matter direct detection

experiments, then it will be a smoking-gun signature for internal structure in dark

matter.

Appendix

In this appendix, we present the detailed derivation of the recoil energy spectrum

of a nucleus in a dark matter direct detection experiment. We begin by presenting

the Feynman rules that are used for the derivation. We derive the nuclear recoil

energy spectrum first for a dark matter particle scattering off a nucleus and then

for a bound state of two dark matter particles (darkonium) scattering off a nucleus.

For a darkonium scattering off a nucleus, there are two possible final states: (a) the

158



darkonium is still bound after the scattering, and (b) the darkonium is broken apart

due to the scattering.

Feynman Rules

Particles with a large scattering length can be described by a renormalizable local

quantum field theory. The Feynman rules for the quantum field theory are simple

[384]. The particles have standard nonrelativistic propagators. A pair of particles

can interact through a point interaction vertex with a bare coupling constant g0.

They can rescatter through additional interaction vertices. The resulting bubble

diagrams are ultraviolet divergent and require an ultraviolet cutoff Λ. The interaction

is nonperturbative, so the bubble diagrams must be summed up to all orders. The

scattering amplitude for a pair of particles is the sum of arbitrarily many bubble

diagrams. Renormalization is implemented by tuning the bare coupling constant as a

function of Λ so that the inverse scattering length has the desired value γ. Amplitudes

in this quantum field theory can be calculated more easily by using a more succinct

set of Feynman rules in which arbitrarily many bubble diagrams have been summed

up to all orders. Renormalisation allows these Feynman rules to be expressed in terms

of the physical parameter γ.

The Feynman rules for identical bosons, which are illustrated in Fig. 5.5 [384],

involve the following factors:

• The nonrelativistic propagator for a virtual dark matter particle of energy E

and momentum p is given by iD(E,p), where

D(E,p) =
1

E − p2/2m+ iε
. (5.16)

It is represented by a single dashed line.
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• The product of the residue factor for an incoming darkonium line and the vertex

factor for its transition to a pair of particles is given by −ig2, where

g2 =

√
16πγ

m2
. (5.17)

It is represented by a dot at which a double-dashed line splits into two dashed

lines as shown in Fig. 5.5. Since bubble diagrams have already been summed

up to all orders, the first interaction of the pair of particles cannot be with each

other.

i

E � p2/2m + i✏

�ig2

(E,p)

(E,p)
iD2(E,p)

Figure 5.5: Feynman rules for the particle propagator, the product of the residue and
vertex factors for an incoming darkonium, and the 2→2 transition amplitude for a
pair of particles.
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• The exact 2→2 transition amplitude for a pair of particles with total energy E

and total momentum p is given by iD2(E,p), where

D2(E,p) =
8π/m

−γ +
√
−m(E − p2/4m+ iε)

. (5.18)

It is represented by a double dashed line joined by two dots as shown in Fig. 5.5.

The first previous interaction of the incoming pair of particles cannot be with

each other. The first subsequent interaction of the outgoing pair of particles

cannot be with each other.

• The vertex factor for the scattering of a dark matter particle from the nucleus

with momentum transfer q, as in the diagram in Fig. 5.1, is given by −i GA(q).

If γ > 0, the amplitude D2(E,p) in Eqn. (5.18) has a pole in the energy at

p2/4m − γ2/m. This corresponds to a darkonium with momentum p and binding

energy γ2/m, in accord with Eqn. (5.7). Up to a complex phase, the product g2 of the

residue factor and the vertex factor in Eqn. (5.17) is the square root of the residue of

that pole. The matrix element for scattering of a pair of particles with momenta +k

and −k, which implies total energy k2/m is

D2(k2/m, 0) =
8π

−γ − ik . (5.19)

The cross section is |D2(k2/m, 0)|2 multiplied by the flux factor m/2k for the incoming

particles and by the phase space factor mk/4π for the outgoing identical particles.

This reproduces the elastic cross section in Eqn. (5.6).

The Feynman rules given above are for the case in which the particles with the

large scattering length are identical bosons. If the particles are distinguishable, they

can have distinct masses m1 and m2. Their propagators are obtained by replacing m
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in Eqn. (5.16) by m1 or m2. The exact 2→2 transition amplitude is obtained from

Eqn. (5.18) by replacing 8π by 4π and by replacing the mass m by 2µ12, where µ12

is the reduced mass of the two particles. The product of the residue factor and the

vertex factor is obtained from Eqn. (5.17) by making the same two replacements,

resulting in (πγ/µ2
12)1/2. The two particles can scatter from a nucleus with different

amplitudes GA,1(q) and GA,2(q).

The Feynman diagrams for scattering of a dark matter particle and of a darkonium

from a nucleus are shown in Fig. 5.1 and in Figs. 5.2 and 5.3 respectively. We denote

the incoming momentum of the dark matter particle or the darkonium by P and the

momentum of the target nucleus by K. The total momentum of the outgoing dark

matter, which can be a single particle or a darkonium is denoted by P ′. For darkonium

breakup, the momenta of the two outgoing dark matter particles are denoted by p1

and p2 respectively. The momentum of the scattered nucleus is denoted by K′.

In the laboratory frame, the target nucleus is almost at rest, so K = 0 to a very

good approximation. The momentum transferred to the nucleus by the scattering

is q = K′ −K. The momentum transfer q is independent of the Galilean frame

and its magnitude is denoted by q. The recoil energy of the scattered nucleus in the

laboratory frame is Enr = q2/2mA.

Scattering of dark matter particle

In this section, we will detail the recoil energy spectrum of the scattered nucleus

due to scattering with a dark matter particle. The nonrelativistic phase space in a
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general Galilean frame is denoted by

(dΦ)A+1 =
d3P ′

(2π)3

d3K′

(2π)3
(2π)3 δ3(P + K − P ′ −K′)

× 2π δ

(
P 2 − P ′2

2m
+

K2 −K ′2

2mA

)
. (5.20)

In the laboratory frame, K = 0 and the momentum transfer reduces to q = K ′. The

phase space can be simplified to

(dΦ)A+1,lab =
q2dq d(cosθ)

2π

m

Pq
δ

(
cosθ − mq

2µP

)
, (5.21)

where θ is the angle between q and P and µ is the reduced mass of the dark matter

particle and the nucleus. The delta function determines the minimum velocity v =

P/m of the dark matter particle to produce a recoil of momentum q: v ≥ q/2µ.

The Feynman diagram for the scattering of a dark matter particle from the nucleus

is shown in Fig. 5.1. The matrix element for the process is −GA(q). The differential

scattering rate vdσ is |GA(q)|2 multiplied by the differential phase space in Eqn. (5.21).

After integrating over the scattering angle, we obtain Eqn. (5.8).

Elastic scattering of darkonium

In this section, we detail the recoil energy spectrum of a nucleus due to elastic

scattering of a bound state of dark matter (darkonium) off the target nucleus. The

nonrelativistic phase space is similar to Eqn. (5.20), except that the mass m of the

dark matter is replaced by 2m. In the laboratory frame, the phase space can be

simplified to give

(dΦ)A+2 =
q2dq d(cosθ)

2π

2m

Pq
δ

(
cosθ − mq

µ2P

)
, (5.22)
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where µ2 is the reduced mass of the darkonium and the nucleus. The delta function

determines the minimum velocity v = P/2m of darkonium necessary to produce a

nuclear recoil of momentum q: v ≥ q/(2µ2).

The Feynman diagram for the process is shown in Fig. 5.2. The matrix element is

given by

M = −i GA(q) g2
2

∫
d3k

(2π)3

∫
dω

2π
D(ω,k)

× D(−EB + P 2/4m− ω,P − k)

× D(−EB + P ′2/4m− ω,P ′ − k) , (5.23)

where k and ω are the undetermined momentum and energy in the loop. The integral

over ω can be evaluated by closing the contour in the lower half-plane around the

pole of D(ω,k). The integral over k can be evaluated after combining the remaining

two propagator using a Feynman parameter. Upon integrating over the Feynman

parameter, the matrix element reduces to

M = −GA(q)g2
2

m2

2πq
tan−1 q

4γ
. (5.24)

The differential rate v dσ for elastic scattering of a darkonium of momentum P ≈

2mv is obtained by squaring the matrix element and multiplying by the differential

phase space in Eqn. (5.22). After integrating over the scattering angle, we obtain the

differential scattering rate in Eqn. (5.10).

We now consider the case in which the constituents of darkonium have the same

mass m but different amplitudes for scattering from the nucleus. In this case, there are

two diagrams like the one in Fig. 5.2 with different vertex factors GA,1(q) and GA,2(q).

Because the particles are distinguishable, the factor g2 for an external darkonium
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line is smaller than that in Eqn. (5.17) by a factor of 2. The net effect on the final

expression for the differential scattering rate in Eqn. (5.10) is that GA(q) is replaced by

[GA,1(q)+GA,2(q)]/4. It reduces to Eqn. (5.10) if we set GA,1(q) = GA,2(q) = 2GA(q).

Breakup scattering of darkonium

Here we detail the recoil energy spectrum of a bound state of two dark matter

particles (darkonium) breaking apart after scattering from the nucleus. We denote the

momenta of the two outgoing dark matter particles by p1 and p2. The nonrelativistic

phase space in a general Galilean frame is given by

(dΦ)A+1+1 =
d3p1

(2π)3

d3p2

(2π)3

d3K′

(2π)3

× (2π)3 δ3(P + K − p1 − p2 −K ′)

× 2π δ

(
P 2 − 2(p2

1 + p2
2)

4m
− EB +

K2 −K ′2

2mA

)
. (5.25)

We employ the change of variables p1,2 = 1
2
P ′ ± r and use the delta function to

integrate over P ′. In the laboratory frame, the phase space can be reduced to

(dΦ)A+1+1,lab =
d3q

(2π)3

d3r

(2π)3

× 2π δ

(
P · q − 2r2

2m
− EB −

q2

2µ2

)
. (5.26)

The Feynman diagrams for the breakup of darkonium from the scattering of the

nucleus are shown in Fig. 5.3. The matrix element is the sum of three terms. The

matrix elements for the first diagram in Fig. 5.3 and for the diagram obtained by
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interchanging p1 and p2 are

M1 =
4mg2GA(q)

4γ2 + (2r − q)2
, (5.27)

M2 =
4mg2GA(q)

4γ2 + (2r + q)2
. (5.28)

The matrix element for the second Feynman diagram in Fig. 5.3 can be written as

M3 = i GA(q) g2
8π/m

−γ − ir

∫
d3k

(2π)3

∫
dω

2π
D(ω,k)

× D(−EB + P 2/4m− ω,P − k)

× D((p2
1 + p2

2)/2m− ω,p1 + p2 − k) . (5.29)

The integral over ω can be evaluated by closing the contour in the lower half-plane,

so that it encloses the pole of ω. The integral over k can be evaluated after combining

the remaining two propagators with a Feynman parameter. The matrix element in

Eqn. (5.29) reduces to

M3 = −2im g2GA(q)

q (γ + ir)
ln

4r2 + (2γ − iq)2

4γ2 + (q − 2r)2
. (5.30)

The complete matrix element isM1 +M2 +M3. The differential rate v dσ for the

breakup scattering of a darkonium of momentum P ≈ 2mv is obtained by squaring

the matrix element and multiplying by the differential phase space in Eqn. (5.26).

Now |M|2 depends only on the angle between r and q, and the argument of the delta

function depends only on the angle between q and P . After averaging |M|2 over the

angles of r, we can use the delta function to evaluate the angular integral for q. The

compact expression for the differential rate in Eqn. (5.12) is obtained by subsequently

reexpressing the angle average of |M|2 in terms of an integral over the angles of r.
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We now consider the case in which the constituents of darkonium have the same

mass m but different amplitudes for scattering from the nucleus. Because the particles

are distinguishable, the factor g2 for an external darkonium line is smaller than that

in Eq. (17) by a factor of 2. The 2→2 transition amplitude is also smaller than that

in Eqn. (5.18) by a factor of 2. The effect on the matrix element is to replace GA(q) in

Eqns. (5.27), (5.28) and (5.29) by GA,1(q), GA,2(q), and [GA,1(q) +GA,2(q)]/2, respec-

tively. The final expression for the differential scattering rate reduces to Eqn. (5.12)

if we set GA,1(q) = GA,2(q) = 2GA(q).
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Chapter 6

Constraints on New Neutrino Interactions via Light Abelian

Vector Bosons

We calculate new constraints on extra neutrino interactions via light
Abelian vector bosons, where the boson mass arises from Stuckelberg
mechanism. We use the requirement that Z, W , and kaon decays, as well
as electron-neutrino scattering, are not altered by the new interactions
beyond what is allowed by experimental uncertainties. These constraints
are strong and apply to neutrinophilic dark matter, where interactions
of neutrinos and dark matter via a new gauge boson are important. In
particular, we show that models where neutrino interactions are needed
to solve the small-scale structure problems in the ΛCDM cosmology are
constrained.

The contents of this chapter were published in [3].

6.1 Introduction

Neutrinos are feebly interacting yet ubiquitous particles that govern many physical

phenomena. The roles that neutrinos play appear to be described by just their weak

interactions. However, neutrino detection remains technically challenging and it is

possible that new interactions that affect neutrinos have escaped discovery. These

hidden neutrino interactions [401,402] have thus been invoked for solving a variety of

problems related to cosmological structure formation, neutrino oscillation anomalies,

and dark matter [36,403–408].
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If the new interactions are mediated by a heavy boson, they can be effectively

described using a modified Fermi constant [409,410]. However, a rich phenomenology

is possible for interactions through new light bosons that are kinematically accessible.

A massless boson leads to a 1/r2 force that is strongly constrained [411], so we focus

on a light but not massless mediator. If the boson is heavier than about an MeV

then it can decay into charged fermions, e.g., an electron-positron pair, which can be

tested at collider experiments [412,413]. The most challenging scenario is if the boson

is lighter than about an MeV, so that it can only decay “invisibly” to a neutrino-

antineutrino pair.

Models of light scalar bosons coupled to neutrinos, e.g., Majorons, have been

extensively studied, and there are strong constraints on such couplings [414–431].

Interestingly, interactions with a new light vector boson seem to have been largely

overlooked and we address this possibility in this paper. The only previous con-

straints [432] on this are from the propagation of neutrinos from SN 1987A, and we

improve these by orders of magnitude. A strong limit on neutrino self-interactions was

claimed by [433] based on the effects of neutrino self-scattering in SN 1987A; however,

this argument was refuted by [434], who showed that such interactions would have

no effect on the observed signal.

To be concrete, we assume a light vector gauge boson V , which has a mass

mV ∼ MeV and couples only to Standard Model neutrinos (ν) and charged leptons

(`) through their V-A current: −gν
(
` /V PL`− ν /V PLν

)
. This current is anomalous

and thus nonconserved, with the anomaly proportional to the fermion mass which

will arise from gauge-invariant but nonrenormalizable terms. The model is thus an

effective theory valid to some scale ΛUV that we shall determine soon.

The boson mass may be generated using the Stuckelberg mechanism when V is an

abelian gauge boson [435, 436]. Such a boson V derived from the Stuckelberg action
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could have an arbitrarily small mass. However, the anomaly in the model leads to

radiative corrections of size approximately δmV & e g2
ν/(4π)3ΛUV [437], which roughly

gives the minimum mV scale for a given cut-off. Or conversely, the maximum UV-

cutoff is determined for a given mV . We have checked that taking the region of

parameter space constrained in this work is satisfied if ΛUV ∼ 500 GeV. If the mass

arises from the Higgs mechanism, e.g., for a nonabelian gauge boson, these corrections

are typically larger and a small mass is unnatural. We shall therefore focus on the

Stuckelberg case in this work. An abelian V could also kinetically mix with photons,

which provides an additional avenue for probing these hidden bosons [427–431]. Here

we focus on constraining the above-mentioned neutrino-boson interaction. We ignore

neutrino masses, as they do not affect our results significantly. To be conservative,

we also assume that V does not couple to quarks.

Our strategy is to demand that the decays of electroweak gauge bosons, i.e., Z

and W , and mesons, e.g., kaons, as well as leptonic scattering, e.g., elastic electron-

neutrino scattering, remain consistent with existing measurements. Emission of a

V boson from a final state lepton increases the decay width and can turn a 2-body

process with a monoenergetic charged lepton into a 3-body process in which the

charged lepton has a continuous spectrum, indicating the presence of a new invisible

particle carrying away the missing energy. Similarly, leptonic scattering mediated

by V in addition to electroweak bosons can drastically modify the cross section.

These considerations allow us to set stringent bounds on extra neutrino interactions.

Although the V may also couple to dark matter, that coupling is not strictly relevant

here.

We assume equal coupling of the V boson to the charged and neutral leptons, as

would be dictated by unbroken SU(2)L gauge invariance. Phenomenologically it is also

interesting to consider the case where the coupling to charged leptons is negligible,

170



e.g., Ref. [36], but we are not aware of a detailed implementation that is consistent

with electroweak precision tests. Nonetheless, we shall show that some of our results

do not explicitly require a nonzero coupling to a charged lepton and therefore can be

used to constrain even the purely neutrinophilic models.

Although our study of extra neutrino interactions is general, our conclusions ap-

ply in particular to scenarios where dark matter also couples to the new boson. A

particular variant of these neutrinophilic dark matter models may solve all the small-

scale structure problems in the ΛCDM cosmology [36]. Precision measurements of

the cosmic microwave background provide overwhelming evidence for dark matter

(DM) being the dominant form of matter in the Universe. These and other measure-

ments at large distance scales are in remarkable agreement with the predictions of

the Lambda Cold Dark Matter (ΛCDM) model [438, 439]. However, at the scales of

galaxy clusters, galaxies, and yet smaller objects, ΛCDM predictions do not match

the observations [8].

There are three important and enduring problems at small scales. First, “core

vs. cusp” – flat cores are observed in the density profiles of dwarf galaxies, whereas

numerical simulations predict sharp cusps [274,365,440–442]. Second, “too big to

fail” – the most massive subhalos found in numerical simulations are denser than

the visible subhalos of the Milky Way [366, 443]. Third, “missing satellites” – fewer

satellite galaxies are observed than predicted in numerical simulations [364,444–450].

It has proven difficult to provide a solution – whether by using baryonic physics [347,

367,451,452] or new particle physics [348–350,370–372,374,453] – to all three of these

small-scale problems simultaneously while remaining consistent with the large-scale

observations of ΛCDM. Neutrinophilic dark matter may address this vexing issue.

Given the importance of the tension between the ΛCDM model and observations on

small scales, it is urgent to test this possible resolution [36]. However, this is quite
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challenging because the only other particles whose phenomenology is affected are the

hard to detect neutrinos (in the model of Ref. [36], Standard Model neutrinos; the

extension to sterile neutrinos [36] is discussed below). We illustrate the importance

of our constraints by comparing them to the requirements of this scenario.
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Figure 6.1: Constraints on hidden neutrino interactions. If V couples only to neutral
active leptons, then only our constraint from Z decay applies. If V couples equally
also to charged leptons, all of our constraints apply. The hatched region shows the
parameter space of mediator mass and coupling that solves the missing satellites
problem of ΛCDM [36]. These constraints are valid for ΛUV ∼ 500 GeV. See text for
details.

In the context of neutrinophilic dark matter, an obvious way to constrain extra

neutrino interactions is to search for neutrinos from dark matter annihilation. For

example, dark matter that couples to V and annihilates primarily to neutrinos that
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may be detected at neutrino telescopes. However, current and projected sensitivi-

ties [1, 18, 154] are not strong enough [36]. Stellar and supernova cooling arguments

can be invoked to constrain light vector bosons [454]. Neutrinoless double beta decay

may also constrain such a scenario [455].

Our results are shown in Fig. 6.1. In the following, we present these in order of

increasingly tight limits, and then conclude.

6.2 Constraints from decays

6.2.1 Z decay

A light vector boson V that couples to neutrinos may be constrained by the

invisible decay width of the Z-boson. In the invisible decay Z → νν (branching

ratio ∼20%), a V -boson can be emitted from the final state neutrino if a gνν /V ν

coupling is allowed and if the mass of the V -boson is less than the Z-boson mass.

The 3-body decay of the Z-boson (shown in Fig. 6.2) increases the total decay width

of the Z. The total decay width of the Z-boson, as measured in the laboratory, is

(2.4952 ± 0.0023) GeV, in good agreement with the theoretically calculated value of

(2.4949 +0.0021
−0.0074) GeV [67,456].

The amplitude for this process can be written as

MZ =
gνg

2 cos θW

εµ(pV )ε∗α(pZ)× (6.1)

u(pν)

[
− γα

(/pν + /pV )

(pν + pV )2
γµ + γµ

/pν + /pV
(pν + pV )2

γα

]
PLv(pν) ,

where pi denotes the four-momentum of particle i, PL = (1 − γ5)/2, the coupling of

the Z to the neutrino is g, and θW is the weak mixing angle. The negative sign comes

from the flow of momentum opposite to the lepton current. This decay satisfies all
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V

Figure 6.2: Feynman diagram for Z-boson decay to neutrinos where a V is radiated
from the final state antineutrino. We also take into account another diagram where
the V is radiated from the final state neutrino.

five criteria for application of the narrow-width approximation [457], so the final state

V is treated as an on-shell particle.

The decay rate can then be calculated by squaring this amplitude and using the

polarization sum for the spin-1 vector boson, i.e., −gµν + (kµ kν)/m
2
V . The double-

differential decay rate [67] in terms of the Dalitz variables m2
12 = (pν + pν)

2 and

m2
23 = (pν + pV )2 is then given by dΓ(Z → ννV ) = |MZ |2 dm2

23 dm
2
12/(256π3m3

Z).

We integrate this over the allowed ranges of m2
23 and m2

12, as given in Eq. (40.22) of

Ref. [67], to obtain the 3-body decay rate.

Since the observed decay rate of the Z-boson agrees very well with the theoretically

expected value, we can use the uncertainty in the measurement to constrain the gν

coupling. To obtain a one-sided 90% C.L. upper limit on the neutrino-boson coupling

gν , we demand that Γ(Z → ννV ) ≤ 1.28× 0.0023 GeV. For simplicity, we have taken

only the experimental error bar while calculating this constraint, and including the

theoretical uncertainty would worsen our limit by a factor of ∼ 1.4. The constraint is

approximately given as gν . 0.03, almost independent of the mass of the V -boson in

our considered range. For mV & 1 MeV, the V may also decay to electron-positron

pairs. For a decay of V outside the detector, our constraint applies without change.

174



If this occurs inside the detector it would also be identified as displaced vertex event

that has not been seen. We show the exact constraint in Fig. 6.1.

Note that there is only a weak logarithmic dependence on mV – the longitudinal

polarization modes of the V , which lead to 1/m2
V terms, are identically cancelled

between the two diagrams for massless neutrinos. This is because of Ward identities

for the current νγµPLν, which is conserved up to neutrino mass terms.

This constraint applies directly to neutrinophilic dark matter models, especially

the scenario of Ref. [36], and is also applicable to all neutrino flavors. We do not

require any features other than the interaction gνν /V ν. Of course, constraints only

apply if the neutrinos in question are the Standard Model neutrinos; sterile neutrinos

evade this and all other subsequent electroweak constraints. However, in that case

the stringent limits on extra degrees of freedom from cosmology will apply and this

will require a larger value of gν than advocated in [36]. Our constraint rules out the a

significant portion of the parameter space and is complementary to the cosmological

constraint from Big Bang Nucleosynthesis (which depends on the present uncertainty

on the extra number of neutrino species) [334].

The constraint was derived assuming that single-V emission could be treated

perturbatively. At the boundary we define, this is reasonable because the ratio of

the width of the 3-body mode to the total decay width of the Z-boson is ∼ 0.1%

and nonperturbative or unitarity effects do not set in. Well above our constraints,

this approximation will not be valid and the cascade emission of multiple V bosons

will occur, for which non-perturbative methods must be used [458, 459]. The decay

rate will still be much larger than what is measured and hence the parameter space

is ruled out. Additionally, the physical scalar degree of freedom, related to the mass

generation of the V -boson, is assumed to be sufficiently heavy to not affect the process.

175



The constraints derived here do not apply if the vector boson V only couple to

a sterile neutrino. Due to the breakdown of the underlying effective theory, the

constraints are also not applicable for vector boson masses much smaller than what

is shown in the figure. These caveats apply to all the limits derived in this work.

6.2.2 W decay

Our constraint on the light vector boson coupling to neutrinos can be made

stronger if the final state in the decay contains charged leptons as well. We con-

sider the impact of a universal V coupling to neutrinos and charged leptons in the

following. Similar considerations have been applied for electroweak bremsstrahlung

in dark matter annihilation [153, 460, 461]. Our limits on the neutrino interactions

with a light V are new. The Feynman diagram is similar to that in Fig. 6.2.

We first focus on the leptonic decay of the W boson W− → `− ν` (branching

ratio averaged over all three flavors ∼ 10%), which is closely related to the Z decay

discussed above. The main difference here is that a V -boson can also be radiated

from the charged lepton, in addition to that from the neutrino. As for the Z decay,

the longitudinal mode of V couples to the anomaly in the lepton current – here

approximately the charged lepton mass. If we consider decays to the third generation,

because the τ lepton is the heaviest, the limit will be the strongest.

The 3-body decay of the W -boson leads to additional events with missing energy,

increasing the total decay width of theW . The additional width can then be compared

to the measured width of the W boson to obtain constraints. The experimentally-

measured total decay width of the W is 2.085± 0.042 GeV [67], which agrees very

well with the theoretically-calculated value, 2.091± 0.002 GeV [67]. If the rate of V -

boson emission were too large, then the increase in the calculated total width would

be inconsistent with experiment. To obtain a one-sided 90% C.L. upper limit on the
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ū
sK−

{

Figure 6.3: Feynman diagram for K−(ūs) decay to a muon where a V is radiated from
the final state antineutrino. We also take into account another diagram where the V
is also radiated from the muon. The hadronic matrix element 〈0|uγα(1− γ5)s|K−〉 =
fK p

α
K is denoted by the shaded circle.

neutrino-boson coupling gν , we demand that Γ(W− → `− ν` V ) ≤ 1.28× 0.042 GeV.

The constraints on W -boson decay to the tau lepton is shown in Fig. 6.1. The decay

rate scales as Γ ∼ g2
νm

2
`/m

2
V , and hence the constraint is a straight in the gν −mV

plane. The constraints on gν from the decays W → µνµV and W → eνeV are weaker

by a factor proportional to the charged lepton mass. The limit would be stronger by

an order of magnitude if the V were to couple to the neutrino only, but the result

is no longer gauge-invariant. The conditions under which these constraints do not

apply were mentioned at the end of the Z decay section.

6.2.3 Kaon decay

An even stronger constraint can be obtained from kaon decay, again assuming

that V couples to both the neutrinos and charged leptons. The basic idea is the same

as above, but instead of the decay width, we look at the distortion of the charged

lepton spectrum due to excess missing energy in kaon decays. Kaons dominantly

decay (branching ratio ∼ 65%) via the 2-body leptonic channel K− → µ− νµ, for

which the muon energy spectrum is a delta function in the kaon rest frame. If a new
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vector boson couples to leptons as assumed, then there can be V -boson emission from

the final states if mV . mK −mµ ≈ 388 MeV; the 3-body decay K− → µ− νµV , has

a dramatically different muon spectrum.

We consider the 3-body decay K− → µ− νµ V , as shown in Fig. 6.3. Much of the

calculation is similar to that for a related limit on parity-violating muonic forces [415].

In Fig. 6.4, we show the muon spectrum from kaon decay in two cases: when V

emission is forbidden (K− → µ−ν̄µ) and when it is allowed (K− → µ−ν̄µV ). In both

cases, we plot dΓ/dEµ normalized by the total (all modes) decay width Γtot. For

the 2-body decay, the muons have a monoenergetic spectrum with Eµ = 258 MeV; we

show the measured result (including energy resolution) [37]. For the 3-body decay, the

muons have a continuum spectrum; we show this for gν = 10−2 and mV = 0.5 MeV.

This produces events at energies where no excess events above the Standard Model

background were observed (shaded region) [38]. We also show the approximate upper

limit that we derive (in the energy range used for the search) from the upper limit

presented in Ref. [38].

To obtain our constraint, we use the results from a search for missing-energy events

in kaon decays with muons having kinetic energies between 60 MeV to 100 MeV (Eµ

between 165.5 MeV and 205.5 MeV). We integrate our calculated differential decay

rate, dΓ/dEµ, over this range of Eµ to obtain the partial decay width Γ(K− → µ− νµ V ).

The measured constraint on the branching ratio Γ(K−→ µ− + inv.)/Γ(K−→ µ− νµ) ≤ 3.5× 10−6 [38]

leads to the limit on gν shown in Fig. 6.1. If the V boson were to couple only to the

neutrino, then the limit on gν would naively be a factor of ∼ 3 stronger than what is

presented here.

The constraints from W and kaon decays do not apply directly to purely neu-

trinophilic models, e.g., Ref. [36], because no gauge-invariant implementation of the

basic idea is available. An important issue that must be noted is that the longitudinal
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Figure 6.4: Muon spectra from kaon decay for the standard 2-body decayK− → µ− νµ
(solid blue) measured in [37] along with the hypothetical 3-body decay K− → µ− νµ V
(dashed red) with gν = 10−2 and mV = 0.5 MeV. The shaded region shows the search
region of Ref. [38], where no excess events were found. From this we derive an upper
bound on the 3-body differential decay rate that is ∼104 times lower than the dashed
red line.

179



mode of V couples to the anomaly in the fermion current, and results in a contribu-

tion proportional to the charged lepton mass-squared to the decay rate. These lepton

masses cannot be written down using renormalizable gauge-invariant operators unless

one makes modifications to the Higgs sector or couples the right-handed leptons to

V . The lepton masses may also be generated by nonrenormalizable operators, as in

Ref. [437], which would then provide a natural UV cutoff to the calculations. Since

in this effective model, the minimum V -boson mass is mV & e g2
ν/(4π)3ΛUV [437],

i.e., proportional to the UV cutoff of the theory, it is not possible to take to take the

limit of mV → 0 in this model.

6.3 Constraint from scattering

A very strong constraint can be obtained by considering neutrino-electron scat-

tering at very low neutrino energies, e.g., as in solar neutrino detection. Numerous

astrophysical and neutrino measurements have confirmed the standard solar model

fluxes, which we take as an input to constrain any additional interactions between

neutrinos and electrons in the detector. The present uncertainty in the solar neutrino

flux modeling (∼ 10%) is much smaller than the possible effects of extra neutrino

interaction, allowing us to ignore the uncertainties in these fluxes. For definiteness,

we use the measurement of the 862 keV line of the 7Be neutrino flux [462]. This

choice of using a neutrino line (instead of a continuum spectrum) circumvents the

uncertainty due to the shape of the neutrino spectrum.

Solar neutrinos, which are produced as νe, change to νµ or ντ with a probability

of ∼ 50% at these energies [462]. The presence of this new vector boson would alter

the charged current (CC) interaction between solar νe neutrinos and target electrons

in the detector. It would also alter the νµ or ντ interaction with electrons via the

weak neutral current (NC) interaction. For large values of gν , the cross section can
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be completely dominated by the V -boson exchange. Since the Standard Model CC

interactions are greater than the Standard Model NC interactions by a factor of ∼

4, we conservatively require that the new interaction mediated by the V be smaller

than 10 times the NC interaction mediated by the Z-boson.

The presence of this V will also affect the matter potential as experienced by the

neutrinos. However, since the propagation of neutrinos is adiabatic at these energies,

and depends on the vacuum mixing angles (which have been measured separately in

the laboratory), there will be minimal effect of this change on the neutrinos.

In the limit of small mV � mZ , the ratio of the cross section mediated by V to

the cross section mediated by Z can be written as

σνµe;V

σνµe;Z
≈
(
g4
ν

me ∆

(m2
V + 2meEth)(m2

V + 2meEν)

)

(
2G2

F meEν(g
ν
L)2

)−1

(
(geL)2 ∆

Eν
+ (geR)2 ∆(∆2 + 3m2

e − 3me∆)

3E3
ν

)−1

(6.2)

where Eν is the incident neutrino energy, Eth (≈ 270 keV) is the threshold kinetic

energy of the electron used in the search [462], and ∆ = Eν − Eth. The above

expression is independent of the longitudinal degree of freedom of V .

Requiring σνµ e;V /σνµ e;Z ≤ 10, we get the very strong constraint in the gν −mV

plane shown in Fig. 6.1. For mV & 1 MeV, the vector boson can be treated as an effec-

tive operator and hence the constraint scales as gν ∝ mV . At lower boson masses, the

constraint is primarily determined by the threshold of the search and hence becomes

independent of the boson mass. Although we have shown the constraint specifically

for νµ, the constraint could be generalized to all neutrino flavors.
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Table 6.1: Summary of constraints on new interactions of neutrinos with light vector
gauge bosons at mV = 1 MeV.

Process Interaction Constraint

Z → ννV gνν /V ν gν . 3× 10−2

W → τ−ντV gν(ν /V ν + ` /V `) gν . 2× 10−3

K− → µ−νµV gν(ν /V ν + ` /V `) gν . 3× 10−4

νe→ νe gν(ν /V ν + ` /V `) gν . 3× 10−6

6.4 Summary and Conclusions

We derive strong new constraints on neutrino interactions with an Abelian light

vector boson, where the mass is generated by Stuckelberg mechanism, using its impact

on electroweak decay and scattering processes, as summarized in Table 6.1. Our

derived constraint is orders of magnitude stronger than the previous constraint on

light vector boson interacting with neutrinos, gν/mV . 12 MeV−1 [432]. To the

best of our knowledge, these are the most stringent constraints on these interactions.

These constraints have a strong impact on the viability of models that make use of

additional neutrino interactions.

The previous limits on heavy bosons [409], apply only if the new vector boson is

much heavier than all other mass scales in the problems. Hence the application of

effective operators was justified in those works. For the case of massless Majorons,

which can be treated as a final state particle, the Majoron mass does not enter the

decay processes typically considered in the literature, significantly simplifying the

calculations. In our case, we have focused on a range of V -boson mass values where

none of these approximations hold true.

The constraint from Z decay, while weaker than others, has the advantage that it

does not explicitly require the V to couple to charged leptons. This constraint can be
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directly applied to purely neutrinophilic bosons, e.g., as in Ref. [36]. For processes

that involve charged leptons, we also assume that V couples to both neutrinos and

charged leptons equally in order to preserve gauge invariance. All of our derived

constraints on decays scale as g2
ν , so that even a factor of ∼ 3 change in the coupling

will produce a factor of ∼ 10 change in the decay rates, which would grossly contradict

experimentally measured values. The neutrino-electron scattering constraint scales

as g4
ν , which very strongly constrains the coupling of the V to the neutrino and the

electron.

Our constraints are avoided by sterile neutrinos, which do not couple to the elec-

troweak gauge bosons. We have also treated the V emission perturbatively. At the

boundary we define, this is reasonable because the contribution of V is small. Far

above our constraint, this approximation will not be valid and the cascade emission

of multiple V bosons will occur, for which non-perturbative methods must be used.

We have not specified the origin of lepton masses in these models – the usual Higgs

mechanism must be modified for leptons that are now charged under a new gauge

group. The masses may be generated by using higher dimension operators, which

would impose a UV cutoff, proportional to a loop-factor times mV , on these sce-

narios and our calculations. This also ensures that mV cannot be taken to be too

small. Modulo these caveats, we expect our results to be quite robust relative to the

large range of parameters in Fig. 6.1. Outside the range of what is shown in Fig. 6.1,

the constraints continue, unless they reach a kinematic threshold or they reach the

validity of the underlying effective theory.

A particular class of models that posit extra neutrino interactions of the kind we

consider are neutrinophilic dark matter models. Recently, for various astrophysical

and cosmological reasons, there has been increased interest in such models. One of

the potentially interesting consequences of such interactions would be to delay DM
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kinetic decoupling and to provide a natural and elegant particle physics solution to

the missing-satellites problem of ΛCDM [36]. As an illustration of the importance of

our constraints we show how our limits impose nontrivial requirements on this idea.

In conclusion, most hints of new physics, e.g., neutrino masses and dark matter,

point towards the existence of a hidden sector weakly coupled to the Standard Model.

While it is traditionally believed to be mediated by particles at a heavier mass scale,

it is also plausible that the new physics is instead at low energies and weakly coupled.

Light vector bosons realize such a paradigm, and we hope that our constraints on

their interactions to neutrinos and charged leptons will serve as a useful guide to

phenomenology.

184



Chapter 7

Demystifying the PeV Cascades in IceCube: Less (Energy) is

More (Events)

The IceCube neutrino observatory has detected two cascade events with
energies near 1 PeV [46, 463]. Without invoking new physics, we analyze
the source of these neutrinos. We show that atmospheric conventional
neutrinos and cosmogenic neutrinos (those produced in the propagation
of ultra-high-energy cosmic rays) are strongly disfavored. For atmospheric
prompt neutrinos or a diffuse background of neutrinos produced in astro-
physical objects, the situation is less clear. We show that there are ten-
sions with observed data, but that the details depend on the least-known
aspects of the IceCube analysis. Very likely, prompt neutrinos are dis-
favored and astrophysical neutrinos are plausible. We demonstrate that
the fastest way to reveal the origin of the observed PeV neutrinos is to
search for neutrino cascades in the range below 1 PeV, for which dedicated
analyses with high sensitivity have yet to appear, and where many more
events could be found.

The contents of this chapter were published in [4].

7.1 Introduction

Neutrino astronomy has long promised to reveal the astrophysical sites of particle

acceleration and the nature of cosmic rays [85,464–471]. The lack of adequately-sized

neutrino detectors has been a deterrent in turning this dream into reality. The recent

completion of the IceCube detector has raised hope of addressing these long-standing
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problems [173]. Encouraging this hope, an analysis of very high energy neutrino events

in the IceCube detector during 2010–2012, as construction was finishing, found two

candidate neutrino cascade events with energies near 1 PeV [46,463].

These are the highest energy neutrinos ever detected – they are 106 times more

energetic than typical GeV atmospheric neutrinos. They signal the entry of neutrino

astronomy into the PeV era, made possible by the huge size of IceCube. However,

these events have led to several mysteries. Where did they come from? Although we

expect νµ to be more detectable than νe due to the long range of the muons, why

are there two cascade events and zero muon track events? Why are the two event

energies so close to each other and to the analysis threshold? Is the neutrino flux

required to explain these events consistent with previous limits and with other data?

These PeV neutrino events have spurred a flurry of activity, due to the importance

of the potential first discovery of non-atmospheric high-energy neutrinos. Astrophysi-

cal neutrinos – those produced inside distant sources – have been considered [472–481].

Cosmogenic neutrinos – those produced in the propagation of ultra-high-energy cos-

mic rays – have also been considered [482–485]. Other papers have proposed more

exotic explanations [486–489]. Novel tests of the data or of new physics have been

noted [490,491].

We provide a new general analysis of the source of these two events, focusing

on the simplest and most straightforward scenarios, and including many realistic

aspects of neutrino detection in IceCube (for our early results, see Refs. [492, 493]).

We assume that both events were neutrino-induced and that neutrinos have only

standard properties and interactions. We assess which scenarios are compatible with

the present data and the implications of this discovery. Importantly, we detail how

these scenarios can be tested by new analyses.
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The flux of atmospheric conventional neutrinos at PeV energies is much too low to

give rise to these two cascade events. Cosmogenic neutrinos are also very unlikely to

be the source, due to the lack of higher-energy events. Atmospheric prompt neutrinos

do not appear to be a plausible source, but they should not be dismissed lightly. A

diffuse background of neutrinos from astrophysical objects can reasonably explain the

observed data, though there are strong constraints on the spectrum. A full assessment

of these models will require more details about the IceCube search strategies.

New analyses optimized for energies near and below 1 PeV are urgently needed.

The cascade or shower channel for electron neutrinos is especially important, be-

cause its atmospheric conventional neutrino background is much lower than for muon

neutrinos, as first shown by Beacom and Candia in 2004 [177]. There are great

opportunities to better exploit this detection channel.

In Sec. 7.2, we begin with the basic information on these two PeV cascade events

and what it suggests, which we support with quantitative details in later sections. In

Sec. 7.3, we test whether various neutrino fluxes can be the source of these two events.

In Sec. 7.4, we detail how searches for cascades and tracks in the energy range below

1 PeV will robustly distinguish between various sources. We conclude in Sec. 7.5,

including commenting on preliminary new IceCube events below 1 PeV.

7.2 What is known about the events

These two events were detected as PeV cascades during the 2010–2012 runs. They

were identified in the extremely high energy (EHE) search, which is optimized for the

detection of EeV = 103 PeV cosmogenic neutrinos [46]. This search has strong cuts to

decisively reject detector backgrounds, and these cuts greatly affect the acceptance

for signal events, especially in the PeV range, which is the edge of the considered

energy range, because relatively few cosmogenic events are expected there.
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Our analysis focuses on the PeV range and below. This section introduces the

events and their implications. The reconstructed event energies are 1.04± 0.16 PeV

and 1.14 ± 0.17 PeV [46]. This disfavors neutrino interactions at the Glashow res-

onance at 6.3 PeV, for which the cascade energy should generally be the same; we

discuss exceptions below. The absence of higher-energy events disfavors cosmogenic

neutrinos, as their detection probability is largest in the EeV range.

The values of the energies, and especially their proximity to each other, are cru-

cial. We assume that the detected energies are probable values in the distribution

of possible values; this is reinforced by there being two similar events. The minimal

explanation of the two energies is that this distribution is peaked at ∼ 1 PeV, due

to a drop in detector acceptance at lower energies and decreasing neutrino spectra at

higher energies. The analysis threshold for this search is ∼ 1 PeV [46], which makes

it remarkable that both events were detected there. Very likely, there are already

many additional signal events to be found at lower energies, but isolating them will

require new searches with cuts optimized for cascades in the PeV range. Events will

likely also be found at higher energies, but this will take additional exposure time.

The types of events – two cascades, zero muon tracks, and zero tau-lepton events

– also arise from the nature of the search criteria, which are primarily based on the

total number of detected photoelectrons. In addition, downgoing track-like events are

strongly suppressed by the cuts. The effective area curves for different flavors show

that this search strategy gives the maximum exposure in the energy range 1–10 PeV

to νe + ν̄e [46]. The efficiency for νµ + ν̄µ, which should be more detectable due to

the long range of the muons, is suppressed, because the muons do not deposit their

full energy in the detector. The efficiency for ντ + ν̄τ is suppressed because of the

tau-lepton decay energy carried by neutrinos. This explains the non-observation of

muon track and tau-lepton events; future searches can be optimized to find them.
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The most likely scenario is that both cascade events arise from charged current

(CC) interactions of νe + ν̄e, for which the detectable cascade energy is nearly the

full neutrino energy. Because of the above suppressions, we neglect the rare cases in

which νµ+ ν̄µ or ντ + ν̄τ CC events resemble νe+ ν̄e cascades, due to the muon getting

a small fraction of the neutrino energy or the tau lepton decaying quickly. Neutral

current (NC) interactions of all flavors of neutrinos also give cascades. The cross

section is 2.4 times smaller near 1 PeV, though three neutrino flavors may contribute.

The more important point is that the average cascade energy in a NC interaction is

only ∼ 0.25 of the neutrino energy in the PeV range, which makes the event much

less detectable [46]. It is unlikely that NC interactions could be the source of these

events, especially both of them, because the cascade energies are so close to each

other and the analysis threshold.

These events are consistent with a steady, isotropic diffuse source, and we as-

sume this, though other possibilities are not excluded. The events were separated

temporally by 5 months; the search ran for about 2 years. It is difficult to measure

the directions of cascade events, as the signal regions in the detector are large and

spherelike. No event directions are reported in the IceCube paper [46], and prelim-

inary IceCube results from conferences vary significantly [494, 495]. Future analyses

are expected to have an angular resolution of ∼ 10 degrees for cascades near 1 PeV

(and worse at lower energies) [494]. For upgoing events that pass through Earth’s

core, with a zenith angle greater than ∼ 150◦ (∼ 7% of the full sky), there would be

especially significant attenuation due to interactions in Earth [44,496]. Prompt neu-

trinos that are sufficiently downgoing will be accompanied by cascades that trigger

the IceTop surface detector [463, 497]; this was not seen, and studies of its efficiency

are ongoing.

Figure 7.1 shows some relevant neutrino spectra.
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Figure 7.1: Neutrino fluxes as a function of neutrino energy. The atmospheric con-
ventional νµ + ν̄µ and νe + ν̄e spectra are from Ref. [39,40]. The atmospheric prompt
νµ+ ν̄µ spectrum (the νe+ ν̄e flux is the same) is the Enberg (std.) model [41]. Exam-
ple cosmogenic EHE neutrino fluxes (ν + ν̄ for one flavor) are from Refs. [42,43]. An
E−2 astrophysical neutrino spectrum for one flavor of ν + ν̄, normalized as discussed
below, is shown, along with current upper limits from IceCube [40,44].

7.3 What can be the source?

In this section, we first discuss our general approach to testing possible spectra,

given that much is not yet known. We then discuss cascade detection in IceCube,

followed by detailed discussions of possible sources of these events and a summary of

remaining issues.
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7.3.1 Our approach to assessing source spectra

The two PeV events were found in the EHE search, which is not optimized for

detection in the PeV energy range. The cuts required to reject backgrounds reduce

the probability of detecting signal events, especially at these relatively low energies.

The effective area plot in Ref. [46] shows that the neutrino detection probability falls

very quickly with decreasing neutrino energy, plummeting below ∼ 1 PeV. In the

range 1–10 PeV, the variation of this probability with energy is far too rapid to be

accounted for by the variation of the neutrino cross section. The difference is due to

strong event selection cuts.

We first follow a “theorist’s approach” to calculating the event rates, using the

flux, cross section, Earth attenuation, and other factors. We are unable to reproduce

the effective area for the νe + ν̄e flavors [46]. A straightforward calculation – not

including the effects of the strong cuts – is about one order of magnitude larger than

the effective area of Ref. [46] near 1 PeV, and this point has not been noted before.

(We can reproduce the effective area for other IceCube searches, e.g., Ref. [40].)

However, as both events were detected at ∼ 1 PeV, there should be an appreciable

detection probability there.

In the following, we show event spectra calculated using this “theorist’s approach”

as well as with the effective area from Ref. [46]. Our results are adequate to make

preliminary assessments of which sources could give rise to these events, though the

hypothesis likelihoods are uncertain. Further, we have enough information to make

predictions for how to test the origin of these events. Given the large uncertainties

on the inputs, we make various approximations at the level of a few tens of percent.

Figure 7.2 shows the main spectra we consider for explaining the PeV events

(details are given below). The measured atmospheric conventional neutrino data

should be taken with some caution. Assumptions were made to work backwards from
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detected energy to neutrino energy, especially for the muon tracks, and the error

bars are highly correlated. In addition, the publication of detected cascade events

is relatively new, and measured atmospheric neutrino cascade spectra reach only as

high as 10 TeV [14]. In between there and 1 PeV lies an important opportunity for

discovery in a short time, likely by improved analyses of existing data.

A first tension appears in the normalization of a possible source spectrum. If

it is too large, then this would conflict with measurements of atmospheric neutrino

data, which largely agree with predictions. If it is too small, then this would conflict

with the observation of the two PeV events. We choose acceptable normalizations in

Fig. 7.2 and later estimate the probabilities of detecting two events in the PeV range.

The normalizations could be increased, given the large uncertainties; the power-law

fluxes could be increased by about a factor of 2, and the prompt flux by more. A

second tension appears in the slope of a possible source spectrum. If it is too steep,

then the spectrum will exceed measurements of atmospheric conventional neutrinos

at lower energies unless the spectrum breaks. If it is not steep enough, then it will

have too many events expected above 1 PeV.

For both of these issues, the degree of statistical tension would be calculable in

a full analysis, whereas here we can only estimate it. We consider two energy bins;

these were chosen post hoc, but the fact the event energies are so close to each other

and the threshold at 1 PeV seems to be a strong clue. The first bin is 1–2 PeV,

which easily contains both points within energy uncertainties. Detections at lower

energies are assumed impossible due to the threshold. Detections at higher energies

are considered with a second bin, 2–10 PeV; for falling spectra, the exact value of the

upper limit is not very important.
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Figure 7.2: Example neutrino fluxes (for one flavor of ν + ν̄) that might produce the
PeV events, compared to the atmospheric conventional νµ + ν̄µ (upper points) and
νe+ν̄e (lower points) fluxes measured by IceCube [14,45]. The power-law astrophysical
fluxes are normalized so that they do not exceed the measured data. The atmospheric
prompt neutrino flux is only shown above 1 TeV, following Ref. [41].

We present our results in terms of detectable energy, which is not always the same

as neutrino energy, as explained below. This is closer to what is actually measured,

allowing for much better control in separating signals and backgrounds.

7.3.2 Cascade detection in IceCube

The neutrino-nucleon cross sections σ(Eν) near 1 PeV are well known [175, 498–

500]. In CC cascade events initiated by νe+ ν̄e, the neutrino interacts with a nucleon,
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leading to a hadronic cascade, and produces an electron or positron, leading to an

electromagnetic cascade. The division of the neutrino energy Eν depends on the

inelasticity y, for which 〈y〉 ' 0.25 near 1 PeV and varying slightly with energy [501].

The outgoing lepton has energy (1−〈y〉)Eν , with the remainder going to the hadrons,

so that the detectable total cascade energy is ' Eν . The cascade leads to a roughly

spherical distribution of hit phototubes over a diameter of a few×100 m, though

the cascade size is several meters. Cascades produced by the NC interactions of

all flavors are similar, though the hadronic cascade energy is just 〈y〉Eν instead of

Eν , so NC cascades can normally be neglected for all but atmospheric conventional

neutrinos [177].

In the “theorist’s approach” or ideal case, the event rate spectrum for νe + ν̄e CC

cascades is

dN

dEcasc
' 2π ρNA V T (7.1)

×
∫ +1

−1

d(cos θz)
dΦ

dEν
(Eν)σ(Eν) e

−τ(Eν ,cos θz) .

The number of target nucleons is ρNA V , where ρ is the ice density (in g cm−3), NA

the Avogadro number, and the IceCube volume is V ' 1 km3. The observation time is

T = 615.9 days [46]. The neutrino cross section σ (in cm2) and the neutrino intensity

spectrum dΦ/dEν (in GeV−1 cm−2 s−1 sr−1) are evaluated at Eν ' Ecasc (in GeV).

Neutrino flux attenuation en route to the detector, which depends on energy and

zenith angle, is taken into account in the optical depth τ = `/λ assuming a constant

density of 3 g cm−3 for Earth, where ` is the path length and λ the mean free path.

We include NC interactions via simple modifications to the above, including a factor

1/〈y〉 due to the change in the energy differential.
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The CC cross section varies smoothly with energy, except near the Glashow reso-

nance at 6.3 PeV, which is caused by the resonant production of an on-shell W boson

by ν̄e + e− → W− [175, 502]. The W decays promptly, typically depositing most of

its energy in the detector. About 10% of the time, the decay to an electron and an

antineutrino leads to a range of smaller deposited energies; assuming that there are

enough such interactions, the probability for this to happen twice is thus . 1% [503].

At 6.3 PeV, the ratio of the cross section for ν̄e to interact with an electron instead

of a nucleon is 350 [175]. The overall importance of this is reduced by an equal flux

of νe, half as many electron as nucleon targets, and the opacity of Earth to ν̄e at this

energy. In the effective area plot of Ref. [46], the enhancement is thus only a factor

of ' 15 in a bin of width ∆(logE) = 0.05.

The CC cascade events initiated by ντ + ν̄τ can be similar those those initiated

by νe + ν̄e. At ∼ 1 PeV, the tau-lepton decay length is ∼ 50 m. (Above ∼ 5 PeV,

where the tau lepton travels far enough that the cascades from production and decay

separate significantly, there are very distinct signatures [504, 505].) In tau-lepton

decays, the fraction of energy lost to neutrinos is ' 0.3; the fraction of Eν deposited

for ντ + ν̄τ events with prompt tau-lepton decays is then ' 〈y〉 + 0.7(1 − 〈y〉) ' 0.8

at PeV energies [506, 507]. We do not include ντ + ν̄τ events in our calculations of

cascade spectra above 1 PeV for comparison with present data, but we do in our

calculations below of possible future spectra below 1 PeV, which increases the rates

by somewhat less than a factor of 2.

As a more realistic estimate, we calculate the cascade spectra using the effective

area from Ref. [46], which leads to significantly smaller yields, due to the effects of

the strong cuts in this search. In this approach, the event rate spectrum for νe + ν̄e

cascades is

dN

dEcasc
= 4π Aeff T ×

dΦ

dEν
(Eν) (7.2)
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where Aeff takes into account all of the factors in Eqn. (1) plus the detailed search

cuts.

In both approaches, the effect of detector energy resolution on the spectrum must

be taken into account. We smooth the calculated spectra with a Gaussian of width

δE/E = 15%, taken to match the uncertainty on the energy of the two events.

Future analyses will likely have better energy resolution, more like 10% [494]. The

effect of energy resolution on the Glashow resonance is especially significant, reducing

its height and increasing its width while preserving the number of events.

Figure 7.3 shows our results (ideal and realistic) for the signal and background

spectra. The numbers of events in each bin for the realistic approach are given in

Table 7.1.

Energies in IceCube are measured with fractional, not fixed, precision, so logE

is a more natural variable than E. The number of bins of fixed width dE = 1 GeV

in each decade of logE increases ∝ E, so measured event spectra should then be

presented as EdN/dE = dN/d(lnE) = 2.3−1 dN/d(logE) instead of dN/dE. Using

EdN/dE gives a correct visual representation of the relative detection probabilities

in different ranges of logE. Further, this makes it much easier to estimate the area,

i.e., the total number of events. Using EdN/dE and logE to estimate area means

that both the height and width are dimensionless. To get 1 event, the height must

be ∼ 1 over a moderate width. For example, to estimate the number of events in the

1–2 PeV bin, multiply the height (averaged on an imagined linear y-axis) of a given

curve by d(lnE) = 2.3 d(logE) = ln 2 = 0.69.

In the remainder of this section, we first briefly state why it is unlikely that either

atmospheric conventional neutrinos or cosmogenic neutrinos can explain the observed

events. We then provide more details on the results in Fig. 7.3, focusing on the more

promising scenarios, concluding with a discussion of the outstanding issues.
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Figure 7.3: EdN/dE for neutrino-induced cascade spectra. The left panel is for
the ideal case or “theorist’s approach,” and the right is for the realistic case using
the effective area from Ref. [46]. These results are for the 615.9 days of exposure
that included the two PeV events. The power-law fluxes are normalized in Fig. 7.2.
The thin vertical line denotes the boundary between our two bins. The y-axis has a
large logarithmic range to show several spectra. The number of events in a region is
proportional to the integrated area, i.e., to the height times the logarithmic energy
range, so curves with low heights have very few events.

7.3.3 Atmospheric conventional fluxes: very unlikely

Because atmospheric conventional neutrinos definitely exist, it is important to

ask if they could produce these events. We show the νµ + ν̄µ and νe + ν̄e fluxes

from Ref. [39, 40] in Fig. 7.1. The ντ + ν̄τ flux is much smaller, because both direct

production and neutrino oscillations at these energies are suppressed, and it is not

shown.

In the muon track channel, the atmospheric conventional νµ+ν̄µ flux is a significant

background to new signals even at high energies. However, as shown in Ref. [177],

the atmospheric conventional backgrounds for νe + ν̄e are significantly less, which

means that new signals can emerge at lower energies. To see this, it is necessary to
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plot predicted event spectra in terms of detectable cascade energy instead of neutrino

energy. For νe + ν̄e CC events, these are the same. For NC νµ + ν̄µ events, which

have a small energy deposition, it is a big difference. Going from Fig. 7.1 to the left

panel of Fig. 7.3, the importance of atmospheric conventional neutrinos relative to

other sources (e.g., the E−2 spectrum) is greatly reduced. This is what makes cascade

searches so powerful [177].

The complete (CC + NC) νe+ν̄e cascade spectrum from atmospheric conventional

neutrinos is shown in Fig. 7.3, with the integrated numbers of events for the realistic

case given in Table 7.1. If we also include muon tracks (see below), the total number

of events above 1 PeV increases to 0.008, which is consistent within uncertainties with

the 0.012 of Ref. [46]. As these expected numbers are negligible, it is very unlikely

that they can yield the PeV events.

Most downgoing atmospheric muons are easily identified as such. In some rare

cases, including muon bundles, these initiate events that look like neutrino-induced

cascades. The expected number of such events is 0.04 [46], larger than the background

from neutrinos. All together, these conventional backgrounds have a ∼ 10−3 proba-

bility of producing at least two observed events. These backgrounds can be studied

further at lower energies, where they are larger.

7.3.4 Cosmogenic neutrinos: very unlikely

Cosmogenic neutrinos [508–517] have been invoked as the source of the PeV events,

in part because the EHE search was designed to detect them, albeit at much higher

energies. Example spectra [42,43] are shown in Fig. 7.1.

The νe + ν̄e cascade spectra are shown in Fig. 7.3 and the numbers of events are

given in Table 7.1. Two problems are obvious. First, the expected numbers of events
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are very small because the spectrum normalization is low. Second, the predicted

distribution of events emphasizes high, not low, energies.

The probability of having two or more νe + ν̄e cascade events detected in the

first bin is ∼ 10−4 for the model of Ref. [42] and ∼ 10−6 for the model of Ref. [43].

There should also be a penalty factor to not have events in the second bin, but this

is modest because the expected numbers of events are small. For these models, there

are comparable numbers of muon track and tau-lepton events that pass the search

criteria, and their sum is comparable to the number of νe + ν̄e cascades in each bin.

Including these would increase the Poisson probability of detecting two or more events

by a factor of ∼ 22 = 4.

In addition, there is a third problem, that the expected number of all events –

cascades, muon tracks, and tau leptons – at EHE energies is large enough that some

events might have been seen, but none were [44, 46]. The normalizations of these

representative models are based on measured gamma-ray and cosmic-ray data [42,43].

If we arbitrarily increased the normalization to increase the yields in the PeV range,

that would cause an unacceptable increase in the expected number of events in the

EeV range. Cosmogenic neutrinos are thus very unlikely to be the source of the PeV

events. If they are, IceCube should quickly discover new events at higher energies.

7.3.5 Atmospheric prompt neutrinos: disfavored

Collisions of cosmic rays with atmospheric nuclei produce many unstable hadrons;

these are dominantly pions, with a small fraction of kaons, and a very small fraction

of mesons and baryons with heavy quarks such as charm [518]. The decays of many

of these hadrons produce atmospheric neutrinos and muons. Where the energy losses

of these hadrons due to hadronic scattering before decay can be neglected, their
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spectrum and that of their daughter neutrinos follows the spectrum of the cosmic

rays; otherwise, those spectra fall more steeply.

At the lowest energies, neutrinos from pions dominate. As the energy increases,

pions have increasing losses and then neutrinos from kaons dominate. Together,

these are the atmospheric conventional neutrinos. As the energy increases further,

kaons have increasing losses and then neutrinos from the decays of heavy-quark states

dominate. For these states, the decays are quite rapid, so the effects of hadron energy

losses in the atmosphere are much less. These are the atmospheric prompt neutrinos.

The conventional neutrinos have a strong zenith-angle dependence, due to the varying

depth of atmosphere, but prompt neutrinos are closer to isotropic [41].

Atmospheric neutrinos have been detected with energies up to a few hundred

TeV [45]. The spectra are consistent with atmospheric conventional neutrinos, with

no prompt component identified yet. Precise prediction of the atmospheric prompt

fluxes is difficult because of uncertainties in the hadronic physics and the nuclear

composition of the cosmic rays [41,519–527].

One generic prediction is that the prompt component will begin to dominate the

conventional component at some high energy, due to its harder spectrum. Another

generic prediction is that the νe+ ν̄e flux is the same as the νµ+ ν̄µ flux for the prompt

component; it is suppressed for the conventional component because pions and kaons

decay primarily to muons, which are stopped in Earth before they decay. This means

that the prompt νe + ν̄e component should emerge from the conventional component

at lower energies than the prompt νµ + ν̄µ component, which gives an advantage to

cascade searches over track searches, despite the long range of muons, as emphasized

in Ref. [177].
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We adopt the Enberg (std.) model [41] for the atmospheric prompt neutrino flux;

the components are shown in Fig. 7.1. This calculation is based on the dipole formal-

ism in a perturbative QCD framework, which provides a way to treat gluon saturation

effects at low x, and it assumes that the cosmic rays are protons.

There is uncertainty in the hadronic interactions, due to the extrapolation of the

gluon distribution function to low x, and more experimental data from the LHC

are needed [528, 529]. Although other perturbative QCD models may give similar

results, e.g., the flux in Ref. [525] is about a factor of 2 below that of Ref. [41],

phenomenological non-perturbative QCD approaches typically predict higher fluxes

by a factor of ∼ 3 − 10 [519, 530, 531]. The most extreme models are already ruled

out or disfavored by neutrino data [531–533].

For the atmospheric prompt fluxes, the νe + ν̄e cascade spectra are shown in

Fig. 7.3 and the numbers of events are given in Table 7.1. The slope is reasonable,

in that energies near the threshold at 1 PeV are favored. The expected number of

atmospheric prompt events is ∼ 0.02 in each of the two bins (including muon tracks

and tau leptons would increase these by ∼ 50%, matching Ref. [46]), so the probability

of detecting at least two events is thus ∼ 10−4. An additional problem is that the

cosmic ray spectrum steepens at the knee, reducing the prompt neutrino flux [534].

However, the normalization of the prompt flux could easily be larger, given the

substantial hadronic uncertainties, without conflicting with the neutrino measure-

ments (which have large uncertainties) shown in Fig. 7.2. According to Refs. [46,533],

the normalization could be about 4 times larger; that would improve the probability

by a factor of ∼ 42 = 16, but it would still be very small.

The atmospheric prompt neutrino flux near 1 PeV would be even smaller if cosmic

rays at higher energies are nuclei, as argued in, e.g, Refs. [534,535], instead of protons,

as assumed here. The neutrino number flux per logarithmic energy bin depends on
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the same for the cosmic rays, which falls as EdΦ/dE ∼ E1−γ, where γ ' 2.7. If

cosmic rays are protons, this spectrum is used directly. If cosmic rays are nuclei of

mass number A, then the nucleon spectrum must be derived first. To give the same

range of nucleon energy, cosmic ray nuclei must have energies A times larger, which

gives a suppression A1−γ. Taking into account the greater multiplicity of nucleons,

the net suppression of the neutrino flux is A2−γ ' A−0.7. Therefore, if the initiating

cosmic rays are dominantly nuclei, then it is even more unlikely that prompt neutrinos

can explain the two observed events.

We emphasize that the atmospheric prompt neutrino hypothesis for the observed

events, although disfavored, would not require the first discovery of high-energy astro-

physical neutrinos. The prompt neutrino flux has never been experimentally identi-

fied, and the theoretical uncertainties are quite large, so a very high standard must be

met to reject this hypothesis. On the other hand, if it were confirmed to be the source

of the events, that would provide important and constraining information about both

low-x QCD and the composition of the cosmic rays. IceCube can test the normal-

ization of the prompt flux using both neutrinos and muons [177, 534, 536–538]. The

IceTop detector can reject downgoing prompt neutrinos by detecting accompanying

cascades [463,497].

7.3.6 Astrophysical neutrinos: plausible

Neutrinos are inevitably produced by cosmic-ray interactions with matter and

radiation in astrophysical sources. Many sources that may have large neutrino fluxes

have been proposed, e.g., jets [539–543] and cores [544, 545] of active galactic nuclei,

the prompt [546–548] and afterglow [549–551] phases of gamma-ray bursts, newly-

born neutron stars [552], early supernovae [553], starburst galaxies [554], and large-

scale structures and galaxy clusters [183,555,556]. There is a wide variety of models,
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each with some parameters, so roughly measuring a flux and spectrum may not

identify the source.

To survey possible astrophysical diffuse sources, we consider power-law neutrino

spectra, dΦ/dE ∝ E−s. We assume flavor ratios of νe : νµ : ντ = 1 : 1 : 1 for

neutrinos and antineutrinos, and equal fluxes of each. (Testing flavor ratios will be

important [490, 505, 557].) Because our focus is a narrow range near 1 PeV, more

general spectra may be fairly characterized by power laws, and we define three cases:

s = 2, s = 2.5 and s = 3. The observation of two events near threshold at 1 PeV

and none at higher energies strongly favors neutrino spectra that lead to adequately

falling cascade spectra EdN/dE beyond 1 PeV. Below, we discuss spectra that are

more general than these unbroken power laws.

We define the flux normalizations by using the largest power-law fluxes that do not

exceed the measured atmospheric neutrino data at any energy, as shown in Fig. 7.2.

For s = 2, the flux normalization for ν + ν̄ in one flavor is E2dΦ/dE ' 0.7 × 10−8

GeV cm−2 s−1 sr−1. This is consistent with upper bounds from IceCube [40,44,558],

and is smaller than the upper range of the Waxman-Bahcall bound, E2dΦ/dE '

(0.3−1.5)×10−8 GeV cm−2 s−1 sr−1 [559]. For s = 2.5, the normalization (at 1 PeV)

is E2dΦ/dE ' 0.4 × 10−8 GeV cm−2 s−1 sr−1. For s = 3, the normalization (at 1

PeV) is E2dΦ/dE ' 0.2× 10−8 GeV cm−2 s−1 sr−1. These latter two are comparable

to or smaller than the nucleus-survival bound [517].

The νe + ν̄e cascade spectra are shown in Fig. 7.3 and the numbers of events

are given in Table 7.1. In the results for an ideal detector, both the slopes and

normalizations of the cascade spectra are favorable, in that the cascade spectra peak

near threshold at 1 PeV and reasonable numbers of events are expected. However,

in the calculation using the effective area from Ref. [46], the effect of the cuts on

the efficiency near 1 PeV is very significant, driving down the total number of events
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and suppressing the importance of the first bin. This makes the second bin, and

the Glashow resonance there, much more important; for the power-law spectra, there

are comparable numbers of events in the continuum and in the excess due to the

resonance. Beyond 10 PeV, the detector efficiency approaches the ideal case and,

for all but the cosmogenic models, the cascade spectra are falling and the expected

numbers of events are small.

For the different s values in the realistic case, the total numbers of expected

events might be reasonable, especially if some things are taken into account. The

normalizations for the spectra chosen in Fig. 7.2 could plausibly be increased by a

factor of 2. Comparable numbers of νµ+ ν̄µ and ντ + ν̄τ CC events should be included

to match the IceCube search criteria, and their sum is comparable to the number of

νe + ν̄e cascades in each bin. In the E−2 case, νµ + ν̄µ and ντ + ν̄τ NC events in the

second bin could contribute ∼ 0.4 events to the 0.2 CC events in the first bin. Where

the Poisson expectation is small, changing the normalization by a factor f changes

the probability of getting two or more events by ∼ f 2. The distribution of events is a

larger problem: instead of favoring the lowest energies, near threshold, these cascade

spectra favor higher energies in all cases.

The astrophysical models considered here are not in obvious agreement with ob-

servations, but this depends on the details of the efficiency near threshold, so we

must withhold judgment until there are results from new searches. It is plausible

that astrophysical scenarios could explain the observed events. Taking the large un-

certainties into account, spectra less steep than E−2 seem to be disfavored by the

spectrum shape, and spectra more steep than E−3 seem to be strongly disfavored by

the spectrum normalization. The most important thing is to improve the efficiency

at energies below 1 PeV, where the number of events might be much larger.
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7.3.7 What conclusions can we draw now?

None of the sources above immediately fits the key observed properties of the data:

two cascade events, very close in energy to each other and the analysis threshold, no

cascades at higher energies, and no other types of events. How can this be? We focus

on steady diffuse fluxes here and then mention other possibilities below.

One possibility is improbable fluctuations. These two events might be caused by

astrophysical neutrino signals, and what was seen was a lucky fluctuation. Reconciling

what was and was not seen may be challenging. Or these two events might be caused

by atmospheric neutrino or muon backgrounds, and what was seen was an unlucky

fluctuation. With the expected rates, this is very unlikely; further study is needed to

be sure there are no surprises with muon-induced backgrounds.

Another possibility, which we think is unlikely, is that the effective area or the

relation between the number of detected photoelectrons and cascade energy is not

completely understood. The search strategy was optimized for cosmogenic neutrinos

in the EeV range, and perhaps there are subtleties near 1 PeV, the edge of their

range [46]. The IceCube Collaboration takes great care in their analyses and papers,

but the possibility of some revisions being needed must be considered because of the

seeming paradox of detecting two events near threshold, where the efficiency is only

∼ 20%.

The last possibility is that these are astrophysical neutrinos, but that the spectrum

is peaked. If the flavor ratios are near unity, as expected, this would require some fine-

tuning of the spectrum. Figure 7.2 shows that there are strong upper limits on the

flux at a few hundred TeV to avoid conflict with atmospheric conventional neutrino

data, and Fig. 7.3 shows that should also be strong upper limits on the flux at several

PeV to avoid conflict with the non-observation of events where the detection efficiency

is favorable. In the decade in energy in between, the flux should be large enough to
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make it probable to detect two events despite the low efficiency near 1 PeV. Some

examples of peaked spectra include gamma-ray bursts [472, 473], very heavy dark

matter decay [351,488], and cosmic ray proton interactions [475,560,561].

We highlight these constraints on astrophysical neutrino spectra in Fig. 7.4, which

focuses on the most important region of Fig. 7.2. We show the normalizations of an

E−2 spectrum in the three energy ranges separately, set by Fig. 7.2, the observation

(and hence expectation) of two events in the first bin, and the observation of zero

events in the second bin, respectively. (We always quote neutrino fluxes for one flavor

of ν + ν̄, assuming equal flavor ratios, whereas some authors quote the sum of all

three flavors.) These results suggest a break in the spectrum at several hundred TeV

and another break or cutoff at about 2 PeV. For a different spectrum shape or choice

of bins, these constraints would change. Still, the nominal conflicts between fluxes in

different energy ranges are startling, and indicate tensions that need to be resolved.

The dominant uncertainties are those shown in Fig. 7.4. We fix the power-law

normalizations in Fig. 7.2 by demanding that they not exceed the measured points.

This leaves no room for the expected atmospheric conventional neutrinos, but the

uncertainties are large, probably even larger than the quoted factors of a few up or

down. The Poisson uncertainties on the fluxes in our two bins are significant. Our

calculations of the expected numbers of events are reasonably precise, though we make

approximations throughout at the level of a few tens of percent. These include the

form of the event rate equations, approximating the dσ/dy distributions and Earth

attenuation, and neglecting the small numbers of expected events below 1 PeV and

above 10 PeV.

If the true spectrum is not peaked, then the most likely scenario is that there

should be an excess in the low-energy muon neutrino data (now seen in Ref. [533]),

that the observation of the two PeV events was a fortunate upward fluctuation, and
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that there should be a cutoff at about 2 PeV. In this case, our results show that the

preferred power-law spectrum is around E−2. The strong constraint on an astrophys-

ical neutrino flux shown in Fig. 7.1, E2dΦ/dE < 0.9× 10−8 GeV cm−2 s−1 sr−1 [44],

would apply to an E−2 spectrum that held over the full energy range shown there.

See also the preliminary differential constraints shown in Ref. [463].

7.4 Future neutrino observations

As we show above, the source of the two cascade events in IceCube remains un-

known, though some possibilities can already be excluded. With such a small sample

and such large uncertainties, it is not yet possible to make very precise statements.

We now show that analyses of existing cascade data at lower energies have great

potential to quickly reveal the source of these events. Searches for muon tracks in

IceCube are quite mature, with atmospheric neutrino events measured up to a few

hundred TeV [45]. To measure the smaller fluxes at higher energies, greater exposure

is needed, which will simply take time. In contrast, searches for cascades with mea-

sured atmospheric neutrino events are relatively recent and the spectra only go up to

10 TeV [14].

A comprehensive exploration below 1 PeV, where there might be many more

events, is needed in both the track and cascade channels. In the following, we first

review muon track detection in IceCube. Cascade detection is discussed in detail

above. Here, one important difference is that ντ + ν̄τ CC events are now included as

cascades for the astrophysical scenarios (but not for atmospheric prompt neutrinos,

which have a small ντ + ν̄τ flux) because the tau-lepton track length below 1 PeV

is short. We show how our new results on the predicted spectra can differentiate

between possible scenarios.
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The following is for the ideal case or “theorist’s approach,” because the detailed

properties of IceCube for future searches are not yet known, as new strategies to isolate

signals from backgrounds will be developed. The true efficiency will be somewhat less,

e.g., due to cuts to reject backgrounds and because outward-directed signal events

near the surface will not deposit enough energy. In addition, the spectrum shapes

will suffer some smearing due to energy resolution. The most important point of

realism that we do include is that we plot our results in terms of measurable energy,

not neutrino energy, as this gives better separation of signals and backgrounds.

7.4.1 Muon tracks in IceCube

Muons are produced by the CC interactions of νµ+ν̄µ with nucleons [175,498–500].

The initial muon energy is Eµ ' (1−〈y〉)Eν ' 0.75Eν for Eν ∼ 1 PeV [501]. Because

of their small energy loss rate and long lifetime, muons produce long tracks; above

1 PeV, the muon range in ice is ∼ 15 km and varies logarithmically with energy.

Those produced inside IceCube are contained-vertex muons, whereas those produced

outside are through-going muons. For contained-vertex muons, the hadronic energy

will be deposited in the detector, while it is lost for through-going muons.

We present our results in terms of the energy of the muon as it first appears in

the detector, due to being created there or when it first enters. This is measurable

and provides the most information about the neutrino spectrum [174, 472, 505]. The

average muon energy loss rate is −dEµ/dx = α + βEµ [562, 563]. In the TeV range

and above, the radiative term (βEµ) dominates the ionization (α) term. We take

α ' 2× 10−3 GeV cm2 g−1 (its low-energy value) and β ' 5× 10−6 cm2 g−1 (near 1

PeV). The muon energy can be measured by the fluctuations in its radiative losses,

and a precision of a factor of 2 is expected [494]. The present EHE search simply
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measures the number of detected photoelectrons produced by an event, which utilizes

less information.

The complete measurable muon spectrum is

(
dN

dEµ

)

tracks

=

(
dN

dEµ

)

cont

+

(
dN

dEµ

)

thru

, (7.3)

where the same value of Eµ comes from different ranges of neutrino energy in the two

cases. For simplicity, we add these event classes, though they should be separable. In

the following, through-going events are about 3 times more numerous than contained-

vertex events for an E−2 spectrum, and about 1.5 times more so for an E−3 spectrum.

We consider only upgoing neutrino-induced muons, to avoid the large backgrounds

from downgoing atmospheric muons. In principle, it should be possible to include

some downgoing contained-vertex events [497].

The muon spectrum from contained-vertex events [174, 518] is similar to that for

electron cascades and is

(
dN

dEµ

)

cont

' 2π ρNA V T (7.4)

×
∫ 0

−1

d(cos θz)
dΦ

dEν
(Eν)σ(Eν) e

−τ(Eν ,cos θz) .

Here we assume Eµ ' Eν because the hadronic cascade will contribute to the energy

deposited.
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The muon spectrum from through-going events [174,518], taking into account the

increase in the effective volume of the detector due to the long muon range, is

(
dN

dEµ

)

thru

' 2π ρNAAT (7.5)

×
∫ 0

−1

d(cos θz)
1

ρ (α + βEµ)

×
∫ Ehigh

Eµ

dEi
dΦ

dEi
(Ei)σ(Ei) e

−τ(Ei,cos θz) ,

where Ei is the initial neutrino energy and Ehigh its maximum value, which depends

on the distance to the horizon at that zenith angle; for upgoing events, Ehigh is

effectively infinite. Instead of the detector volume, the detector area A ' 1 km2

and a term reflecting the muon range appear. We neglect the large fluctuations in

the muon energy-loss rate [562, 563]. This and the preceding event rate equations

also neglect the integration over dσ/dy, which can affect the results by a few tens of

percent, which is within our uncertainties.

7.4.2 Predicted spectra below 1 PeV

Figure 7.5 shows our predicted track and cascade spectra for two years of the

full IceCube; the numbers of events are given in Table 7.2. It is likely that much of

this exposure time can be obtained from existing data with new analyses targeted

to this energy range. All input neutrino fluxes are normalized as in previous figures.

To avoid over-extrapolating the power-law astrophysical fluxes and to focus on the

energy range with the best ratio of signal to background, we show results only down

to 0.1 PeV, though IceCube should go to lower energies.

The left panel shows that analyses with muon tracks are limited by the large at-

mospheric conventional background, so that the astrophysical signals will only emerge
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above a few hundred TeV, especially once the smearing effects of energy resolution are

taken into account. Even if just contained-vertex muons are selected, the background

due to atmospheric conventional νµ + ν̄µ will be dominant until high energies, where

the statistics are low. There is now some excess at the highest energies in the IceCube

neutrino-induced muon data [533]. However, it is difficult to judge the significance

when the results have been processed by unfolding to estimate the spectrum in terms

of neutrino energy, which mixes different ranges of measurable muon energy and gives

strongly correlated uncertainties. When spectra are shown in terms of muon energy,

there is better separation of signal and background and then even a small number of

signal events at high energy can be quite significant [174].

The right panel shows that the prospects for cascades are extremely promising, be-

cause the atmospheric conventional background is strongly suppressed, as first shown

in Ref. [177]. The difference in cascade rates at 1 PeV seen between the left panel of

Fig. 7.3 and the right panel of Fig. 7.5 is due to the latter including ντ + ν̄τ events

(factor of 2), the slightly different exposure times, and the former including energy

resolution smearing.

Even if the efficiency is reduced from that shown in Fig. 7.5, it should still be pos-

sible to detect potentially large numbers of cascade events with minimal backgrounds.

This could quickly discover an astrophysical flux. The atmospheric conventional neu-

trinos and even the atmospheric prompt neutrinos are negligible backgrounds. The

cascade spectrum shape will be a powerful diagnostic of the neutrino spectrum shape,

because Ecasc ' Eν for the dominant CC events and good energy resolution for cas-

cades. The normalizations of these spectra are the largest values that do not conflict

with the measured atmospheric neutrino data shown in Fig. 7.2. If the normalizations

were instead set by the requirement of producing the two PeV events, then the curves
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in Fig. 7.5 would cross near 1 PeV and the differences between them would be much

larger below 1 PeV.

Even though there are essentially no neutrino-induced backgrounds for cascade

signals, there may be backgrounds induced by downgoing atmospheric muons [46].

The cascade analysis that measured the conventional atmospheric neutrino spectrum

up to 10 TeV, as shown in Fig. 7.2, used the small inner DeepCore detector as the

active volume and the rest of IceCube as a veto [14]. It should be possible to extend

this idea as a function of energy, effecting a series of nested inner detectors and outer

veto layers, with larger inner volumes than DeepCore probing the smaller fluxes at

higher energies.

7.5 Conclusions

7.5.1 Summary and Outlook

The observation of two cascade events near 1 PeV [46,463] is a remarkable achieve-

ment that follows more than two decades of pioneering work by the AMANDA and

IceCube Collaborations [564–568]. It is very likely that these are neutrino-induced

events, possibly the first high-energy astrophysical neutrinos ever observed, opening

a new era. A high burden of proof will be needed to reject all hypotheses based on a

terrestrial origin and to accept any based on an astrophysical origin.

We provide a comprehensive general study of these PeV events and their possible

origin as a diffuse flux [492,493]. We apply physical insights to characterize the nature

of the events and to define the framework for analyzing possible source spectra. We

systematically analyze several possible neutrino sources and backgrounds and draw

conclusions about whether they can explain the observed events in light of realistic

detector modeling and other constraints. We show how IceCube can most quickly
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uncover the nature of these events with searches at lower energies, for which we make

detailed predictions.

The search efficiency near the analysis threshold at 1 PeV is∼ 20%, which makes it

surprising that two events were observed there. As shown in Fig. 7.4, a high neutrino

flux near 1 PeV is needed to counteract this low efficiency, while low fluxes are needed

at slightly lower and higher energies to avoid overproducing events there. A relatively

narrow spectrum peak might be called for [351, 472, 473, 475, 488, 560, 561]. On the

other hand, besides the significant uncertainties shown in Fig. 7.4, the details depend

on the efficiency where it is small and changing rapidly.

Some possible neutrino sources are already quite disfavored in any case, as shown

in Fig. 7.3. For atmospheric conventional neutrinos, the expected rates are far too

small. The cascade backgrounds induced by atmospheric muons also seem to be too

small [46]. Atmospheric prompt neutrinos are also disfavored, though special caution

is needed because this source is guaranteed, has never been identified experimentally,

and has large theoretical uncertainties. For cosmogenic fluxes (those produced in the

propagation of ultra-high-energy cosmic rays), the expected rate is too small and the

cascade spectrum increases with energy, contrary to observations.

We also consider a steady diffuse background of neutrinos produced in astrophys-

ical sources, parameterizing these as power-law spectra for energies near 1 PeV, and

assuming equal flavor ratios. Power-law spectra between E−2 and E−3 are plausible,

with E−2 (with a cutoff at about 2 PeV) being the most likely. There are tensions

regarding the normalization and slope of such models, but these are subject to the

above uncertainties.

The most important thing for IceCube to do is to improve the efficiency of searches

at and below 1 PeV. We show in detail, including in Fig. 7.5, how such searches can

differentiate between possible scenarios for the observed PeV events. Even in the
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absence of one or both of these events, there is tremendous discovery potential for

cascade searches in this energy range. The detection of cascade events has long been

recognized as important, as a probe of νe + ν̄e and because the good fidelity between

cascade and neutrino energy allows reconstruction of the neutrino spectrum. As first

shown by Beacom and Candia [177] in 2004, there is a strong suppression of the

atmospheric conventional neutrino background for the cascade channel relative to the

muon track channel, giving improved sensitivity at lower energies.

Our results on cascades go well beyond those in Ref. [177] and will be generally

useful for future searches. In addition to adopting updated fluxes, we provide a de-

tailed discussion of the effects of many realistic IceCube detector properties. We show

how to best display and interpret cascade spectra over a wide energy range, including

near the Glashow resonance, where energy resolution effects must be included. We

compare cascade and track spectra, with both presented in terms of detectable energy

instead of neutrino energy.

Many of our considerations would easily carry over for point sources or collections

thereof. For the same two PeV events detected, which sets the total flux required,

point sources would be easier to separate from the conventional atmospheric neutrino

background because the relevant solid angle would be smaller than the full sky.

Whatever the origin of these two events, their detection is an important milestone

in advancing our knowledge of the high-energy Universe, and we congratulate the

IceCube Collaboration on this success. Now that the construction of the IceCube

detector is complete, neutrinos will be detected at a faster rate, and great progress is

expected soon, which we eagerly await.
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7.5.2 Impact of new results

As this paper was being completed (for early results, see Refs. [492,493]), IceCube

announced the detection of new events [569]. These preliminary data shed light on

the PeV events and seem to strengthen the case that their origin is astrophysical.

There are no serious disagreements with our results and many of our assumptions

are now confirmed. Here we summarize their most important new results and our

interpretation of them.

The basic aspects of the data fit within the framework we consider. The events

are consistent with being uniform in the volume, so are likely not due to backgrounds

induced by downgoing atmospheric muons. No remarks are made about the arrival

times of the events, so presumably they are consistent with being from a steady

source. The distribution of arrival directions is consistent with isotropy subject to

expected attenuation in Earth, so consistent with a diffuse source.

New search criteria improved the efficiency at 1 PeV by a factor of 3 (i.e., part

of the possible factor of 5 noted above); the improvements at nearby energies vary

with energy. No new events were found near 1 PeV, or at higher energies, which

indicates that our choice of bins in the PeV range was reasonable and that the former

observation of two events must have been a lucky fluctuation. This follows from

Fig. 7.3 and the surrounding discussion, and acts to reduce the tensions shown in

Fig. 7.4.

The new criteria also provided some efficiency at energies well below the previous

threshold at 1 PeV. There are 19 new cascade events between 0.03 and 0.3 PeV.

Only six of these are above 0.1 PeV, where the atmospheric neutrino backgrounds

are minimal. The number above 0.1 PeV is reasonable for the E−2 spectrum above.

The lack of events above 0.3 PeV supports the detection of the two PeV events being

a lucky fluctuation.
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The new events also include 7 contained-vertex muon events, all between 0.03

and 0.3 PeV; all but one are below 0.1 PeV. The new search criteria still suppress

νµ + ν̄µ detection relative to νe + ν̄e detection, a small fraction of track to cascade

events is expected. The left panel of our Fig. 7.5 shows that atmospheric conventional

neutrinos dominate in this energy range, including for contained-vertex muon events.

For equal flavor ratios, cascade events are much more likely to be signals than are

track events, so these events should not be mixed.

It is stated that an E−2 spectrum is a reasonable fit, provided there is a spectrum

cutoff in the PeV range, as we independently show. The right panel of our Fig. 7.5

shows that the ratios of numbers of events near 0.1 PeV to those near 1 PeV are

quite distinct for different power-law spectra, so this will be a powerful test of the

spectrum. More information is needed on the consistency of an E−2 spectrum with

lower-energy neutrino data of all flavors. The difficulties we point out in Fig. 7.4

would be somewhat alleviated if analyses of that data show some excesses near a few

hundred TeV, as is now reported.

7.5.3 Astrophysical implications

Many models of astrophysical neutrino sources have been proposed. There are

two key requirements for viable scenarios to explain the IceCube results. First, the

cosmic-ray energy injection rate and meson production efficiency must be sufficient

to give a neutrino flux of at least E2dΦ/dE ∼ 10−8 GeV cm−2 s−1 sr−1 near 1 PeV.

Second, since protons with energy εp at a typical redshift z ∼ 1 lead to neutrinos

with energy Eν ∼ 2 PeV (εp/100 PeV), sources should be able to accelerate protons

to energies close to the iron/second knee [183]. In addition, a break at high energies

seems to be required, and the spectrum may even be peaked.
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Proton-photon (pγ) interactions are dominant for PeV neutrino production in

most models of active galactic nuclei (AGN) and gamma-ray bursts (GRBs) [570].

Protons typically interact near threshold with photons of energy εγ, so εpεγ ∼ 0.16 GeV2 Γ2,

where Γ is the Lorentz factor. Then π− production is suppressed and fewer antineu-

trinos are produced. In addition, flavor ratios are affected by muon cooling in mag-

netized sources [557]. In the pγ case, the neutrino spectrum is hard at low energies

and typically has a peak depending on source properties.

In AGN jet models [539–543], the neutrino spectrum peaks at ∼ 10 − 1000 PeV

because Γ ∼ 10 and the observed photon spectra of luminous blazars peak at εγ ∼

0.1− 10 eV. The spectrum is expected to be rising at energies above the PeV range,

as for cosmogenic models, which are disfavored. In AGN core models [544, 545],

where neutrinos are produced not far from accretion disks, a peak in the PeV range

is possible, though optimistic cases have been ruled out.

In GRB prompt emission models [546–548], PeV neutrinos are expected because

εγ ∼ 1 MeV and Γ ∼ 300. Due to strong meson cooling, a break or even a bump

was predicted around 1− 100 PeV [571,572]. Although this spectrum shape may be

appealing, stacking searches by IceCube set limits of E2dΦ/dE . 0.1 × 10−8 GeV

cm−2 s−1 sr−1 [473,573–575], well below the required flux. However, many transients

like low-luminosity GRBs are missed; some predictions are ∼ 10 times larger than this

limit and have a peak or break in the PeV range [472, 576, 577]. Although neutrinos

can be produced in GRB afterglows [549–551], their typical energy is much higher

than 1 PeV, as in the AGN jet model, so explaining the IceCube PeV events is

difficult.

Proton-proton (pp) interactions are dominant for PeV neutrino production in star-

burst galaxies and large-scale structures. Many pions of all types are produced in each
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scattering, and the neutrino spectrum basically follows the proton spectrum [578],

with equal ratios of neutrinos and antineutrinos and of flavors after mixing.

Starburst galaxies contain many massive stars, which lead to supernovae that may

produce cosmic rays. Most of the cosmic ray power would be lost to neutrinos and

gamma rays due to interactions in the high-column-density material, and detections

of gamma rays from nearby galaxies [579] supports this idea. The predicted flux is

E2dΦ/dE ∼ (0.1−10)×10−8 GeV cm−2 s−1 sr−1, with a possible cutoff [554], though

it is uncertain if ∼ 100 PeV protons (rather than heavy nuclei) are produced in these

galaxies.

Large-scale structures (especially galaxy clusters) are gigantic reservoirs of cosmic

rays that may be accelerated at structure formation shocks and supplied by contained

AGN [555]. PeV neutrinos are produced via pp interactions with the intracluster

medium. The expected flux is E2dΦ/dE ∼ (0.1 − 1) × 10−8 GeV cm−2 s−1 sr−1,

and a break due to the diffusive escape or maximum energy of cosmic rays has been

predicted [183].

The possible connection with extragalactic cosmic rays is intriguing, because a

neutrino flux of E2dΦ/dE ∼ 10−8 GeV cm−2 s−1 sr−1 is comparable to the Waxman-

Bahcall bound [559] derived from the ultra-high-energy cosmic ray flux. However, PeV

neutrinos correspond to protons at lower energies, near 100 PeV, and higher-energy

neutrinos have not been detected, despite the increasing effective area. If ultra-high-

energy cosmic rays are heavy nuclei, as suggested by Auger, then the neutrino flux

from their sources is much lower than the Waxman-Bahcall bound [517].

To conclude our discussion of astrophysical neutrino fluxes, there is so far no

obvious source that explains all aspects of the IceCube data. Many models (e.g.,

GRB prompt, starburst galaxies, and large-scale structures) seem compatible with
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the data, though some models (e.g., AGN jets and GRB afterglow) are already disfa-

vored. Interestingly, the neutrino flux sensitivity is approaching that needed to probe

the sources of the ultra-high-energy cosmic rays. More experimental data and theo-

retical studies are needed to unravel the mysteries of the high- and ultra-high-energy

universe.
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Table 7.1: Expected numbers of cascade events in the two energy bins, obtained by
integrating the curves in the right panel (the realistic approach using the effective
area) of Fig. 7.3. These numbers are typically a factor of ∼ 5 below those for the left
panel (the ideal case or “theorist’s approach”).

Possible Source N(1− 2 PeV) N(2− 10 PeV)

Atm. Conv. [39,40] 0.0004 0.0003

Cosmogenic–Takami [42] 0.01 0.2

Cosmogenic–Ahlers [43] 0.002 0.06

Atm. Prompt [41] 0.02 0.03

Astrophysical E−2 0.2 1

Astrophysical E−2.5 0.08 0.3

Astrophysical E−3 0.03 0.06

Table 7.2: Expected numbers of track and cascade events (ideal case or “theorist’s
approach”), obtained by integrating the curves in each panel of Fig. 7.5 over the range
0.1–1 PeV.

Possible Source Ntrack Ncasc

Atm. Conv. [39,40] 11 1
Atm. Prompt [41] 3 4
Astrophysical E−2 11 19
Astrophysical E−2.5 10 20
Astrophysical E−3 9 20
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Figure 7.4: Example neutrino fluxes, as in Fig. 7.2, for one flavor of ν + ν̄, assuming
equal flavor ratios. In the 1–2 PeV and 2–10 PeV bins, we show our estimates of
the flux normalization required to match the observations of two events and zero
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confidence-level uncertainty range for the first bin and the 90% confidence-level upper
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Ref. [46]), while the “Ideal” case uses the left.
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Figure 7.5: Predictions for measurable spectra in two years of the full IceCube for
various neutrino spectra considered above. (Left Panel) EdN/dE for neutrino-
induced muons (upgoing only), where the muon energy is measured as it first appears
in the detector, whether as a contained-vertex or through-going event. (Right Panel)
EdN/dE for neutrino-induced cascades (all directions), where the cascade energy is
measured as deposited in the detector, whether as a CC or NC event. As above, the
number of events in a region is proportional to the integrated area, i.e., to the height
times the logarithmic energy range.
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Chapter 8

Gadolinium in Water Cherenkov Detectors Improves

Detection of Supernova νe

Detecting supernova νe is essential for testing supernova and neutrino
physics, but the yields are small and the backgrounds from other channels
large, e.g., ∼ 102 and ∼ 104 events, respectively, in Super-Kamiokande.
We develop a new way to isolate supernova νe, using gadolinium-loaded
water Cherenkov detectors. The forward-peaked nature of νe + e− →
νe + e− allows an angular cut that contains the majority of events. Even
in a narrow cone, near-isotropic inverse beta events, ν̄e + p → e+ + n,
are a large background. With neutron detection by radiative capture
on gadolinium, these background events can be individually identified
with high efficiency. The remaining backgrounds are smaller and can
be measured separately, so they can be statistically subtracted. Super-
Kamiokande with gadolinium could measure the total and average energy
of supernova νe with ∼ 20% precision or better each (90% C.L.). Hyper-
Kamiokande with gadolinium could improve this by a factor of ∼ 5. This
precision will allow powerful tests of supernova neutrino emission, neu-
trino mixing, and exotic physics. Unless very large liquid argon or liquid
scintillator detectors are built, this is the only way to guarantee precise
measurements of supernova νe.

The contents of this chapter were published in [7].

8.1 Introduction

Supernovae are one of the most spectacular electromagnetic displays in the Uni-

verse. Understanding them is essential for many areas of physics and astrophysics.
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Core-collapse supernovae are massive stars (& 8M�) that, at the end of their burning

cycles, collapse under gravity to form a neutron star or black hole [580–586]. These

collapses are potential sites for gravitational-wave production [587–589], gamma-ray

bursts [590], heavy-element nucleosynthesis [591,592], and cosmic-ray acceleration.

It is difficult to learn about the core properties and collapse mechanism using

electromagnetic light curves, as the surface of last scattering of photons is in the outer

envelope. Neutrinos, on the other hand, being weakly interacting, have their surface

of last scattering much deeper inside, within the core. Neutrinos carry about ∼ 99%

of the binding energy released during the collapse of the star. Precise measurements of

all flavors of neutrinos can provide much information about a supernova [89,593–603].

The only supernova neutrinos ever detected were from SN 1987A [16, 87]. Even

this modest data has been invaluable for understanding neutrinos and supernovae.

Only ν̄e were detected, through the inverse beta channel, ν̄e + p→ e+ +n, leading to,

e.g., constraints on the total and average energy in this flavor [604–607]. (We assume

that the first event was not due to neutrino-electron elastic scattering, which has a

very small probability.)

Computer simulations of supernova explosions have detailed predictions about the

neutrino emission, but, due to the lack of a high-statistics Galactic supernova, it is

not possible to adequately test these [608–616]. It is important to detect all flavors

of neutrinos to measure the total and average energy in each. Because the differences

between flavors may be modest, large numbers of events must be detected to ensure

adequate precision.

Galactic supernovae occur only once every ∼ 30 years. It is essential that a variety

of detectors be ready to detect all flavors of neutrinos well to understand the physics

and astrophysics of core-collapse supernovae. Using present detectors, it will be easy

to measure supernova ν̄e and νx, via inverse beta and elastic scattering on protons,
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respectively [617–620]. Unless very large liquid argon [621, 622] or liquid scintillator

detectors [623,624] are built, or other techniques become experimentally viable [625–

630], there is presently no way to guarantee the clean detection of supernova νe in

adequate numbers. The difficulties of measuring the νe spectrum well enough have

long been known; e.g., see Refs. [631–637].

Here we show how this problem could be solved by using gadolinium (Gd) in Super-

Kamiokande (Super-K) and other large water Cherenkov detectors. The addition of

Gd to Super-K was proposed to improve the detection of ν̄e. Ironically, this would also

improve the detection of νe. We add new ideas to those briefly noted in Ref. [638] and

perform the first detailed calculations, showing how supernova νe could be measured

precisely.

The principal technique is to use neutrino-electron scattering, νe + e− → νe + e−.

These events are forward-peaked, so a narrow cone contains the majority of them.

The largest background is from inverse beta events. The use of Gd to detect neutrons

will help in individually detecting and removing these events with high efficiency.

The spectrum of ν̄e will be measured precisely so that the remaining inverse beta and

ν̄e+e
− scattering events can be statistically subtracted from the forward cone. Liquid

scintillator detectors can detect νx (= νµ + ντ ) well enough through ν + p → ν + p

scattering, so the νx + e− scattering events can be statistically subtracted.

In addition, we show how gadolinium will improve the prospects for measuring

νe charged-current interactions with oxygen. This channel is only important if the

average energy of νe is large, either intrinsically, or due to efficient mixing with suf-

ficiently hot νx. Recent supernova simulations suggest that none of the flavors has

a large average energy, and that the differences between flavors are modest, so that
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these interactions with oxygen may not be important. In contrast, the neutrino-

electron scattering events would be measured well in all scenarios if Gd is used to

reduce backgrounds.

Detecting supernova νe will be helpful in constructing the initial spectrum of

these neutrinos, testing neutrino mixing scenarios, and probing exotic physics. We

concentrate on detecting the νe emitted during the full duration of the burst; however,

this technique could also help in detecting the short neutronization burst νe in Mton

water Cherenkov detectors [639].

The outline for this article is as follows. In Sec. 8.2, we discuss the various theoret-

ical and experimental inputs required to isolate supernova νe. In Sec. 8.3, we discuss

how this can constrain the νe spectrum parameters, and we conclude in Sec. 8.4.

8.2 Calculation inputs

We first discuss the neutrino spectra from a supernova, followed by the various

detection channels in a water Cherenkov detector. We then outline the detection

strategy that we propose to use to detect supernova νe in a water Cherenkov detector

with gadolinium.

8.2.1 Supernova Neutrino Spectra

A supernova neutrino burst lasts for ∼ 10 sec and includes all flavors of neutrinos.

The total binding energy released in the explosion is ∼ 3 × 1053 erg. We assume

that the total energy is equipartitioned between the 6 species so that the total energy

carried by each ν (or ν̄) flavor is ∼ 5 × 1052 erg. The supernova is assumed to be

at a distance of 10 kpc, the median distance of core collapse progenitor stars in our

Galaxy, which is slightly farther than the distance to the Galactic Center.
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Supernova neutrinos are emitted in a quasi-thermal distribution. For concreteness,

we take a particular modified Maxwell-Boltzmann spectrum [640,641],

f(Eν) =
128

3

E3
ν

〈Eν〉4
exp

(
− 4Eν
〈Eν〉

)
, (8.1)

where this is normalized to unity. Using a regular Maxwell-Boltzmann or a Fermi-

Dirac spectrum with the same average energy gives more neutrinos at high energies.

For the electron-scattering and inverse-beta channels, the increased number of events

is . 5%. For the oxygen channel, which depends very sensitively on neutrino energy,

the number of events can increase by ∼ 50%. Our choice of spectrum is conservative

and our results can only improve if other neutrino spectra are appropriate.

For the average energies of the initial spectra, we take 〈Eνe〉 ≈ 11 – 12 MeV,

〈Eν̄e〉 ≈ 14 – 15 MeV, and 〈Eνx〉 ≈ 15 – 18 MeV; the hierarchy follows from the

different strengths of interaction in the supernova core. Neutrino mixing effects in

the supernova [642–651] or in Earth [634,652,653] can have a dramatic effect on the

final spectra, even exchanging them. Then the νe (or ν̄e) spectrum could have an

average energy of ∼ 15 – 18 MeV, increasing the yields of charged-current detection

channels. (The yields of neutral-current detection channels do not change for active-

flavor mixing.) To tell how efficient the mixing is, we need to measure the νe detection

spectra precisely.

A model independent neutrino signal from a supernova is the neutronization burst,

which consists of a short pulse (∼ 25 msec) of initially pure νe before the ∼ 10 sec

emission of neutrinos of all flavors [639]. Depending on the neutrino mixing scenario,

the number of neutronization νe detected in a Mton water Cherenkov detector for a

Galactic supernova is ∼ 30 – 100 [639,654]. Our detection strategy will also be useful
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in this case. In Super-Kamiokande (fiducial volume 32 kton), the number of events

due to neutronisation νe is only ∼ O(1).

8.2.2 Neutrino Detection Interactions

All flavors of neutrinos and antineutrinos can be detected with the ν+e− → ν+e−

channel. The recoil kinetic energy of the scattered electron varies between 0 and

2E2
ν/(me+2Eν). The forward-scattered electron makes an angle α with the incoming

neutrino given by cos α =
√
Te/(Te + 2me)(Eν + me)/Eν , where Te is the kinetic

energy of the recoil electron.

The differential cross section for neutrino-electron elastic scattering is [655]

dσ

dTe
=

G2
Fme

2π

[
(gV + gA)2 + (gV − gA)2

(
1− Te

Eν

)2

+ (g2
A − g2

V )
meTe
E2
ν

]
, (8.2)

where GF is the Fermi coupling constant, gV = 2 sin2θW ± 1/2 for νe and νx, re-

spectively, and gA = ±1/2 for νe and νx, respectively. For anti-neutrinos, gA → −gA.

When integrated over Te, the total cross section σ(Eν) ∝ meEν .

Only ν̄e were detected from SN 1987A, via the inverse beta reaction, ν̄e + p →

e++n, where p denotes free hydrogen (protons) in water and the positrons are emitted

almost isotropically. The cross section for this process is σ(Eν) ' 0.0952×10−42(Eν−

1.3)2(1 − 7Eν/mp) cm2 where mp is the proton mass, the energies are in MeV, the

threshold of the reaction is Eν > 1.8 MeV, and Te ' Eν − 1.8 MeV [617,618].

The neutron thermalizes by elastic collisions and is captured on protons as n+p→

d + γ in about 200 µs. The emitted gamma ray has an energy of 2.2 MeV, which

cannot be reliably detected in Super-K due to low-energy detector backgrounds. To

228



unambiguously detect the emitted neutron, it has been proposed to add Gd to large

water Cherenkov detectors. Then the neutron will be thermalized and captured on

Gd in about 20 µs, leading to a 3 – 4 gamma rays with a total energy of about 8

MeV, which is easily detectable in Super-K [638].

Electron neutrinos can also be detected in water Cherenkov detectors by νe+
16O

→ e−+16F∗ [631], where most of the final-state decay products of the excited 16F∗

nucleus are not detectable. The threshold for this reaction is ≈ 15 MeV, and the

electron kinetic energy is Te ≈ Eν−15 MeV. In the energy range 25 MeV ≤ Eν ≤ 100

MeV, the cross-section is given by σ(Eν) ≈ 4.7×10−40(E0.25
ν −150.25)6 cm2, for energies

in MeV [631,656]. The angular distribution of the electrons is slightly backward tilted.

The steep energy dependence of the cross section means that νe can only be detected

well if the average energy is large, say due to mixing.

We neglect other neutrino interactions with oxygen (ν̄e charged-current [631] and

all-flavor neutral-current [657]), as they are not our focus and their yields are small

compared to that from the inverse beta channel.

The time-integrated flux for single neutrino flavor is

dF

dEν
=

1

4πd2

Etot
ν

〈Eν〉
f(Eν) , (8.3)

where Etot
ν denotes the total energy in that ν flavor and d is the distance to the

supernova. The observed event spectrum in the detector is

dN

dTe
= NT

∫ ∞

Emin

dEν
dF

dEν
(Eν)

dσ

dTe
(Eν , Te) , (8.4)

where NT is the appropriate number of targets. For a larger average energy, the

thermally-averaged cross section is larger, but the flux is smaller (because the total

energy is taken to be fixed). For neutrino-electron scattering, these effects nearly
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cancel, making the total number of events almost insensitive to the average energy.

The shape of the electron recoil spectrum does change, which provides sensitivity to

the average energy.

Table 8.1 shows the expected number of events in Super-K for these reactions

under different assumptions about the neutrino average energy. For additional de-

tails about the detection of neutrinos from a Galactic supernova in water Cherenkov

detectors, see the references already cited as well as Refs. [658–660].

8.2.3 Proposed Detection Strategy

We focus on Super-K, the largest detector with low intrinsic backgrounds [661].

We assume that supernova events can be detected in the full inner volume of 32

kton. Super-K measures the energy, position, and direction of charged particles with

very high efficiency. During a burst, detector backgrounds can be ignored. There is

extensive ongoing research on employing Gd in Super-K [638,662,663]. The efficiency

of neutron capture on Gd will be known from calibration data.

We employ the νe+e
− → νe+e

− reaction to detect the νe and look for the forward-

scattered electrons. Knowing the direction of the Galactic supernova, if we make an

angular cut of half-angle 40◦ (appropriate for the lowest energy νe + e− events [661]),

then ∼ 68% of the electron-scattering events will be in that cone. The forward-

scattered electrons can also locate the supernova to within a few degrees [656,664,665].

Fig. 8.1 shows the recoil spectra for neutrino-electron scattering for all flavors.

(We use kinetic energy, but Super-Kamiokande conventionally uses the total energy,

Ee = Te +me). Because the energy range is so broad, the effects of energy resolution

smearing (∼ 15% near 10 MeV) were found to be modest, and are not included. As

can be seen from the figure, νe has the largest number of events. This is important,
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Figure 8.1: Electron spectra for the ν+e− → ν+e− detection channels for a supernova
in Super-K. These are just the events in the forward 40◦ cone (∼ 68% of the total). We
take 〈Eνe〉 = 12 MeV, 〈Eν̄e〉 = 15 MeV, and 〈Eνx〉 = 18 MeV; the other assumptions
are listed in Table 8.1.

because the other flavors of neutrino-electron scattering events are an irreducible

background to the νe + e− events.

The largest number of events will be due to the inverse beta reaction, which is

almost isotropic. Neutron detection on Gd will individually identify ∼ 90% of these

events. The very large number of events will determine the ν̄e parameters precisely

(∼ 1% with ∼ 104 events), which will be used to statistically subtract the remaining
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Figure 8.2: Detectable electron (or positron) spectra in Super-K without or with
Gd. The two panels consider different cases for 〈Eνe〉 after neutrino mixing. Other
parameters, including 〈Eν̄e〉 = 15 MeV, are as in Fig. 8.1. Left Panel: For Case (A)
with 〈Eνe〉 = 12 MeV, we focus on the νe + e− signal (solid line) in the forward 40◦

cone. The dotted line shows the large inverse beta background without Gd, and the
dashed lines show the most important backgrounds with Gd. Right panel: For Case
(B) with 〈Eνe〉 = 18 MeV, we focus on the νe+

16O signal (solid line) in the region
complementary to the forward 25◦ cone (note the different angle). The inverse beta
background without Gd is too large to show, and dashed line shows this background
with Gd. Here the signal and background are both due to the Galactic supernova.

inverse beta events. Events from other detection channels can also be statistically

subtracted.

8.3 Supernova νe detection and constraints

We first discuss the typically-assumed range of supernova neutrino spectrum pa-

rameters and show spectra for some representative neutrino mixing scenarios. We

then calculate fits for the neutrino spectrum parameters and show the results for

these and other cases.
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Figure 8.3: Detectable electron spectra in Super-K, ignoring backgrounds, for different
assumed average energies for νe (12, 15, and 18 MeV) to show variants of the signals
in Fig. 8.2. All spectra scale linearly with changes in the assumed total energy in νe.
Other assumptions as above. Note axis changes from Fig. 8.2. Left Panel: For the
νe + e− channel in the forward 40◦ cone. Right Panel: For the νe+

16O channel in
the region complementary to the forward 25◦ cone.

8.3.1 Calculated Detection Spectra

Several cases can be considered for the initial spectra and how they are changed

by neutrino mixing. Our focus is on testing the νe sector. We first note the two

extreme cases that we want to differentiate and then mention some other possibilities.

There are also cases intermediate between the extremes we note. We do not try to

identify these cases in terms of active-flavor neutrino mixing scenarios, given the large

uncertainties in the problem, especially in the initial neutrino spectra. Our focus on

improving the measurements, and the interpretation in terms of supernova emission

and neutrino mixing will come once there is a detection.
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Figure 8.4: Allowed regions (90% C.L. ∆χ2 contours) for the νe spectrum param-
eters determined from the νe + e− and νe+

16O channels separately. The combined
constraints (not shown) closely follow what would be expected visually. The two
panels are for different cases (fiducial parameters marked by an x), matching those
of Fig. 8.2. Dashed lines indicate the contours when Gd is not used, and solid lines
show the improvements when Gd is used. Left Panel: When the νe average energy is
small, here 12 MeV, the νe + e− channel gives a closed allowed region but the νe+

16O
channel only defines upper limits. Right Panel: When the νe average energy is
large, here 18 MeV, both channels give closed allowed regions.

Case (A) has 〈Eνe〉 ≈ 12 MeV and 〈Eνx〉 ≈ 15 – 18 MeV, i.e., there is a hier-

archy of average energies between the flavors initially and neutrino mixing has not

interchanged them (other assumptions are as above).

Case (B) has 〈Eνe〉 ≈ 15 – 18 MeV and one flavor of νx has 〈Eνx〉 ≈ 12 MeV (the

other flavors of νx have 〈Eνx〉 ≈ 15 – 18 MeV), i.e., there is a hierarchy of average

energies between the flavors initially and neutrino mixing has interchanged them.

If the average energy of νx were large and mixing was effective at exchanging the

spectra of antineutrinos instead of neutrinos, this would be evident in the ν̄e + p

spectrum; this is disfavored by the SN 1987A data. If all flavors had a low average

234



E i
eto

t  [1
052

 e
rg

]

<Eie
> [MeV]

 0

 2

 4

 6

 8

 10

 0  5  10  15  20  25  30

x x

solid: Gd
dashed: no Gd

Figure 8.5: Allowed regions (90% C.L. ∆χ2 contours) for the νe spectrum parameters
determined from the νe + e− and νe+

16O channels jointly. Two examples of fiducial
parameters (〈Eνe〉0 = 11 MeV and 〈Eνe〉0 = 15 MeV) are each marked with an x.
The corresponding fit regions are shown without and with Gd.

energy, this would be evident in the ν̄e+p and ν+p spectra (because the ν+p channel

is a neutral-current interaction, its yield is not changed by active-flavor mixing). The

yields of these and other channels can decide everything except the differences between

Cases (A) and (B). That’s the open problem: What is the νe spectrum?

When the νe average energy is high, νe+
16O is a good detection channel; otherwise,

it gives no useful signal because the yields are too small to be detected in the presence

of backgrounds. Typical average energies from supernova simulations are markedly
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lower than the values assumed a decade or two ago, so νe+
16O is now a much less

favorable channel. Besides νe + e− in Super-K, there is no other detection channel in

any existing detector that produces enough identifiable νe events when the average

energy is low. The yield of νe+e− barely changes with changes in the average energy.

Another important change from a decade or two ago is that much lower energies can

be detected, which improves the spectrum shape tests.

The main background for these reactions is the inverse beta events. Some of these

numerous events can be removed using an angular cut, but they still pose a formidable

background. This is shown in the left panel in Fig. 8.2 for the same average energies

as in Fig. 8.1. There are ∼ 128 νe + e− events in the 40◦ cone, but this is swamped

by ∼ 827 inverse beta events. In the absence of neutron tagging, it will be difficult

to extract the νe signal from this background.

However, adding Gd to Super-K has a dramatic effect. Assuming that the effi-

ciency of neutron detection in a Gd-loaded Super-K is 90%, the inverse beta back-

ground will decrease to 83 events. This strongly improves the detection prospects of

νe. The ν̄e spectrum will be well measured by cleanly-identified inverse beta decay

events using neutron detection by Gd. This will allow statistical subtraction of the

backgrounds due to ν̄e+e− and the remaining ν̄e+p events. Liquid scintillator detec-

tors will measure the spectrum of νx from the ν+p channel, which is most sensitive to

the flavors with the highest average energies. This will allow statistical subtraction of

the backgrounds due to the νx + e− channel. These subtractions only lead to modest

increases in the uncertainties of the spectrum shown in the left panel of Fig. 8.2.

The νe+
16O channel is only useful if the νe average energy is large, as otherwise the

yield is too small. Even for a νe average energy of 18 MeV, the backgrounds are still

important. There are ∼ 200 signal events in the whole detector. Excluding a forward

cone of 25◦, ∼ 190 events remain. (The different choice of angle for the forward cone
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is because now we focus on higher energies, for which the angular resolution is better.)

In a detector without Gd, these would be overwhelmed by the ∼ 7071 inverse beta

events, but neutron tagging by Gd will dramatically reduce this background. This

situation is shown in the right panel in Fig. 8.2. Again assuming an efficiency of 90%

in neutron tagging in a Gd-loaded Super-K, only ∼ 707 of the inverse beta events

will remain. This enormous reduction in background will greatly help in isolating the

νe+
16O signal.

Fig. 8.3 shows how the detection spectra for νe + e− and νe+
16O change with

different assumptions about the νe average energy. The yield for νe + e− elastic

scattering depends only weakly on the average energy but that for νe+
16O reaction

changes dramatically. See also Table 8.1. Both channels also have characteristic

spectrum changes as the average energy changes, as shown in Fig. 8.3.

8.3.2 Fits for Neutrino Spectrum Parameters

The detection spectra in Fig. 8.2 show that adding Gd to Super-K will greatly

reduce backgrounds for supernova νe. We quantify the improvement in the deter-

mination of the νe spectrum parameters, 〈Eνe〉 and Etot
νe , by constructing a χ2 and

performing fits. We use

χ2 =
∑

i

(Oi(〈Eνe〉0, Etot,0
νe )− Ti(〈Eνe〉, Etot

νe )

σi

)2

, (8.5)

where Oi(〈Eνe〉0, Etot,0
νe ) are the numbers of events in each bin assuming the fiducial

values of the parameters, Ti(〈Eνe〉, Etot
νe ) are the same allowing different values, and

σi are the uncertainties on the fiducial numbers.

Because all spectra except νe will be well measured separately, here we only need

to fit for the νe spectrum parameters. That is, we fit spectra like those in Fig. 8.3 after
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the remaining backgrounds shown in Fig. 8.2 have been statistically subtracted. In the

χ2 calculation, the numbers of events in the numerator are only those of the signals;

the backgrounds affect the results by increasing the uncertainties in the denominator,

which depend on the numbers of signal plus background events.

Put another way, if we set up a χ2 for the data before the statistical subtractions

(Fig. 8.2 instead Fig. 8.3), then the contributions from flavors besides νe would cancel

in the numerator but not the denominator. More precisely, those cancelations would

occur only on average if typical statistical fluctuations were included.

To determine the allowed regions of parameters when a supernova is detected, we

calculate ∆χ2 relative to various assumed best-fit cases (using ∆χ2 = 4.6 for two

degrees of freedom to obtain the 90% C.L. regions).

Our results indicate the likely size and shape of the allowed regions once a super-

nova is detected. We make some reasonable approximations. The uncertainties on

the initial spectra and the effects of neutrino mixing are large, and the uncertainties

on the neutrino cross sections are moderate. In addition, we are considering only

the time-averaged emission, whereas the average energies may vary during the burst.

The widths of the bins were chosen to have approximately equal numbers of νe + e−

events in each bin (at least ' 10 events per bin). The numbers of events are then

large enough that the Poisson uncertainties can be treated as Gaussian.

In Case (A) from above, there is a hierarchy between the average energies of

different flavors, but their spectra are not interchanged by mixing, so the average

energy of νe is low. We take 〈Eνe〉0 = 12 MeV and Etot,0
νe = 5 × 1052 erg as fiducial

parameters for this case.

If these are the true parameters of the supernova, then the left panel of Fig. 8.4

shows the likely precision with which the parameters would be reconstructed from the

measured data in Super-K without or with Gd. In this case, the primary constraint
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comes from the νe + e− channel. The νe+
16O channel does not have enough events

relative to the backgrounds, though large values of 〈Eνe〉 can be excluded by the non-

observation of a significant number of events. The presence of Gd reduces the size

of the allowed region significantly. With both channels together, the allowed region

would be centered on 〈Eνe〉 = 12 MeV and would range from roughly 9 to 14 MeV.

Thus, with Gd, it would be possible to say that 〈Eνe〉 is different from 〈Eν̄e〉 (which

could be 15 MeV with ∼ 1% precision). This would not be possible without Gd, so

this is an important difference.

In Case (B) from above, there is a hierarchy between the average energies of

different flavors, and their spectra are interchanged by mixing, so the average energy

of νe is high. We take 〈Eνe〉0 = 18 MeV and Etot,0
νe = 5×1052 erg as fiducial parameters

for this case.

If these are the true parameters of the supernova, then the right panel of Fig. 8.4

shows the likely precision with which the parameters would be reconstructed from

the measured data in Super-K without or with Gd. In this case, both channels have

enough events to define allowed regions. The steep energy dependence of the νe+
16O

cross section gives a precise measurement of the average energy, though the large

backgrounds and uncertainties mean that the total energy is not well determined. As

before, the presence of Gd improves the precision, especially for the νe + e− channel.

With both channels together, the allowed region would be very small. It would be

easy to distinguish Case (A) and Case (B); Gd would greatly improve the significance

of this comparison.

The presence of Gd is even more important when the neutrino average energies are

closer to each other. This is seen in some simulations, e.g., Ref. [610], where 〈Eνe〉 ≈

11 MeV, and 〈Eν̄e〉 ≈ 〈Eνx〉 ≈ 15 MeV. Due to the less pronounced hierarchy, it will

be much harder to distinguish scenarios like Case (A) and Case (B).
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Fig. 8.5 shows our results (joint constraints using both channels) for the allowed

regions of the νe spectrum parameters. In this case, the presence of Gd does not

completely separate the 90% C.L. contours, but it comes very close. Without Gd,

the two allowed regions cannot be separated at all, which would significantly degrade

the ability to test the physics.

Recent long-term simulations show that the average energy of the neutrinos can

change during the ∼ 10 sec emission time [598, 666, 667]. The average energy of νe

typically changes from ∼ 12 MeV to ∼ 6 MeV. For a detector like Super-Kamiokande,

it might be difficult to detect this change of average energy. For a future detector

like Hyper-Kamiokande, which will have better precision the spectral properties (see

later), such a difference could distinguished.

8.4 Conclusions

When the next Galactic supernova occurs, it is essential that we have a collection

of detectors that can measure all neutrino flavors well. Without this, we will be

unable to fully address many important questions. What is the total energy emitted

in neutrinos and how is it partitioned among flavors? Are the average energies of the

various flavors different? What do these results say about neutrino mixing and tests

of exotic physics? What do the differences between ν̄e and νe emission tell us about

the neutron-to-proton ratio of the collapsing core?

At present, the only detector with a relatively large yield of νe events is Super-K.

Even so, this is only ∼ 102 events using the νe + e− channel. If the average energy of

νe is large enough, then the νe+
16O channel will have a comparable number of events.

The problem is the background of ∼ 104 events from the inverse beta channel, ν̄e + p.

This background can be reduced for νe + e− using an angular cut, but not enough.
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We demonstrate in detail a new technique to reduce backgrounds for both the

νe + e− and νe+
16O channels. If Super-K adds Gd to improve the detection of ν̄e + p,

then ∼ 90% of these events will be individually identified through detection of the

neutron radiative capture on Gd in close time and space coincidence with the positron.

This would dramatically reduce backgrounds for other channels. The remaining back-

grounds can be statistically subtracted using independent measurements.

We show that the νe spectrum parameters, 〈Eνe〉 (average energy) and Etot
νe (total

energy), can be measured to ∼ 20% or better if Super-K adds Gd. This is a significant

improvement over the capabilities of Super-K without Gd. (For comparison, the

precision for νx in existing scintillator detectors is comparable, and the precision for ν̄e

in Super-K will be ∼ 1%.) Further, this improvement could be the difference between

being able to answer essential questions or not. Unless very large liquid argon or liquid

scintillator detectors are built, then we have no other way to adequately measure the

νe spectrum.

Future extremely large water Cherenkov detectors like Hyper-Kamiokande would

have a dramatic impact on detecting supernova νe using this technique. The ∼ 25

times larger volume would reduce the uncertainty on the νe parameters by factor of

∼
√

25 = 5. This requires using Gd in Hyper-Kamiokande, the prospects of which are

prominently considered. (This would also require a new very large liquid scintillator

detector [623,624] to for improved measurements of νx using the ν + p channel.)

This new method of determining supernova νe would help improve our understand-

ing of supernovae and neutrinos in many ways. It provides yet another motivation

for Super-K to add Gd. Given how infrequent Galactic supernovae are, it is essential

that the opportunity to measure νe well not be missed.
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Table 8.1: Expected numbers of events in Super-K for a Galactic supernova at a
distance of 10 kpc for different values of the neutrino average energy (we do not
round the numbers so that small differences remain visible). The total energy of
the supernova is assumed to be 3× 1053 erg, equipartitioned among all flavors (here
νx = νµ + ντ ). The detection threshold during a burst is assumed to be Te = 3 MeV.
Other interactions with oxygen are neglected because their yields are small compared
to that of inverse beta decay.

Detection channel 12 MeV 15 MeV 18 MeV

νe + e− → νe + e− 188 203 212

ν̄e + e− → ν̄e + e− 56 64 70

νx + e− → νx + e− 60 64 68

ν̄x + e− → ν̄x + e− 48 54 56

νe+
16O → e−+16F∗ 16 70 202

ν̄e + p→ e+ + n 5662 7071 8345
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Chapter 9

Conclusions

In this thesis, we discussed various different work on dark matter and neutrinos.

The work on dark matter covered indirect detection and direct detection. The work

on neutrinos covered non-standard properties of neutrinos, high energy astrophysical

neutrinos, and supernova neutrinos.

Due to rapid experimental progress, some of the work presented in this thesis

already has important updates. Here we summarize the chapters and then present

some more experimental advances that have been made.

In Chapter 2, we showed that galaxy clusters can be a promising target for dark

matter search in neutrinos. An important result from that work is that optimization

of the angular region of interest to obtain the best signal to noise ratio is important

while searching for dark matter annihilation in clusters. The results of this chapter

have been confirmed by the IceCube collaboration [11]. We emphasized the impor-

tance of cascade detection of neutrinos from dark matter targets which have a wide

extension. Although KM3NeT has not been built to use its expected improved angu-

lar reconstruction of cascades, IceCube has shown great improvements in its angular

reconstruction of cascades at higher energies [15]. It is expected to improve further

as the IceCube collaboration improves its understanding of the detector.
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Chapter 3 discusses the constraints on dark matter that can be obtained from

measurements of radio signal near the Galactic Center. We considered two anni-

hilation channels γ − Z and γ − h in that work and showed that present or near

future radio telescopes can put competitive limits on dark matter annihilation from

the Galactic Center. The improvement of the diffusion treatment near the Galactic

Center and improved knowledge of the magnetic field and interstellar radiation field

is required to decrease the uncertainties in these constraints. Recent measurements

near the Galactic Center imply that the magnetic field near the Galactic Center is

quite strong [668]. Recent measurement of the boron to carbon ratio by the PAMELA

collaboration will be useful to constrain the diffusion parameters [669].

The isotropic diffuse gamma-ray background can be used to constrain dark matter

annihilation. Typically there is a degeneracy in the annihilation cross section and

clumping factor in the obtained constraints. However, given a tentative signal, one

can use this data to calculate the minimum dark matter halo mass which controls the

clumping factor. We used this idea in Chapter 4 for two different kinds of potential

signal from dark matter annihilation: a spectral line and a continuum of gamma

rays. The constraints found in the chapter are competitive and are applicable to

any particle physics dark matter model. The conclusions of the paper have been

supported by recent works [670,671].

Recent astrophysical observations have hinted at strong self-interaction property

of dark matter. A predictive way to obtain such strong self-interactions for nonrela-

tivistic systems is to have a narrow near threshold resonance. This predicts formation

of bound states and all the properties in this model are controlled by the large s-wave

scattering length. We calculated the nuclear recoil signal from such a dark mat-

ter bound state colliding with nuclei in dark matter direct detection experiments in
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Chapter 5. If such a nuclear recoil spectrum is observed in future direct detection ex-

periments, then it will be a simultaneous verification of bound states of dark matter

and strong self interaction of dark matter. Whether astrophysical measurements sup-

port a core or a cusp in the Galactic Center is still a matter of active debate [672,673],

but there is active research into dark matter self-interaction properties.

In Chapter 6, we discussed the constraints on non standard properties of neutrinos.

We considered a light Abelian gauge boson coupled to neutrinos and charged leptons.

Strong constraints can be obtained in the model from laboratory measurements of

Z-decay, W-decay and kaon decay. Neutrino scattering on electrons as obtained from

solar neutrino experiments can also provide very strong constraints on this model.

Chapter 7 discusses the recently detected PeV neutrino cascade events in great

detail. We show that combining the observations with constraints on the neutrino

spectrum, both at higher and lower energies, can give a lot of information on the

underlying neutrino spectrum. We also show the usefulness of cascade searches while

considering a diffuse signal. Until now, IceCube has found a total of 37 neutrino

candidate events [15,674]. The highest energy event is now∼ 2 PeV and no convincing

evidence of association with any astrophysical source has been put forward. The

encouraging rate of neutrino events collected is promising and it is expected that

these neutrinos will help us unlock some of the many secrets of the Universe.

We discuss the observation of supernova νe in a Gadolinium loaded Super-Kamiokande

detector in Chapter 8. Using present detectors it is very hard to detect this neutrino

flavor. We show that Super-Kamiokande loaded with gadolinium can constrain the

neutrino spectrum with ∼ 20% accuracy. There is active research on addition of

gadolinium in Super-Kamiokande [675]. There is active planning for future large

water Cherenkov detectors [676].
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We hope that the work done in this thesis will be useful for future research. Close

interplay of theory and experiment is required to detect and understand the differing

properties of these particles. Understanding both these particles in detail will help

us in resolving many outstanding problems in both astrophysics and particle physics.
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